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Abstract

The use of colour-magnitude diagrams (CMDs) has beencentral to the study of stellar evolution

since the �rst time such a diagram was plotted. Today, nearly one hundred years later, their use

is still as fundamental to uniting theory with observation as it was then. In this thesis the useof

CMDs in the study of PMS evolution and star formation is explored.

By combining archival X-ray data with V I CMDs low-massPMS stars are identi�ed in Vela

OB2 and the young cluster Collinder 121 (Cr 121). In the latter of these,the number and location

of the PMS stars on the CMD in conjunction with modelsof PMS evolution are usedto help resolve

a long standing controversy over the nature of Cr 121. Cr 121 is con�rmed as a young cluster at

a distance of just over 1 kpc.

The useof CMDs for selectingunbiasedsamplesof low-massPMS stars in OB associations is

then explored. Radial velocities are usedto assessmembership of the � Orionis young group across

a sampledrawn from a broad region of colour-magnitude space. It is found that samplesselected

from the expected PMS region of an RI CMD along this sight-line will not exclude signi�can t

numbers of bona-�de association members that fall outside the selection region. It is also found

that such selectionswill not be subject to severe contamination by non-members at magnitudes

brighter than I = 17.

Finally, simulations on RI and V I CMDs are usedto assessthe importance of photometric

variabilit y on timescalesof 1-4 years, binaries and photometric uncertainty in the production of

apparent age spreadson the CMDs of 2 OB association-lik e environments: the � Orionis young

group and the Cep OB3b association. It is found that such e�ects can account for about half of

the observed spreadin the caseof the � Orionis young group, but only about one twentieth of the

observed spreadin the Cep OB3b association.
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1 In tro duction

The twentieth century witnessed tremendous progress in the formulation of a quantitativ e un-

derstanding of stellar evolution. It was the marriage of theoretical physics with observational

astronomy that led this progress.This occurred �rst when gaslaws wereapplied to stellar models,

and culminated with the identi�cation of the energy sourcefor stars. Central to this processwas

the abilit y to comparetheoretical predictions with the observable properties of stars.

The simplest observations that can be madeof a star are its colour and its brightness. These

can be plotted against each other in a colour-magnitude diagram (CMD). The analogueof a CMD

in the theoretical plane is the Hertzsprung-Russell(H-R) diagram, which plots luminosity against

e�ectiv e temperature. It was thesediagrams, constructed for large samplesof stars, that provided

the observational basis for theories of stellar evolution. As will be discussedlater, when the �rst

diagrams of this kind were plotted they immediately in
uenced the dominant theories of the day.

Figure 1.1 shows a schematic of the H-R diagram for a sample of stars at a range of ages.

The line labelled main-sequenceis now known to represent a line of hydrostatic equilibrium for

hydrogen burning, when the pressurecreated by energy releasein the core supports the stellar

atmosphereagainst its own weight. The various other populations labelled on this plot represent

di�eren t post-main sequenceevolutionary states for di�eren t massstars. A star's main-sequence

life ends when it has consumedall the hydrogen in its core, and it ceasesto be in hydrostatic

equilibrium. A star's main-sequencelife begins when it �rst reacheshydrostatic equilibrium as a

result of core hydrogen fusion. This is when it arrives on the zero-agemain sequence(ZAMS).

Prior to this it is called a pre-main sequence(PMS) star, and it is the study of these objects on

CMDs that will be the subject of this thesis.

As a PMS star ages,it movesacrossthe H-R diagram toward the ZAMS. The nature of this

progressionwill be discussedlater in this chapter. For the time being it is su�cien t to say that a

PMS star is over-luminous for its temperature as comparedto the ZAMS. The younger the PMS

star, the more over-luminous it is. As such, a group of coeval PMS stars will be distributed to

the right of the ZAMS on a H-R diagram or CMD. This property allows candidate PMS stars

to be identi�ed by their location on such a diagram. The con�dence in such identi�cations may
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Figure 1.1: A schematic of a H-R diagram for a large number of stars at a range of ages. Taken
from website URL:http://zebu.uoregon.edu/ imamura/208/jan23/hr.h tml.
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be improved by combining this information with ancillary corroborating evidence, examples of

which will be discussedlater. By studying the distribution and location of PMS stars on a CMD,

information regarding the ageand distance of young groups of stars may be obtained. The CMD

may also be usedin the selectionof samplesfor studying fundamental problems in star formation,

such as measuringthe initial massfunction (IMF) or obtaining star formation histories.

This thesis will demonstrate that the CMD remains one of the most powerful tools for

answering questions of stellar evolution, speci�cally those regarding the origins of stars. The

remainder of the intro duction will explore the early history of the H-R diagram, and how its use

helped shaped the theories of the day. This will be followed by a brief overview of the earliest

stagesin the life of a low-massstar up to its emergenceasa PMS star. The progressof a PMS star

acrossthe H-R diagram towards the ZAMS will then be described, and this chapter will conclude

with a brief discussionregarding the di�eren t methods of identifying PMS stars.

Chapter 2 describes a short project in which X-ray data was used to identify likely PMS

stars in the direction of the Vela OB2 association. The motivation for this work was to provide a

control �eld to assessthe signi�cance of the discovery by Pozzoet al. (2000) of a group of PMS

stars in the vicinit y of 
 Velorum. The number of PMS stars identi�ed in this control �eld supports

the suggestionthat the PMS stars identi�ed by Pozzo et al. (2000) represent a cluster centered

on 
 Velorum. The sametechnique is used again in Chapter 3 to identify candidate PMS stars,

which trace the locus of a PMS along a sight-line towards Collinder 121 (Cr 121). In this case,

the CMD is not only used to identify low-massPMS stars, but also to discern their distance and

age. By considering the higher massstellar membership of the groups along this sight-line, and

the number and distribution of low-massPMS objects on the CMD, it is argued that Cr 121 is a

compact young cluster at a distance of just over a kilo-parsec.

The latter part of the thesis concentrates on how CMDs can be used in the study of key

questions in star formation. One of the great potential usesfor the CMD in the study of star

formation is that of selectingsamplesof PMS stars when constructing the IMF for young clusters

and OB associations. However, before a sample of PMS members of a group can be selected

by location on a CMD the degreeof contamination within the selection region by non-members,

and the number of members that lie beyond said region must be estimated. In Chapter 4 radial

velocities are used to identify likely members and non-members of the � Orionis young group in
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a sampledrawn from a broad region of an RI CMD. It is found that a sampleselectedfrom the

expected PMS region of the CMD would not be subject to signi�can t contamination, nor would

it exclude a signi�can t number of members. As part of this project the use of the Na i doublet

at 8183,8195�A as a two-pronged diagnostic for very low-massPMS stars and brown dwarfs was

investigated. The two ways in which this doublet can be usedare: a) for deriving radial velocities;

b) as a low-gravit y indicator as the strength of the Na i absorption is gravit y sensitive.

In Chapter 5 the focus movesaway from sampleselectionand we considerthe CMD's role in

answering another key question of star formation. One of the signi�can t unanswered questionsin

star formation is how long it takes. The presenceof agespreadsin young clusters and associations

hasbeenusedasa key pieceof evidenceon both sidesof a debateas to whether star formation is a

rapid or slow process.The majorit y of observed agespreadsare in fact, in their raw form, spreads

in colour-magnitude space.Such spreadscould ariseasa result of a number of other factors, oneof

which is photometric variabilit y. The results of Chapter 4 are usedto make a photometric selection

of PMS objects in the � Orionis young group. By using 2 epoch observations of this sampleand

a sampleof PMS objects in the Cep OB3b association the in
uence of photometric variabilit y on

the extent of the observed spreadson CMDs is assessed.The �nal chapter contains a discussionof

the key results obtained in this thesis, and a description of future lines of enquiry that have been

openedup by the projects described here.

1.1 The birth of the most powerful plot in mo dern astron-
omy

It is widely accepted that the Hertzsprung-Russell (H-R) diagram represents one of the most

powerful synthesesof modern astronomy. The H-R diagram relates the luminosity of stars to their

e�ectiv e temperature, and was arrived at through the e�orts of a number of astronomers in the

early 20th century , including Ejnar Hertzsprung and Henry Russell. Also fundamental to this was

the timely recognition that the di�erences in the spectra of stars could not be explained simply

by varying chemical abundances.This was apparent in the continuous nature of the spectral type

sequencingcompared to the complexity of the optical spectra of atoms, now being understood

in terms of Bohr's theory of spectra (Bohr, 1913). This provided the theoretical motivation for
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identifying which stellar parameters were responsible for the continuous progression of optical

spectra from early to late spectral types. This realisation, that the key quantities that determined

the spectral type of a star werepressureand e�ectiv e temperature, wascrucial to the advancement

of stellar astrophysics.

Shortly after 1895,whilst working under Pickering at Harvard, Annie Cannon was the �rst

to order the spectra of stars into the sequenceof spectral types that we usetoday. Shesequenced

them such that the changeswerecontinuouswith respect to nearly all lines, rather than sequenced

by the strength of the hydrogen absorption lines (North, 1994). It becameapparent that the

change in the spectra was mirrored by a change in colour, and there was a strong suspicion that

this re
ected a change in temperature1. It was thought that the stars shone from gravitational

contraction, and would cool over their lifetimes. So it made sensethat those spectral typeswhich

corresponded to the bluest and thus youngest stars should be referred to as the early-types and

those that corresponded to the reddest stars should be referred to as the late-types. It was also

widely held at that time that stars might be expected to dim as they cooled, and such speculation

motivated astronomersto try and relate the coloursof stars to their intrinsic radiance. The greatest

hurdle to such studies was the problem of obtaining reliable parallaxes for a su�cien t number of

stars. As a result a great proportion of the astronomical endeavour of the late nineteenth and early

twentieth century was concernedwith this problem.

In the late nineteenth century a number of astronomers had attempted to investigate the

problem of stellar evolution through the useof spectral types,proper motions and parallaxes. In

particular Monck (1892, 1895, 1898) identi�ed that, on the whole, stars of earlier spectral type

had smaller proper motions than those of later type. However, Monck had relatively few stars of

late-type with known proper motions, and when the spectral typeswere listed in the order of their

inferred brilliance (B,A,K,M,F,G; Monck, 1898), it contradicted the continuous sequence,and the

current evolutionary paradigm. In addition to making oneof the �rst attempts to �nd correlations

between luminosity and spectral type, Monck also suspected the existenceof two classesof later

type star, \one dull and near us and the other bright and remote" (Monck, 1895). However, his

1That the di�eren t spectral types of stars were due to a temp erature sequence,however, was not con�rmed until
1921, through the application of Saha's equation for ionisation in stellar atmospheres to the observed lines strengths
in stellar spectra.
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sample did not contain any faint M-t ype stars with known proper motions, and he did not trust

the parallaxes of the time (Nielsen, 1963). As a result this discovery passedover Monck, and had

to wait until good quality parallaxeswere available for more stars.

This wasnot very long in coming: in 1905and 1907,Ejnar Hertzsprung published tabulated

data on the spectral types and luminosities of nearby stars that had well determined parallaxes,

deriving his work from data that had already beenpublished by other astronomers. He published

these works in the Zeitschrift f•ur wissenschaftliche Photographie (Journal of Scienti�c Photogra-

phy), and thesediscoverieswent nearly unnoticed by the astronomical communit y until they were

republished in Astronomische Nachrichten in 1909. In theseclassicworks he noted similar trends

and correlations to thosefound by Monck, including the existenceof two classesof stars, the giants

and the dwarfs. This time, however, the sequencingof the spectral types in terms of brilliance

matched the continuoussequencethat had beenarrived at by Annie Cannon. His subsequent work

concentrated more on photometry, and spectrophotometry, utilising photographic plates he had

taken using telescopesat Copenhagen,Urania-Observatory, G•ottingen and Potsdam to obtain ef-

fective wavelengthsand magnitudes. Hertzsprung had taken theseplates with a di�raction grating

placed in the optical path, such that each image of a star also had a crude spectrum associated

with it. This was used to �nd the wavelength of peak brightness, which was referred to as the

e�ectiv e wavelength. It is not clear when he �rst started to plot data of this sort graphically, but

certainly by 1908he had a working versionof a diagram, relating e�ectiv e wavelengthto magnitude

for the Pleiades (Tassoul& Tassoul,2004). Even so, it was not until 1911 that such a diagram

was published, along with diagrams for the Hyades, Praesepe and the Coma Berenicescluster

(Hertzsprung, 1911). This paper represents the �rst publication of a colour-magnitude diagram

(CMD). Figure 1.2 shows Hertzsprung's CMDs for the Hyadesand the Pleiadespublished in his

paper of 1911.

At around the sametime asHertzsprung wasconstructing his �rst CMDs, Henry Russellwas

involved in a programme to obtain parallaxes for a large number of stars. In a paper of 1910he

publishedmore than 50new parallaxes,and equipped with new spectral typescourtesyof Pickering

and Cannon at Harvard, noted the relation between spectral type and absolute magnitude, and

the existenceof two luminosity classesof late type stars (Russell,1910). At the time of writing this

paper it would seemthat Russellwas unaware of the work that had beencarried out on the other
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Figure 1.2: Hertzsprung's magnitude-e�ectiv e wavelength diagrams for the Hyades(top) and the
Pleiades(bottom). The abscissafor the Hyadesplot are apparent magnitude (top) and absolute
magnitude (bottom), and for the Pleiadesit is just apparent magnitude. The ordinate axis in both
casesis the e�ectiv e wavelength in �Angstr•oms (Hertzsprung, 1911).
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sideof the Atlantic relating the coloursof stars to their intrinsic brightness. In the summerof 1910,

a colleagueof Hertzsprung's, oneKarl Schwarzschild, attended a meeting of the Astronomical and

Astrophysical Society of America at Harvard. It was at this meeting, where Russell presented his

paper on parallaxes, that Russell �rst becameaware of Hertzsprung's e�orts, and he was soon

supplied with reprints of Hertzsprung's work (Nielsen, 1963). Although Hertzsprung published

his �rst CMD in 1911, it was not until June 1913 that Russell presented his �rst spectral type

versusabsolute magnitude diagram (Figure 1.3), at a meeting of the Royal Astronomical Society

in London (Russell, 1913).

Both Hertzsprung and Russell interpreted the existenceof two classesof late-type star in

terms of evolutionary sequences,but in quite di�eren t ways. Hertzsprung interpreted the two

sequencesas two distinct seriesof evolution, one more luminous than the other. In both series

the stars collapsefrom nebulae to form hot blue early stars, which then cool through the colour

sequenceto becomered, late stars, and �nally dim to extinction. This sequencingof evolution had

its roots in the ideas of Z•ollner, who proposedin 1865 that stars begin life as gaseousplanetary

nebulae, which then contract and cool to becomehot young, blue, stars, which were believed to

be liquid sphereswith solid crusts (Tassoul& Tassoul,2004). This wasa purely phenomenological

picture of stellar evolution. On the other hand, Russell's interpretation bore more resemblance to

the evolution proposedby the likesof A. Ritter and Norman Lockyer.

Ritter (1883) had proposeda model for stellar evolution which wasentirely rooted in theoret-

ical considerationsof the gaslaws2. Within this model the evolution of a star could be considered

asconsistingof three principal stages.Initially the gravitationally contracting star is of su�cien tly

low density that it is essentially transparent to radiation. As such the luminosity increaseswith

the temperature as the star contracts. During the secondphasethe opacity of the stellar gas is

much higher, and Ritter now consideredit as a sphereof ideal gas in convective equilibrium. As

such the previously large red star dims as it continuesto contract and becomesa small, hot, blue

star. Ritter's model then requires the star to ceasebehaving as a perfect gas at somepoint, and

the star enters the third phase of its evolution. During this phase the temperature of the star

falls, so that the oncehot, small, blue star cools and dims to a small, cool, red star and eventually

2A translation of this work was published in Astroph ysical Journal in 1898 (Ritter, 1898)
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Figure 1.3: Henry Russell's �rst diagram plotting spectral types in the Harvard system on the
abscissaand absolute magnitudes on the ordinate axis. The di�eren t symbols denote di�eren t
quality parallaxes: large circles denote parallaxes with an uncertainty of less than 42%; small
circlesdenote larger uncertainties; �lled circlesdenotestars with multiple parallax determinations;
open circles denote stars with single determinations (Russell, 1913).
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becomesextinct. An interesting feature of Ritter's model, in the light of modern thinking, is that

he connectedthe massof a star to its maximum temperature with only the most massive stars

achieving the highest temperatures. At around the sametime Sir Norman Lockyer proposeda the-

ory of stellar evolution that closely resembled that of Ritter, with two main di�erences (Lockyer,

1887). Firstly Lockyer held that all stars follow the sameevolutionary path, regardlessof their

mass. SecondlyLockyer's theory incorporated within it an explanation as to the initial formation

of stars. Like many of Lockyer's ideas, this one was, in many ways, far aheadof its time.

Lockyer (1887) proposed that stars form from the condensation of meteor swarms under

gravit y. As a swarm collapses,the heat generatedby collisions within the distended young star

causesits temperature to rise, and its colour to changeslowly from red to blue. As the temperature

risesthe meteorsare vapourisedand dissociated into proto-elements3. Oncethe meteoritic material

is vapourised, the heating due to collisions no longer heats the contracting star, and it begins to

cool from blue to red, and eventually ceasesto shine. As such Lockyer attempted to identify two

typesof red star, thosethat werecontracting and heating (the giants), and thosethat werecooling

(the dwarfs). His method, which proved unsuccessful,was to study minor details in their spectra

(Nielsen, 1963).

In his paper of 1887 Lockyer noted many similarities in the spectra of meteors and comets

when compared to the spectra of somelate-type stars and somenovae. He concluded that these

stars were \not massesof vapour like our Sun, but cloudsof incandescent stones", and represented

\the �rst stageof meteoric condensation" (Lockyer, 1887). This so-calledgiant-and-dwarf theory

of stellar evolution was widely opposed when it was �rst suggested,not least becausethe cold

starting point seemeda needlesscomplication, for which there was little credible evidenceat the

time. On the other hand, the prevailing theory of the day, that basedon the ideasof Z•olner, had

the sequencingof spectra and colours to support it.

The publication of Hertzsprung's and Russell'sresults in 1911and 1913proved to be a huge

boost for the giant-and-dwarf theory of stellar evolution. The recognition by Russell (1914) that

3Another of Lockyer's great ideas was his dissociation hypothesis. Lockyer (1878b,a) prop osed that at the high
temp eratures in stellar atmospheres, atoms would break down to become what he termed \proto-elemen ts". This
was the term he used to describe the originators of the many unidenti�ed lines seen in the spectrum of the Sun.
This insight is particularly impressive when one considers that at the time the atom was considered indestructible,
and it was not until the 20th Century that the proto-elements were identi�ed as ionised metals.
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the averagemassof the bluest stars wasmuch higher than that of the redder type stars led him to

re-iterate the suggestionby Ritter (1883) that the maximum temperature achieved by a star was

determined by its mass,with only the most massive achieving spectral typesA and B. This result

also seriously damagedthe casefor the previously acceptedtheory, as it required stars to lose a

great deal of massas they cooled.

The �nal nail in the co�n of the previously accepted theory came from observations of

eclipsingvariable stars. The work of Shapley(1913) demonstrated that whilst nearly all the early-

type stars observed had high density, the later type stars could be divided into two groups, those

with density similar to the Sun, the dwarfs, and thosewith much lower density, the giants. Russell

(1914) cited this as evidencethat the giants were in a more primitiv e state, as expected by the

giants-and-dwarfs theory. The proponents of the ideasof Z•ollner were unable to incorporate these

observations into their theory.

The old idea of a hot birth and a cool death for stars had beensupersededby the new theory

of a cold birth and cold death. The diagrams produced by Hertzsprung and Russell had played a

key role in this change. However, this is not the revolution in stellar astrophysics with which the

H-R diagram is usually credited. Indeed, it was soon to be shown that Russell's ideas on stellar

evolution were fatally 
a wed, and a key tool in the continuing study of stellar evolution were the

diagrams that Hertzsprung and Russelland pioneered.

1.2 Colour-magnitude diagrams and the mo dern theory of
stellar evolution

Nearly ten yearsafter Russellhad published his �rst diagram, cracks were starting to show in his

dwarf-and-giant model of stellar evolution. In 1922 Hertzsprung published data on 734 mostly

northern hemispherenaked eye stars, which, for the �rst time, facilitated a more detailed inves-

tigation of the upper part of the H-R diagram (Hertzsprung, 1922). What was revealed was a

dearth of stars in the region betweenthe main sequenceand the giant sequence.This region, now

known as the Hertzsprung Gap, did not �t with the hitherto acceptedgiant-and-dwarf theory. For

Russell's theory to survive, it required that the evolution acrossthis region of the H-R diagram

proceedvery rapidly, so as to explain why few stars were observed there. This was an idea that
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Hertzsprung was not terribly comfortable with (Water�eld, 1956).

If the identi�cation of the Hertzsprung Gap had badly injured Russell's theory, it was the

derivation by Eddington (1924) of the mass-luminosity relation for stars that �nally buried it.

Eddington's relationship betweenmassand luminosity assumedthe star behavesas a perfect gas,

an assumption which �tted well with the giant stage in Russell's stellar evolution. Recall that

according to the giant-and-dwarf theory it is the departure from the perfect gasbehaviour at very

high densities that de�nes the transition from collapsing giant to static, cooling dwarf. Already

studies of the massesand absolute magnitudes of stars in binary systemshad given results that

were hard to reconcilewith this transition.

Both Russellet al. (1923) and Hertzsprung (1923) had found that both giant stars and dwarf

stars appeared to form part of the samesequencewhen their masseswere plotted against their

absolute magnitudes. Whilst Russell interpreted this in terms of a statistical relation betweenthe

massesand absolute magnitudes of binary systems,Hertzsprung, who was already uneasyabout

the merits of the giant-and-dwarf theory (Water�eld, 1956), passedhis data on to Eddington.

Eddington (1924) re-plotted the data of Hertzsprung (1923) along with data from his own obser-

vations, and found that his relation could correctly predict the absolute magnitude of all the stars

included in his test, regardlessof giant or dwarf classi�cation. He concluded that \under stellar

conditions matter should be able to contract to an enormouslyhigh density beforedeviations from

the laws of perfect gas becomeappreciable". The conclusion was that the decreasingluminosity

that is observed asonemovesfrom early to late type stars on the main sequenceis due to decreas-

ing mass,rather than decreasingcompressibility, as was suggestedby Ritter's theory. Thus, if it

was to be assumedthat the massof a star remains the essentially the samefor its lifetime, the old

interpretation of the H-R diagram would have to be abandoned. Although Eddington accepted

that the current sequenceof evolution of a star on the H-R diagram could be saved if it was as-

sumedthat a star \burns itself away in liberating sub-atomic energy", the coreassumptionsof the

associated theory were now untenable. Eddington could not o�er a new explanation for the form

of the H-R diagram, but he correctly identi�ed that this would have to wait for an understanding

of the energy sourceof the stellar interior (Eddington, 1924).

In the yearsfollowing the publication of the �rst H-R diagramsa number of other astronomers

beganconstructing similar diagramsfor a wider selectionof clusters. Of particular note wasHarlow
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Shapley, who publisheda seriesof 17paperson the subject of stellar clustersbetween1917and 1921.

His CMDs demonstrated the di�erence in populations betweenglobular clusters and open clusters

(Shapley, 1917a). They also showed di�erences between open clusters, with some showing an

absenceof bluer stars (Shapley, 1917b). Whilst Shapley'swork focusedpredominantly on globular

clusters, and in particular determining their distances, the seminal works on the classi�cation of

open clusters using H-R diagrams were to be written by Robert Trumpler.

In Trumpler's 1925paper, 52 open clusters were investigated and classi�ed by the forms of

their H-R diagrams. Figure 1.4 showsTrumpler's diagram that illustrated his original classi�cation

scheme. The classi�cation schemeused two principal classesbasedon whether or not giant stars

were present in the cluster. Those without giants were type 1, whilst those which contained giant

starsweretype2. Thesetwo classeswerethen subdivided basedon the spectral typeof the brightest

dwarf stars. What Trumpler found was that there existed only certain subdivisions within each

class. In his initial 1925paper he found only types1b, 1a, 2a and 2f. His observation that clusters

that contained B stars did not contain giant stars, and that clusters that contained giants stars did

not contain B stars seemsobvious in terms of the modern theory of stellar evolution. Trumpler

also recognisedthat his classi�cation of clusters had something to say about stellar evolution.

Trumpler, whoseunderstanding of stellar evolution was dominated by the model advocated

by Russell, supposedthat the reasonthat clusters containing B stars had no giants was that the

massive B stars took so long to becomedwarfs that no yellower giants remained by this stage.

Trumpler recognisedthat the relationships he saw betweenhis classessuggestedthat there could

not be a single path of evolution for all clusters if Russell's model of stellar evolution were used.

Instead Trumpler suggestedthat the evolution of the H-R diagram of a cluster depended on the

massof the most massive stars in the cluster. Figure 1.5 shows a diagram, from his 1925 paper,

which indicates which classeshad intermediate stagesseparating them, and thus may have been

adjacent stagesof evolution. It wasbasedon theserelationships that Trumpler attempted to devise

an evolutionary sequence.

Firstly Trumpler suggestedthat only the clusters which contained the most massive stars

would reach class1b. He further contended that the most massive stars must evolve most slowly,

and so it followed that where there were dwarf B stars, there were no yellow giants. His scheme

of evolution was roughly as follows. The evolution of a massive cluster would pass from some
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Figure 1.4: The scheme for the classi�cation of open clusters by the form of their H-R diagrams
as laid out by Trumpler (1925).
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Figure 1.5: The diagram from Trumpler (1925) indicating which classesof cluster appearedto have
intermediate stagesbetweenthem.
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as yet unidenti�ed class3 state through class2a to 1b and thence toward 1a, 1f and so on. An

intermediate masscluster, on the other hand, would pass from state 3 through class2a to class

1a and then towards 1f and so on. Clusters consisting of only low massstars would be expected

to pass through class 2f toward 1a or 1f and then toward cooler type 1's. Trumpler had few

casesto support this latter progressionhowever. He explains that his reluctance to accept the

singular evolutionary path that might have beentempting under the contemporary ideasof stellar

evolution, that is 2f-2a-1b-1a-1f,is because\the transition from 2a to 1a is speaking against such

an interpretation, and this transition is indeedvery gradual and well represented". Trumpler later

extended the scheme by identifying class3, where giants were more numerous than dwarfs, and

by including sub-classeswhere the brightest spectral types were O and O-B (Trumpler, 1930).

Trumpler's work represented the �rst time that the evolution of the stars was related to di�eren t

forms of the H-R diagram for clusters. However, the paradigm within which he interpreted the

relationships between the classeswas already under attack when he had written his paper on the

matter in 1925.

The pioneering work of Payne (1925) and Russell (1929) �nally established that hydrogen

was by far the most abundant element in the Sun and other stars4. This allowed Str•omgren

to begin constructing a quantitativ e theory of stellar evolution basedon Eddington's theoretical

considerationsfrom 1924(Str•omgren,1932,1933). In his 1932paper he found that the luminosities

of starscould only bereproducedif the molecularweight weremuch lower than the valueof � � 2:11

usedby Eddington, and nearer to that implied by the new abundances,� � 0:5.

In both papers Str•omgren related the evolution of the properties of stars to their location

on a H-R diagram. In his 1933paper he identi�ed that if a star slowly transformed hydrogen to

helium, though the details werenot known, it would gradually move away from the main sequence

upwards and towards the right of a H-R diagram. This wasin direct contradiction of the previously

acceptedmodel of how a star would move on the H-R diagram as it aged. Figure 1.6 shows the

evolutionary tracks, or lines of equal massderived by Str•omgren (1933) along with lines of equal

composition. It was thus concluded that rather than being very old, as had been thought by

4The balance of opinion at the time was against a high abundance of hydrogen and helium, due to what it
implied for the current paradigm of stellar evolution. This was so much so that Cecilia Payne wrote o� her results
in this respect as an anomaly, as evidence in her conclusions: \the stellar abundance deduced for these elements is
improbably high, and is almost certainly not real".
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Trumpler, open clusters were in fact relatively young.

The theoretical work of Str•omgrenwas�nally united with the observational work of Trumpler

by Kuip er (1937). Kuip er compared the theoretical tracks of Str•omgren to the H-R diagrams

for open clusters produced by Trumpler. Figure 1.7 shows the superposition of Trumpler's H-R

diagrams usedby Kuip er for this comparison. The sequencesshown in Figure 1.7 bare a striking

resemblance to the lines of equal composition in Figure 1.6. Kuip er thus demonstrated that the

di�eren t Trumpler classesof open cluster were in fact related by di�ering compositions, and by

implication di�eren t ages,but that the stars within a cluster all shared the same composition.

Despite the fact that the theory behind theseconclusionsincluded no details as to how energywas

produced in a star by transforming hydrogen to helium, it laid down a new sequencefor stellar

evolution that could be built upon. The power of the H-R diagram for bringing together theory

and observation had been �rmly established. When the modern models of stellar evolution were

developed, in the light of the work of Bethe (1939) and Sch•onberg & Chandrasekhar(1942), during

the secondhalf of the twentieth century , it was the comparisonof theoretical with empirical H-R

diagrams that both constrained and drove the theories.

1.3 An overview of low-mass star formation

It should now be clear that very quickly after its conception,the H-R diagram becamethe principal

observational tool in the study of stellar evolution. A particular strength of this tool was the fact

that it allowed the observable properties of large groups of stars to be studies at once. It is just

this kind of statistical study of PMS populations that will be explored in this thesis. For now

though, the discussionwill move on to examinehow the early life of a low-massstar is thought to

proceed. This discussionwill focus on the observational characteristics of the phasesof the star

formation process.It will begin when the self-gravitating molecular cloud corehasalready formed,

and will follow the processthrough to the low-massstar's arrival on the zero age main sequence

(ZAMS). The discussionof what leads to the formation of the self-gravitating cloud core will be

neglected, however a good review of the kinds of instabilit y that warrant consideration may be

found in Stahler & Palla (2004)

Starless, pre-stellar cores are generally consideredas the earliest observable stage of star
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Figure 1.6: The diagram from Str•omgren (1933) showing how a stars location on a H-R diagram
might be expected to changeas it converted hydrogen to helium. The solid lines are lines of equal
hydrogen content, or isochrones, whilst the dashedlines are lines of equal mass,or evolutionary
tracks.
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Figure 1.7: The superposition of Trumpler H-R diagrams presented by Kuip er (1937) for com-
parison to the lines of constant composition of Str•omgren (1933). The abscissaeare logTef f ; the
ordinates are absolute magnitudes.
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formation, when the cloud core is evolving to somecritical state prior to collapsing (and possibly

fragmenting) into a protostellar object(s). These cores are cold, and are generally observed in

molecular lines and dust emission. Many investigations into the physical properties and relative

populations of thesecoreshave beencarried out with a view to understanding the processeswhich

govern the formation of the cloud, de�ne its lifetime and lead to the onset of protostellar collapse

(e.g. Ward-Thompson et al., 1994;Andre et al., 1996;Ward-Thompson et al., 1997,1999;Jessop

& Ward-Thompson, 2000; Jijina et al., 1999). However, there is currently con
icting evidence

as to whether the cores are long lived, and by implication supported by magnetic �elds, or are

short lived and transient objects. This con
ict, and its context, is discussedin greater depth in

Chapter 5. Although there is con
icting evidenceas to the lifetimes of pre-stellar cores,someof

their physical properties are well determined. The central densitiesof the pre-stellar coreslie in the

range104 < n < 106 cm� 3 (e.g. Ward-Thompson et al., 1999),and they have kinetic temperatures

of � 10K.

When the pre-stellar core becomescritical, it collapsesisothermally under gravit y. The

isothermal collapsecontinuesuntil escapingradiation becomestrapp ed when the gasand dust be-

comesoptically thick. This is thought to take placewhen n(H2) � 1010 cm� 3 in the central regions

of the core. At this point the gasbeginsto heat up as the energy liberated by the collapsecannot

radiate away. As the central region heats up the contraction of the core is halted. However, new

material is still falling onto the central hydrostatic structure resulting in additional compression,

which causesthe central temperature to rise. The central temperature risesuntil it passes2000K

at which point H2 starts to be dissociated by collisional processes(Larson, 1969). This causesthe

temperature to level o� as the dissociation of H2 absorbsthe compressionalenergydue to gravit y.

The region of dissociated atomic hydrogen spreadsuntil it becomesunstable against collapse,at

which point the collapseof the core begins again. The continuing dissociation absorbsmuch of

the liberated gravitational potential, and at �rst the temperature rises only slowly. When all of

the H2 has been dissociated the temperature rises steeply again, so much so that much of the

hydrogen is collisionally ionised, and the induced pressuregradients halt the collapse. There are

no further internal transitions that can take place within this hydrostatic structure, and it is thus

dynamically stable. This secondhydrostatic structure is the true protostar.

The subsequent observational stagesof the evolution of the protostar towards its arrival on
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the ZAMS are commonly separatedinto four classesof young stellar object (YSO). Theseclasses

are class0, I, I I and I I I. The latter three are de�ned by the value of the infrared spectral index,

� I R , as de�ned by equation 1.1 (Lada & Wilking, 1984;Adams et al., 1987).

� I R �
d log(�F � )

d log �
(1.1)

Where � is the wavelength of the radiation, and F� is its speci�c 
ux. In practise the value

of � I R is determined numerically from the spectral energy distribution (SED) between 2.2 and

10 � m. ClassI sourceshave � I R > 0; their SED is rising asonemovesfrom 2.2 to 10 � m. ClassI I

sourceshave � 1:5 < � I R < 0, so their SED is nearly 
at or falling slightly between2.2 and 10 � m.

Class I I I sourceshave � I R < � 1:5, and their SED is falling from 2.2 to 10 � m.

The creation of the protostar heralds the beginning of the class0 phaseof evolution. Since

YSOs in this phaseof evolution are still embedded in their parent clouds, they are only detected

in the sub-mm, and so the criterion for the classi�cation used for the three later stagesis not

appropriate. Typically the peak of the SED for a class0 sourceis � 100 � m (Adams et al., 1987).

During this time the central protostar gains massby accretion of material infalling from the outer

regionsof the original cloud core, this is alsoknown asthe main accretion phase. Sincethe free-fall

time is smaller near the central protostar, the collapse proceedsin an inside out manner. Due

to the initial rotation of the cloud core, the infalling matter rapidly forms a disk. High angular

momentum material falls �rst onto this accretion disk, and is then transported inwards by viscous

processes.During this phasethe total luminosity is dominated by the accretion luminosity.

As the main accretion phaseproceedspowerful protostellar out
o ws develop along the rota-

tion axis, which act to clear out the residual envelope. Shocking of adjacent gas by protostellar

out
o ws and jets has been proposed as a possible feedback mechanism, triggering further star

formation in the local region of gas (Preibisch & Zinnecker, 1999). As the natal cloud is cleared

the protostar and its accretion disk becomevisible in mid- and far-IR. At this stagethe object is

classi�ed as a classI YSO. The peak of the SED for a classI YSO still lies at � 100 � m, however

a greater portion of radiation escapesat shorter wavelengthsthan for a class0 source. During this

period the massof the protostar exceedsthat of the remnant natal envelope. The action of the

infalling material and the out
o ws during this period also lead to the disruption of the remaining
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cloud core and the main accretion phase comesto an end. Class I sourcesare often visible at

optical wavelengthswhen viewed along the rotation axis.

The YSO now enters the class I I phase. The natal envelope has disappeared through a

combination of dispersal by out
o ws and accretion onto the central protostar. The protostar no

longer gains appreciablemassthrough accretion and it begins to contract towards the ZAMS. A

tenuous disk of gas and dust remains but its mass is low, typically 10� 3 times that of the PMS

star. However, since the disk is still optically thick at � < 10�m , it still provides a signi�can t

contribution to the SED, which is now dominated by the black body curve at optical wavelengths.

The protostar proceedsto the class I I I stage when the remnant disk becomesoptically thin at

� < 10�m , and thus provides little infra-red excess.

Becausethe spectra of classI I and I I I sourcesaredominated by the photosphereof the central

protostar, the evolution of their observed properties is dominated by their contraction toward the

ZAMS. Class I I and I I I objects are more commonly known as PMS stars and include classicalT

Tauri stars (CTTS) and weak-lined T Tauri stars (WTTS). Conventionally CTTS are considered

to be classI I sources,whilst WTTS are thought to be classI I I sources. Since this last phasein

the formation of a star is of particular signi�cance to the work presented in this document, it will

now be discussedin detail, with particular emphasison the progressof the PMS star acrossthe

H-R diagram.

1.4 PMS evolution and the H-R diagram

.

The PMS phase of evolution for a young star begins when it appears at the birthline on

the H-R diagram. This is the point at which it becomesoptically visible having shed its natal

cloud. The PMS phase ends when hydrogen fusion in the core brings the star into hydrostatic

equilibrium, and it arrives on the ZAMS. T Tauri stars are low-mass PMS stars (M �
<� 2M� ),

whilst Herbig Ae/Be represent the PMS stage for intermediate mass stars (M �
<� 10M� ). High

massstars (M �
>� 10M� ) are not thought to have an optical PMS phaseas the rapid protostellar

collapseof a massive core is expected to trigger hydrogen fusion while the main accretion phaseis

still in progress. As such the birthline for massive stars lies on the ZAMS. Since this thesis deals
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almost exclusively with low-mass stars in OB association-lik e environments, this discussionwill

now focus on the PMS evolution of low-massstars.

Figure 1.8 shows theoretical evolutionary tracks for PMS stars computed by D'An tona &

Mazzitelli (1994). The tracks all begin at the birthline, and terminate at the ZAMS. Because

hydrogen fusion has not yet started in the core of a PMS star, the luminosity is provided by the

compressive work of gravit y. As the star contracts it becomesless luminous due to a decreasing

surfacearea,and it movesdownwardsacrossthe H-R diagram away from the birthline. This occurs

on the Kelvin-Helmholtz timescale, tK H :

tK H =
GM 2

�

R� L �
(1.2)

The PMS stars shrinks by a factor two over a time interval of length tK H , and this in-

terval varies strongly with mass. This means that more massive PMS stars evolve towards the

ZAMS much more quickly than lower massstars. As such the isochrones, in the region where the

evolutionary tracks are nearly vertical, are more widely spacedfor the more massive PMS stars.

Further, equation 1.2 also demonstratesthat the contraction slows at later times when the radius

and luminosity have decreaseddue to the contraction. As such motion acrossthe H-R diagram is

much faster at earlier stagesof evolution than at later stages.This is re
ected in the fact that the

isochronesfor younger agesare more widely spacedthan the later isochronesin Figure 1.8.

During this almost vertical descent on the H-R diagram, along what are known as Hayashi

tracks, the dominant energy transport mechanism within the PMS star is convection. As the

temperature in the PMS star rises due to contraction, however, the energy transport in the core

becomesradiativ e in nature, and the PMS stars depart from their Hayashi tracks, and move

leftwards on the H-R diagram, along Henyey tracks. As Figure 1.8 demonstrates, this point

is reached much sooner for higher mass stars, and the lowest mass stars (M � < 0:4M� ) are

thought remain fully convective right through until they reach the ZAMS. The sharp downturn

seenon the tracks for stars with M � 1M� , just prior to arrival on the ZAMS, corresponds to the

commencement of core hydrogen burning in theseobjects.

There are a number of di�eren t sets of models for PMS evolution for low and intermediate

massstars available (e.g. Bara�e et al., 1998;Chabrier et al., 2000;D'An tona & Mazzitelli, 1994,
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Figure 1.8: Theoretical evolutionary tracks on the H-R diagram from D'An tona & Mazzitelli (1994)
for low-massPMS stars. The dotted lines represent isochrones at 105 yrs through 107 yrs, solid
lines are evolutionary tracks. The massesof the PMS stars are denotedat the left-hand end of the
evolutionary tracks in units of M � . Thesemodels are for solar metallicit y.
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1997;Siesset al., 2000). Becauseof the largeuncertainties involvedin placing PMS starson the H-R

diagramsit is not possibleto establish if any oneset is a signi�can tly better representation of PMS

evolution than any other. However, the useof certain group's isochronesis more widespreadas it

allows for inter-comparison of results from di�eren t projects aimed at determining massfunctions,

star forming histories and soon. The most popular setsof evolutionary tracks at present appear to

be thoseby Bara�e et al. (1998); Chabrier et al. (2000) (the \Ly on group") and thoseby D'An tona

& Mazzitelli (1994, 1997).

The principle di�erences betweenthesetwo setsof modelslie in their equationsof state (EOS)

and their treatment of convection. The evolutionary tracks computed by D'An tona & Mazzitelli

(1994, 1997) usethe MHD EOS set out by Mihalas et al. (1988) for low and intermediate masses,

and that of Rogers et al. (1996) for high masses. The Lyon group, on the other hand, use the

hydrogen-heliumEOS of Saumonet al. (1995). The Lyon group, like other groups(e.g. Siesset al.,

2000) treat convection using mixing length theory, with 1 < � mix < 2. D'An tona & Mazzitelli

(1994, 1997), however, instead use a Canuto-Mazzitelli formalism which, they argue, accounts

more accurately for the nature of turbulent convection. A comparison of the evolutionary tracks

producedby thesegroupsand others is provided by Siesset al. (2000), in which the relativevalidit y

of thesetreatments is discussed.

One way to compareobservations of PMS stars to the models is place the PMS stars on the

H-R diagram in bolometric luminosity, L bol , versuse�ectiv e temperature, Tef f , space,i.e. in the

samespaceas the evolutionary tracks in Figure 1.8. This method is usedfrequently to obtain ages

for PMS stars in young clusters (e.g. Preibisch & Zinnecker, 1999;Preibisch et al., 2002;DeGioia-

Eastwood et al., 2001) and to derive massfunctions (e.g. Greene& Meyer, 1995; Brice~no et al.,

2002;Luhman et al., 2000). There are, however, potential problems with comparing observational

data with theoretical models in the idealisedplane of L bol and Tef f .

The potential hurdles to comparing data with theory in the L bol=Tef f plane arise when

transforming data from the observational plane of colour-magnitude, or magnitude-spectral type,

into the theoretical plane. Firstly there is the problem of converting observed magnitudes in a

particular waveband to the bolometric luminosity, L bol . Young PMS stars frequently emit excess

radiation in the UV, due to accretion luminosity, and IR, due to circumstellar disks. As a result, it

is not possibleto derive the bolometric luminosity simply by integrated the 
ux acrossbroadband
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magnitudes. Instead authors convert magnitudes from �lters selectedto avoid contamination from

non-photosphericsourcesto L bol , such as the J-band (e.g. Kenyon & Hartmann, 1990) or I-band

(e.g. Preibisch & Zinnecker, 1999). The bolometric corrections(BC) that are applied are frequently

thoseof standard (MS) dwarfs of the samespectral type (e.g. Kenyon & Hartmann, 1995;Hartigan

et al., 1994). This method, however, is suspect. For a given spectroscopictemperature measured

in the red, PMS stars tend to be redder than main sequencestars due to their lower surfacegravit y.

This meansthat dwarf bolometric correctionsshould not be applied to PMS objects. Furthermore,

the Tef f scalefor main-sequencecool stars is highly uncertain, and the situation is worsefor cool

PMS stars.

In addition to the uncertainties associated with obtaining Tef f and correct BCs for cool PMS

stars, comparing observations to theory in the L bol=Tef f plane requires a more costly observing

programme. This is becausespectroscopy is the best tool for obtaining Tef f . Studies of PMS

populations, be they for the purposeof measuring the IMF, determining the star forming history

of a young cluster or better constraining PMS models, are best carried out on a large number

of objects so the impact of observational uncertainties may be minimised. Even with the use of

modern �bre spectrographs, such as WYFF OS on the William Herschel Telescope (La Palma)

and FLAMES on the Very Large Telescope (Paranal), obtaining enough spectra for determining

spectral types for a large number of low-mass stars and brown dwarfs is time consuming, and

hingeson the availabilit y of su�cien t observing time.

In this work PMS modelswill be comparedto observations purely in the observational plane.

To achieve this I have used theoretical isochrones that have been transformed into the relevant

colour-magnitudeplanesby Dr Rob Je�ries, following the method described in Je�ries et al. (2001).

Such a method hasbeenusedby a number of authors for similar reasons(e.g. Barrado y Navascu�es

et al., 2002;Pozzoet al., 2003;Muench et al., 2002;Kendall et al., 2005;Sherry et al., 2004). The

key to this method's successis the relation between colour and e�ectiv e temperature. This is

obtained roughly as follows. Firstly , it is assumedthat a single colour-Tef f relation holds for all

stars of approximately the sameageasthe Pleiades,for which the following valuesare adopted: age

= 120 Myr; distance modulus = 5.6; E(B � V ) = 0:05; E(V � I c) = 0:04; Av = 0:13. BC-colour

relationships are obtained from polynomial �ts to the data in Flower (1996) for B � V , and a

combination of data from Leggett et al. (1996) for V � I < 0:7 and atmospheric models by Bessell
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et al. (1998) for V � I > 0:7. Empirical isochrones are then �tted to both B V and V I CMDs

for the Pleiades,ensuring that any upward biasing due to binary members is avoided. Absolute

magnitudesand intrinsic coloursare then found for 25 points along each isochrone. Theseare then

converted to L bol using the BC-colour relationships already derived. Thus, L bol as a function of

intrinsic colour is determined. By interpolating along a 120 Myr model isochrone, Tef f can then

be determined for any appropriate value of L bol . Hence,a set of intrinsic colour-Tef f points may

be de�ned, and usedfor converting other model isochrones.

1.5 Iden tifying PMS stars

The CMD plays a central role in identifying PMS stars for study in young clusters and OB associ-

ations. As can be seenin Figure 1.8, PMS stars are over-luminous for their e�ectiv e temperatures,

compared to ZAMS objects. By selectingan appropriate combination of colours for a CMD (e.g.

I =R � I or V=V � I ), candidate low-mass PMS stars may be detected as lying redward of the

Galactic background (e.g. Pozzoet al., 2003;B�ejar et al., 1999;Barrado y Navascu�eset al., 2002).

This is in part madesimpler by the observation that the Galactic reddeningvector often lies nearly

parallel to the PMS isochrones(e.g. Preibisch & Zinnecker, 1999;Pozzoet al., 2003), reducing the

likelihood of contamination from background main sequencestars. As has already been stated,

the issueof contamination of the PMS region of a CMD is addressedin detail in Chapter 4. An

exampleof a clearly visible PMS is shown in Figure 1.9.

Although candidate PMS stars may be selectedby their location on an appropriate CMD, it

is often necessaryto obtain corroborating ancillary data if individual objects are to be con�rmed

as PMS stars, or if the existenceof the cluster or association in question is in doubt. There are

number of other properties of PMS stars that may be exploited by an observer to achieve this.

One of theseis to determine the spectral type of the object, which when combined with knowledge

of the distance will indicate if the object is indeed over-luminous. A number of other popular

distinguishing features are detailed below.
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Figure 1.9: Left: The V vs:V � I CMD for a survey area in region of the � Ori young group. The
solid line is a 2.5 Myr isochrone (Bara�e et al., 1998,2001) at a distance of 440 pc (Brown et al.,
1994). The isochrone follows the expected PMS locus for the Orion OB1b association, of which
� Orionis is a member. Right: The sameCMD but for a control �eld. In both casesthe dotted
line represents the completenesslimit. Taken from Sherry et al. (2004).
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1.5.1 H � emission

Amongst the �rst PMS stars to be identi�ed as such were the T Tauri stars (Ambartsumian,

1947;Herbig, 1977;Walker, 1956). T Tauri stars display periodic and non-periodic variabilit y on

a variety of timescales.The origins of this variabilit y are discussedin greater depth in Chapter 5.

The sub-classof T Tauri star that displays the greatestdegreeof variabilit y are the classicT Tauri

stars (CTTS). One of the de�ning properties of a CTTS is broad H� emission,with an equivalent

width of EW(H � )< 10 �A(App enzeller & Mundt, 1989). Another sub-classof T Tauri stars are

the weak-lined T Tauri stars (WTTS). These are T Tauri stars which exhibit H� emissionwith

EW(H � ) below the 10 �A threshold. This can mean the H� emissionis weak, or it may be absent.

Sincebroad H� emissioncan be detected using relatively low-resolution spectra with poor signal-

to-noise, this observational characteristic has beenexploited as a diagnostic tool when seekingto

identify PMS objects (e.g. Ogura et al., 2002). Since only CTTS display such strong emission,

however, this diagnostic intro ducesa signi�can t bias to any survey.

It is generally thought that the H� emission arises as a result of processesrelated to the

magnetosphericaccretion of material from a circumstellar disk on to the surface of the T Tauri

star (e.g. Edwards et al., 1994; Muzerolle et al., 1998). This has led to a widely held belief that

CTTS stars represent classI I sources(with a circumstellar disk that is optically thick at � < 10�m ),

while WTTS are classI I I sources(with a disk that is optically thin at � < 10�m ). This viewpoint

is supported by correlations between infrared colour excessesand H� emission in T Tauri stars

(Cabrit et al., 1990). As such, a survey which usesH� emissionto identify PMS objects would be

expected to preferentially selectobjects with circumstellar disks. However, recently this standard

paradigm hasbeenchallengedby observations of possiblehigh accretion rates in WTTS, leading to

speculation that T Tauri stars might switch betweenweak-lined and classicstates, depending on a

variable accretionrate (Littlefair et al., 2004). This alsoimplies that WTTS may havecircumstellar

disks. As a result it is no longer clear that the bias intro ducedby using the H� emissiondiagnostic

is one toward selectingobjects with disks, but rather objects with active accretion.
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1.5.2 X-ra y emission

It has long been observed that low-mass PMS stars are bright X-ray emitters (e.g. Montmerle

et al., 1983;Strom & Strom, 1994). Inferred X-ray luminosities range from < 1028 to 1031 erg s� 1

(Feigelson& Montmerle, 1999). This is considerably greater than is typical for main sequence

objects. X-ray emission in main-sequencedwarfs is thought to be driven by magnetic activit y

arising from a dynamo action, similar in nature to that which drives the Sun's magnetic activit y.

X-ray emissionin PMS stars is also thought to originate in the chromosphere,driven by magnetic

activit y, but the driving force for this activit y is lessclear (Feigelsonet al., 2003; Stassunet al.,

2004). One of the reasonsfor this is that high-levels of X-ray emission are observed in objects

that are thought to be fully convective. This would be unexpected in the solar dynamo model

since the magnetic �eld is thought to be generatedand ampli�ed at the boundary between the

radiativ e core and convective zone, known as the tachocline. Another reasonfor this uncertainty

is that a correlation betweenrotation and X-ray emissionhas not beenwell established. This is in

contrast to main-sequencestars for which there is a well establishedcorrelation betweenrotation

and magnetic activit y indicators (e.g. Knobloch et al., 1981). Recent work has shedsomelight on

theseproblems, and currently the favoured driving mechanism for magnetic �elds in PMS stars is

a combination of a turbulent dynamo distributed throughout the deepconvective zone(distributed

convective dynamo) for objects with no tachocline, and a solar type dynamo when a tachocline is

present (Feigelsonet al., 2003;Preibisch & Feigelson,2005).

The X-ray observations havebeenusedby a number of authors for the purposesof identifying

PMS stars (e.g. Preibisch et al., 1996;Naylor & Fabian, 1999) It has beennoted by someauthors

that WTTS appear to bebrighter X-ray emitters (e.g.Neuhaeuseret al., 1995;Preibisch et al., 1996;

Kastner et al., 2003)than the CTTS. If true this would intro ducea signi�can t bias to any sampleof

PMS objects selectedby X-ray emissionalone. On the other hand, it hasbeenconcludedby others

that X-ray selectiondoesnot intro duce any bias more signi�can t than any other methods of PMS

star selection(Flaccomio et al., 2000). Clearly this issuehingeson the relative X-ray properties of

the two classesof objects, and how we divide them. Feigelsonet al. (2003) performed a detailed

study of the X-ray properties of 575 PMS stars in the Orion Nebula Cluster (ONC) and found no

correlation betweenthe presence,or lack thereof, of infrared circumstellar disks and X-ray levels.
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Most recently , Preibisch et al. (2005) studied a similar number of objects also in the ONC and

found that accreting objects were a factor 2-3 lessX-ray active than non-accreting objects. These

results support further questioning of the previously accepted paradigm that WTTS have shed

their circumstellar disks. It is also clear, however, that whilst X-ray selection of PMS objects is

e�cien t, as a method it is biased toward selectingnon-accreting objects.

1.5.3 Lithium absorption

Another spectral feature that de�nes the T Tauri classis the presenceof Li i absorption at � 6708�A.

The dominant isotope of lithium in stars, 7Li, fuseswith protons at temperatures greater than

3� 106 K, to form beryllium-8, which then decays to two helium nuclei. Sincelow-massprotostars

do not achieve the necessarycore temperature to burn lithium, they cross the birthline with its

abundance at interstellar values. Although higher mass protostars do achieve su�cien t central

temperatures to burn lithium, it is only the lithium in the central region that gets destroyed.

This is becauseby the time the central temperature reaches 3 � 106 K, the protostar is already

radiativ e in the centre-most regions. The base of the convective zone, however, is too cool to

allow lithium burning. As the baseof the convective zonemovesoutwards (and more of the star

becomesradiativ e) its temperature remainsbelow the ignition point for lithium, and so the surface

abundanceremains at the interstellar value. So all PMS stars arrive at the birthline with their

surfaceabundanceof lithium equal to its interstellar value.

As the PMS contraction proceedsthe temperature at the baseof the convective zone of a

PMS star passesthe ignition point for lithium burning. In PMS stars that are fully convective at

this point, the lithium burning starts at the centre. As the tachocline retreats toward the surface,

its temperature remains high enoughto maintain lithium burning. The action of turbulent eddies

in the convective stellar atmospherekeepsthe region above the tachocline well mixed, which leads

to the lithium abundancedeclining uniformly asthe PMS evolution proceeds.When the tachocline

has recededto a su�cien t radius its temperature will fall below the ignition point for lithium. In

stars with M < 0:9M� this occurs after the lithium has beenfully destroyed. For PMS stars with

M > 0:9M� such complete lithium depletion does not take place. This is becausethe tachocline

retreats earlier in thesecases,such that its temperature falls below 3� 106 K beforeall the lithium
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has been destroyed. PMS stars with M > 1:2M� do not deplete the lithium in their convective

zone as the tachocline is already so shallow when the birthline is crossedthat its temperature

never rises above 3 � 106 K. In the very low-mass regime lithium depletion ceasesfor objects

with M < 0:06M� , for which temperatures never exceedthe ignition point for lithium burning

(Chabrier & Bara�e, 1997).

It follows from the aboveexplanation that the presenceof strong Li i absorption in the spectra

of stars and brown dwarfs with massesin the range 0:06M� < M < 0:9M� is a strong indicator

of youth and PMS status. Sincemassesare not trivial to determine, it is normally the colour or

spectral type of an object that is usedto assessif the presenceof Li i is indeed indicativ e of youth.

The degreeof depletion can be used as an indicator of age for individual objects, and may be

found by comparing the observed EW(Li i) at 6708�A with those predicted from curvesof growth

for di�eren t abundancesat the appropriate T ef f . Alternativ ely, �nding the magnitude at which

lithium depletion ceasesto be evident can be used to estimate the ageof a cluster or association

(e.g. Je�ries & Oliveira, 2005). The successof such a method lies in the fact that more massive

PMS stars deplete lithium more rapidly. This is becausetheir convective regions both reach the

ignition point for lithium burning sooner, and will have a greater portion above this temperature.

The strength of Li i absorption has also been used as a PMS diagnostic for candidates selected

on the basis of their positions on CMDs for young clusters and associations, and in conjunction

with kinematic data that suggestsmembership of a cluster or association (e.g. Pozzoet al., 2003;

Kenyon et al., 2005;Dolan & Mathieu, 1999).

1.5.4 Kinematic metho ds

The �nal method for determining an object's PMS status, that will be discussedhere, is to infer

it by showing commonmotion with a young cluster or association. For such inferencesto be made

the object must also lie in the appropriate region of colour-magnitude spaceto form part of a PMS

of the appropriate ageand at the appropriate distance. The motions of stars are measuredin two

perpendicular directions. The motion of a star on the plane of the sky, relative to much more

distant stars, or extra-galactic objects, is known as proper motion. The seconddirection in which

the motion of a star may be measuredis the radial direction, i.e. along the line of sight to the star.
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This is called its radial velocity. Bound clusters share common motion through the Galaxy, and

members can be identi�ed as having the samepeculiar motion. OB associations and someyoung

clusters are not bound, however, sincethey are young their velocity dispersionsare often small, so

again members will sharea common motion.

Proper motion hasbeenusedextensively to establish membership, and indeed the existence,

of open clusters and OB associations for more than one hundred years. de Zeeuw et al. (1999)

performed one of the most extensive studies to date of membership of nearby OB associations

using proper motions obtained from the HIPPARCOS catalogue. They con�rmed the existence

of several previously known OB associations and young clusters, and identi�ed one new moving

group, within 1 kpc of the Sun. This represents the largestdistanceover which proper motions have

beenusedto assessmembership of such groups. Proper motions have not beenusedextensively to

assesslow-massmembership of young clustersand associations however. The reasonfor this seems

to be that the high precision cataloguewhich would allow such determinations, HIPPARCOS, has

relatively bright limiting magnitude, which excludesthe lowest massmembers of all but the most

nearby associations. New high precisionmeasurements must be taken over long temporal baselines

in order to extend the use of proper motions to the fainter magnitudes required for studying the

lowest massstars and brown dwarfs.

Radial velocities can be obtained for very faint objects in a single observation. As a result,

radial velocities have beenusedextensively for assessingmembership of young clusters and associ-

ations (e.g. Dolan & Mathieu, 1999;Pozzoet al., 2003;Kenyon et al., 2005). Radial velocities are

normally found, as will be demonstrated in Chapter 4, by crosscorrelating the spectra of target

stars against those of radial velocity standards with a similar spectral type. The Doppler shift

gives the radial velocity. When radial velocity data has been combined with other indicators of

PMS status, it can provide a powerful diagnostic tool for identifying PMS stars with con�dence.

Figure 1.10 is taken from Dolan & Mathieu (1999). It plots EW(Li i) against radial velocity for a

sampleof stars in the � Orionis region. PMS membersare clearly visible asthe objects with strong

Li i absorption and a sharedradial velocity, consistent with the radial velocities of other members

of the Orion OB1b association. That study was able to identify 70 new PMS stars, which had not

beenpreviously identi�ed by either H� or X-ray emission.

Figure 1.10also demonstratesoneof the limitations of kinetic methods of assessingmember-
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Figure 1.10: The EW(Li i) vs. radial velocity plot from Dolan & Mathieu (1999). All stars with
strong Li i absorption were acceptedas members of the � Orion association.
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ship of associations and clusters. The problem arisesas it is not possibleto distinguish bona-�de

members of a young cluster from objects that simply share their velocity without ancillary data.

Thoseobjects in Figure 1.10with the appropriate radial velocity, but no strong Li i absorption are

likely non-members of the group. If only radial velocity data were held this would be impossible

to determine. The samee�ect can plague proper motion studies. Attention should be paid to po-

tential contamination when assigningmembership to individual objects basedon kinematic data

alone.

The presenceof spectroscopicbinaries can also hinder the use of radial velocity as a mem-

bership criterion. Double-lined binaries are easyto identify by virtue of the presenceof duplicated

absorption features in their spectra. Things are not so simple for single-lined binaries. Theseare

binary systemsin which the two stars have very di�eren t masses.This meansthat the spectrum

of the secondarystar is swamped by the spectrum of the primary. In such casesthe measured

velocity, of the primary, will vary as the stars orbit each other, and this provides a method of

identi�cation. In a singleobservation, however, this is not possible,and single-linedbinaries would

likely be excluded from any given membership selectionon the basisof their measuredvelocities.

As will be discussedbrie
y in Chapter 5, the mass ratio distribution for low-mass binary stars

has a peak at a ratio, q, of 0.2. However, the distribution is not so strongly peaked that single-

lined binaries outnumber double-lined binaries. In fact, there are typically three times as many

double-lined binaries as there are single-lined binaries (e.g. Dolan & Mathieu, 2001).

1.6 OB associations

Due to their short lifetimes, O and B-type stars necessarilytrace sitesof recent star formation. As

looseaggregationsof massive stars, often containing tens of O-stars, OB associations have been

important to the study of star formation sincethey were �rst identi�ed as young structures in the

middle of the twentieth century (Ambartsumian, 1947). Gravitationally unbound (Blaauw, 1952;

Ambartsumian, 1955), these large clusters span a wide range of size scales,from a few tens to

several hundreds of parsecs,apparently expanding and dissipating from their sites of formation,

slowly becoming indistinguishable from the galactic �eld population. Due to the short lives of

their de�ning characteristic, OB associations are always younger than about 30 Myrs, and the
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youngest are frequently the most compact. Despite their large internal velocities, typically of

around 4 kms� 1, it is commonmotion and, by implication, commonorigin that de�nes membership

to a given OB association. Within OB associations in the solar neighbourhood, a great deal of

substructure is seen, with star formation at di�eren t stagesbeing observed within a single co-

moving group. For example, the IC348 young cluster forms part of the Per OB2 association.

Similarly, the Orion Nebula Cluster (ONC) forms the central part of the Orion OB1d, itself a

subgroup of the Orion OB1 association. These two casesalso exemplify the fact that most OB

associations are adjacent to, or partially embeddedin, giant molecular cloud complexes.

According to most estimates of the IMF, one can expect several hundred low-massstars to

be formed for each O or early B-star. As such, it is reasonableto suppose that most stars are

formed as part of OB associations. The large number of low-massstars that can be found in these

groups,combined with low-extinction sight lines, presumably due to the e�ects of massive stars on

local molecular gas,has made them fertile ground for studies of the low-masspart of the IMF.

Crucial to the study of the IMF is the reliable selection of members of the group that is

being studied. For this purpose, amongst others, large surveys for low-mass PMS stars in OB

associations have beencarried out by a number of authors, using the techniquesalready described

in this chapter for identifying PMS stars.

As the closest OB association, Upper Scorpius has been the subject of many observing

campaigns, frequently aimed at identifying low-mass stars and brown dwarfs. Preibisch et al.

(2002)performedan extensivestudy of the stellar population in the Upper ScorpiusOB association.

They used 2dF spectroscopy to select low-massPMS objects on the basis of lithium absorption,

�nding 166newPMS stars. Previoussurveysfor low-massmembersof Upper Scorpius,by the same

authors, had alsousedthe combination of X-ray and photometric selectiontechniques(Preibisch &

Zinnecker, 1999). A number of authors havealsosearched for low-massmembersof Upper Scorpius

usingphotometric selectioncriteria (e.g.Ardila et al., 2000;Costadoet al., 2005). B�ejar et al. (2001)

also used photometric selection in the � Orionis young group for the purposeof constructing an

IMF. The validit y of thesephotometric selectiontechniques is not well established,and the issues

associated with such methods are discussedin greater depth in Chapter 4.

Kinematic methods have beenused lessfrequently for identifying low-massmembers of OB

associations. This is partly becausesuch faint objects have generally been excluded from large
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scaleproper motion studies. Radial velocities have been used to a limited extent, but normally

in concert with other spectroscopic indicators such as lithium absorption or H� emission. For

example,Dolan & Mathieu (1999) usedthe combination of lithium absorption and radial velocities

to select members of the � Ori association (seeFigure 1.10). Similarly, Pozzoet al. (2003) used

lithium absorption, H� emission and radial velocities to identify PMS stars in the Cep OB3b

association. Measuredvaluesfor EW(Li i) at 6708 �A in low-massPMS stars are typically smaller

than 0.8 �A. The high signal-to-noisethat is required to observe the weak lithium absorption also

allows weak metal lines in the samespectral region to be usedfor measurement of radial velocity.

Such a two-prongedobservational tool for identifying member objects below the lithium burning

threshold (M < 0:06M� ) is yet to be demonstrated.

A promising candidate for such a tool is the gravit y sensitive sodium doublet at 8183,8195�A.

As is discussedin greater detail in Chapter 4, this doublet wasusedto identify low surfacegravit y,

and presumableyoung, low-massobjects in Upper Scorpius(Mart ��n et al., 2004). This doublet is

a much stronger feature in late-type spectra than the 6708�A lithium absorption. Added to which

is the fact that the lowest massobjects are brighter at 8190 �A than at 6708 �A. This meansthat

the doublet could be usedto obtain radial velocities, and its EW(Na i) usedasa seconddiagnostic

for selectinglow-massmembers of OB associations, an idea that is explored in detail in Chapter 4.
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2 In vestigation of a comparison �eld for the 

Velorum cluster

2.1 In tro duction

As discussedin Chapter 1, the use of CMDs in the study of young clusters and OB associations

provides the possibility of identifying large numbers of candidate members economically. Further,

in conjunction with ancillary data, such as X-ray observations, appropriate CMDs have beenused

to identify previously unknown PMS populations. In this chapter I will describe a brief experiment

that I carried which usesthis method. In this project X-ray data and a V I CMD are usedto search

for low-massmembers of the Vela OB2 association.

Pozzoet al. (2000) reported the discovery of a group of low-mass,PMS stars around the Wolf-

Rayet (WR) star 
 2 Velorum. They usedROSAT X-ray observations to selectX-ray bright objects

on a V I CMD and identi�ed those objects that were both X-ray bright and in the appropriate

region of the CMD asPMS objects. Low-massPMS stars are expectedto be X-ray bright as result

of high levels of coronal activit y (e.g. Naylor & Fabian, 1999). In Pozzoet al. (2000), the authors

conclude that the low-massPMS objects are approximately at the samedistance and age as 
 2

Vel and were likely members of Vela OB2. What was not clear, however, was whether or not the

PMS objects represented a increasedconcentration in the vicinit y of 
 2 Vel i.e. a subgroupof Vela

OB2, analogousto the � Orionis subgroup in Ori OB 1b association.

If the PMS stars observed towards 
 2 Vel are merely low-massmembers of Vela OB2, and

not associated with 
 2 Vel in any other way, we might expect to �nd a similar number of low-mass

PMS stars along other sight lines towards Vela OB2. It is with this in mind that the ROSAT

data archiveswereexaminedto identify Position Sensitive Proportional Counter (PSPC) pointings

directed at other regions within Vela OB2. A 27 ks pointing towards the cataclysmic variable

IX Velorum was carried out for Janet Drew in 1992 (ROSAT sequencenumber RP300289N00).

This pointing was of comparableduration to that usedby Pozzoet al. (2000) to identify the low-

massPMS in the vicinit y of 
 2 Vel (25 ks). The target of interest for this pointing, IX Vel, doesnot

actually lie within the 20 arcmin radius of the central region of the PSPC where the point spread

function (PSF) is well determined, but rather lies in the outer annulus. The reasonfor this appears
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to be that the pointing was to be usedfor a timing experiment. Sincethe ROSAT spacecrafthad

a deliberate wobble, spurious variabilit y could be intro duced by the target sourcebeing occulted

by the window support structures. By putting the source o�-axis this could be avoided as the

target's image would then be so large as to make any variation due such occultations negligible

(Wood et al., 1995).

The pointing was directed at the coordinates (�; � ) 08h 19m 26.4s,-49� 18' 00.0", which is

within approximately 2.5� of 
 2 Vel, and within the projected boundariesof Vela OB2 (de Zeeuw

et al., 1999). This makesit ideal asa comparison�eld for checking whether the PMS stars observed

by Pozzoet al. (2000) are indeedassociated with 
 Vel, or if they are in fact part of a more widely

distributed PMS population in Vela OB2.

2.2 Optical Data

2.2.1 Observ ations

A V I imaging survey of 8 13.5-arcmin �elds of view (FoVs) near IX Vel was carried out using

the 0.9m telescope at the Cerro Tollo Interamerican Observatory (CTIO), Chile on the night of

2002 February 16/17 under photometric conditions. These observations were carried out by Dr.

Rob Je�ries and Ms C. R. Devey. The survey �elds were selectedto cover the central region of

the ROSAT PSPC pointing. Each �eld was observed using a short and a long exposure in each

�lter. These exposureswere 6 and 60 secondsin the I -band; 10 and 120 secondson the V -band.

The short exposureswere obtained to provide reliable photometry for the brighter stars that were

saturated in the long exposures.The ROSAT central PSPC FoV is shown in Figure 2.1 along with

our survey �elds. In addition to the �elds of interest a number of Landolt (1992) standard �elds

were also observed at several times during each evening and at a range of airmasses.

2.2.2 Data Reduction and Optimal Photometry

The data were reduced, and photometry was performed using the optimal extraction algorithm

originally described by Naylor (1998), with its adaptation for constructing CMDs detailed by

Naylor et al. (2002). The standard �elds were reducedusing the samemethod as that usedfor the



48

Figure 2.1: The layout of the �elds observed near IX Vel. The squareboxesoutline the 13.5'x 13.5'
CTIO 0.9m �elds of view, whilst the large circle shows the region covered by the ROSAT PSPC
central region.

data frames,which is described below. The instrumental magnitudes and colours for 114standard

star observations werecomparedto thosegiven by Landolt (1992) to yield zero-points, colour terms

and extinction coe�cien ts. An additional magnitude independent uncertainty of 0.02 mags was

intro duced to the V band data to give a � 2 of 142 for 114 points. No additional uncertainty was

required for the V � I data. This level of uncertainty is consistent with the level of uniformit y in

the 
at�elds. The standard stars were drawn from Landolt �eld numbers SA 95, SA98 and �elds

centred on the stars G4427,G9742and TPhe. The colour transformation equations were:

V � I = 	 V � I (v � i ) + ZV � I � K V � I X (2.1)

V � v = 	 V (V � I ) + ZV � K V X (2.2)

The lower caseroman characters in these equations refer to instrumental magnitudes and

colours, i.e. prior to transformation onto the standard system. These equations were solved to

�nd parameters	 ; Z and K , where: 	 is the colour term; Z is the zero point; K is the extinction
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coe�cien t. The values found for theseparametersare listed below in Table 2.1. The variable `X '

is the airmass,as found by the expressionX = sec(z), where z is the zenith distance angle.

Table 2.1: Colour transformation coe�cien ts obtained for the V I survey in the region near IX Vel.

	 Z K
V 0.022 22.21 0.132

V � I 1.000 1.01 0.0837

Each image was bias subtracted and 
at�eld corrected using �les constructed from twilight

sky 
at�eld imagesand bias framestaken at the beginning of the sameevening asthe observations.

The subsequent data reduction consisted of a number of steps which are each detailed below.

Firstly the o�sets betweendi�eren t frames were found. Theseo�sets were then usedto allow the

identi�cation of stars upon which optimal photometry would be performed. The magnitudes thus

obtained were then in the �nal stagesof the data reduction.

2.2.2.1 Finding the o�sets between the frames

The �rst stageis to �nd the o�set in pixel spacebetweena master-referenceimage and a seriesof

other images. This is done by �nding the di�erence in positions of stars between the secondary

images and the reference image. During the �rst part of this process, the reference image is

searchedfor stars by identifying pixels with counts abovea givensigni�cance. Theseevents are then

consolidated into stars. This is done using several passes,the �rst detecting the most signi�can t

but unsaturated events, and the �nal passdetecting events close to the given signi�cance limit.

Positions and magnitudes are then found for 100 of the detected stars using an estimated point

spread function (PSF), and an estimate of the seeing in pixels (the full width half maximum,

FWHM, of the PSF). The PSF is estimated using the star with the highest non-saturated pixel

value. Stars in the secondaryimagesare found in the sameway.

When the positions and magnitudes of 100 stars in a secondaryimage have beenobtained,

the o�set and rotation with respect to the referenceimage is found by matching the pattern of
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stars in the referenceimage. The detection and pattern matching processis then repeated for each

of the remaining secondaryimages.

The referenceimage was chosenas the deep image which would be to detect stars. In this

casethis was the 60 s I-band exposure, since PMS stars we were interested in would be brighter

in the redder waveband, and thus easierto detect.

In this casethe deep,reference,image in the I-band consistedof a singleexposure. However,

in caseswhere the deep image was divided into several shorter exposuresthe sub-exposureswere

co-addedto produce the referenceimage, which was then usedfor object detection (seeChapter 3

for example).

2.2.2.2 Ob ject Detection

After the o�sets betweenthe referenceimageand the rest of the imageshave beenfound, the next

stageis to producea list of stars upon which optimal photometry will be carried out. At this stage

a list of candidate stars which will be usedas a starting point for determining the PSF to be used

for the optimal extraction is also obtained.

Initially the deep,reference,exposure,in this casethe 60 secondI-band frame is searched for

stars. First the sky level is measured,and subtracted from each pixel. The sky is measuredusing

sky boxes that are large enough that when the sky determination is subtracted from a star the

uncertainty due to sky measurement is small. The sky determined in this manner is then subtracted

from each pixel. The image is then smoothed using a top-hat �lter with a width de�ned by the

seeingin pixels. Next, all pixels that have valuesabove a given signi�cance threshold are counted

and and they are consolidated into stars. This is done in a seriesof passes,starting with the

most signi�can t pixels and ending with pixels at the lower threshold. At each passa list of stars

is produced by applying a north-south-east-west connectivity condition to the list of signi�can t

pixels, or events. A group of events is only added to the list of stars if it does not contain the

central pixel of any other, previously identi�ed, star. Duplicate detections are then removed by

checking if any stars lie within a distance equal to the seeingof another star. When duplicates are

identi�ed, one of them is removed. As such it is crucial that the seeingis not under-estimated.

This can result in the samestar being detected twice, and having photometry carried out on both
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detections,neither of which are likely to be correctly centred, which will give rise to suspect results.

Before moving on to the short exposure, stars which are likely to have suspect pro�les are

noted, or 
agged. Such stars are unsuitable for useas PSF determining templates, or PSF stars.

If a star contains a saturated pixel then it is given a 
ag that indicates this, a letter `S' is written

to its data quality column. When a star contains a pixel (or pixels) that is not saturated but is

in the non-linear regime for the detector the data for that star is 
agged with a letter `L'. Stars

which contain pixels with negative counts are 
agged with a letter `M'.

At this stagea `non-stellar' 
ag, `N', is intro duced. This 
ag is applied to stars whosepro�les

are found to be not point-lik e, and thus whosephotometry will be unreliable e.g. a star whose

pro�le is a�ected by the presenceof a closecompanion. This is determined by assessingif there

are any deviations of the stellar pro�le beyond a certain threshold, as follows. Flux is measured

through two masks, one with a FWHM equal to the seeing,and the other with a FHWM equal

to half the seeing. The ratio of these 
uxes must be within 3 � of the median for the star to be

accepted. Here, � is equal to the sum in quadrature of the uncertainty in each measurement and

the clipped RMS about the median. The pro�le used for these extractions is allowed to vary as

a function of position on the CCD. The X and Y orders for the polynomial function of position

that de�nes the shape parameter are supplied by the user. After examining the deep exposure,

a short exposure is examined. Stars that were previously 
agged as non-linear or saturated may

o�er reliable photometry in the short exposure, and if so they have the relevant data quality 
ag

removed.

The �nal output of the object detection processconsists of two �les. One is a list of the

positions of all stars detectedupon which optimal photometry will be performed. Each star in this

list also has a data quality 
ag associated with it, indicating if the data is likely to be reliable,

and if not, why not. Individual pixels are also 
agged for quality separately. Pixels that are either

too closeto the edgeof the detector to be reliable or are in an unreliable portion of the detector,

are 
agged with the letters `E' or `R' respectively. Bad pixels are 
agged with the letter `F'. Stars

which contain pixels which contain any of these 
ags are also excluded from the list of potential

PSF stars. The other �le is a list of stars that are suitable for use as a PSF star when de�ning

the mask to use for the optimal extraction. Theseare stars which are neither saturated nor have

another suspect data quality 
ag associated with them. The principal reason for applying data
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quality 
ags at this stage to allow for the selection of good PSF stars. Stars that are 
agged at

this stagemay have good quality data in frames other than the referenceframe, but since this is

not known at this point they must be discardedfrom the list of candidate PSF stars.

2.2.2.3 Optimal photometry

Optimal extraction is performed using the algorithm described in detail in Naylor (1998). A brief

description of its key features will be provided here for completeness.In optimal extraction each

pixel is taken as an independent estimator of the 
ux in the pro�le. That is, assumingthe pro�le

is well estimated, by measuring the 
ux in a given pixel and comparing it to the fraction of the

total 
ux expected in that pixel one can estimate the total 
ux in the pro�le. This extraction of

the total 
ux is optimised by weighting the 
ux estimates from each pixel by the inverseof the

squareof their uncertainties before combining them. Naylor (1998) demonstratesthat even if the

model pro�le usedfor the extraction is not a precisedescription of the real pro�le the relative 
ux

will still be correct, but somesignal-to-noisewill be lost.

The �rst step to determining the optimum weight mask for each star, and thus extracting

the 
ux estimate, is determining the PSF. This processbeginswith selectinga star whosePSF will

be �tted. The brightest 49 stars from the list of potential PSF stars (those that were un
agged

in the referenceframe) are selectedand �tted with elliptical Gaussians.The star whosegeometric

mean FWHM is the median of that list is usedfor �tting the PSF. The PSF is then estimated by

�tting a two dimensional Gaussian to the PSF star. This, in combination with estimates of the

variance in the pixels, is used to construct the optimum weight mask for each star and the 
uxes

are then extracted for all stars that have been identi�ed. The sky level is determined locally for

each star by constructing a histogram of the distribution of sky pixel values. This histogram is

then �tted to obtain the sky estimate, and its uncertainty.

At this stage a number of additional data quality 
ags can be applied to the data. Two

of these are associated with sky determination that is required for estimating the variance of the

pixels. These
ags are the ill-determined sky 
ag (I), and the `background �t failed' 
ag (B). The

`I' 
ag indicates that the stars photometry is likely to have beena�ected by a poorly determined

sky histogram. This 
ag is invoked when the �t to the sky histogram has a reduced� 2 > 3. The
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`B' 
ag is applied when the �t to the sky is has failed. This can happen for several reasons. For

example, there may not have been enough data to �t, alternativ ely, all the sky counts may have

fallen into a single bin on the histogram.

2.2.2.4 Final stages

The �nal stagesof the data reduction are pro�le correction; combining measurements from di�eren t

imagesin the samegroup to arrive at instrumental magnitudes and colours for each star; applying

the colour transformation coe�cien ts; performing astrometry; combining cataloguesfrom di�eren t

FoVs to arrive at the �nal catalogue.

The purpose of pro�le correction is to correct for di�erences between the mask used for

optimal extraction and true stellar pro�le. If the extraction mask were a completely accurate

representation of the PSF then the pro�le correction would always be zero. However, since the

true PSF is unlikely to be an elliptical Gaussianit is common that somecorrection will needto be

made. The pro�le correction is measuredby comparing the magnitude obtained using the optimal

extraction mask with that obtained using a large aperture. The pro�le correction that is applied

is modal value found from 80 candidate stars with good data quality and S/N> 10. A typical set

of pro�le corrections for 80 candidate stars is shown as a function of x-position in Figure 2.2. As

can be seenthere, the pro�le correction is spatially variant. As such the pro�le corrections are

�tted with a low-order polynomial function after removing those objects where the presenceof a

nearby star has given an anomalouscorrection. Figure 2.3 shows the residuals about a low-order

polynomial �t to the pro�le corrections.

At this stage,photometry from each image has already beenput into magnitude space.The

2-dimensional polynomial function described above is used to apply the pro�le correction to all

stars from each image. Data from each image are then corrected to the mean airmass for the

group using the coe�cien ts derived at beginning of this section. The samemagnitude independent

uncertainty as that required for the standard stars is now intro duced to the data, in this case

an additional 0.02 mags uncertainty in the V band. Prior to combining the measurements from

di�eren t images the relative transparency correction for each frame is determined. One of the

frames in each waveband is arbitrarily assignedas the master frame. The transparency correction
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Figure 2.2: The typical pro�le corrections as a function of x-position on the CCD image. A
variation of pro�le correction with position is apparent.

Figure 2.3: Typical residualsof pro�le corrections from a low-order polynomial �t.
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for each frame is taken as the weighted mean of the di�erences between the magnitudes of good

data quality stars in that frame and the master frame. Each frame is corrected by its relative

correction multiplied by N=(N + 1), where N is number of frames. The master frame is corrected

by mean transparency correction. A data quality 
ag, `C' (cloudy), may be applied to indicate

when a large relative transparency correction has beenused. The threshold for the application of

this 
ag must be determined with referenceto the conditions the data were taken under. Since

the imagesfor this project were taken closetogether under photometric conditions, and there were

only two per waveband, this threshold was not set in this case,and the 
ag was neglected.

Measurements of each star from di�eren t imagesare combined by �nding the weighted mean

in 
ux space.As part of the sameprocessthe reduced� 2 for each star is calculated, and theseare

plotted for the V band data as a function of S/N in Figure 2.4. In this casethere was only a long

and a short exposurein each waveband,so this plot is basedonly on two observations, but it does

indicate that the calculated uncertainties a good re
ection of the true uncertainties in the data. If

the magnitude independent, systematic, uncertainty added earlier is set to the wrong value it can

be diagnosedby inspection of this plot. If the value added is too small the distribution of points

will rise to higher valuesof reduced� 2 as one movesto higher S/N. Conversely, if the intro duced

systematic uncertainty is too large, the distribution will fall to lower valuesof reduced� 2 at high

S/N. Data for stars with a high value of � 2
� may need to be treated with caution, either due to

cosmicray hits on oneof the images,or due to real, source,variabilit y. As such, a data quality 
ag

is sometimesapplied to indicate which objects' data indicate variabilit y. Since this 
ag indicates

possiblevariabilit y, it is denoted with the letter `V'. This 
ag is applied when the value for � 2
� for

an object falls above somegiven threshold.

The next task to be performed is that of obtaining an astrometric solution. Astrometry was

performed by matching stars in the optical catalogueswith those in referencecataloguesof the

same�elds of view. In this casethe SuperCosmossky survey was used to provide the reference

catalogues. A six coe�cien t model is then used to perform the transformation from pixel co-

ordinates to J2000.0 equatorial coordinates. The RMS of the residuals about the six-coe�cien t

were all lessthan 0.3 arcsec.

After celestialcoordinateswereobtained for all objects in each �eld, the individual catalogues

could be combined to form the �nal optical catalogue. This processis referred to asnormalisation.
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Figure 2.4: A plot of � 2 for each star in the long and short V band exposuresfor �eld 1.
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As can be seenin Figure 2.1 the di�eren t FoVs were directed such that there were overlap regions

between the �elds. These overlap regions facilitate the normalisation of all �elds onto a single

system,and alsoallow for a check of the internal consistencyof the photometry. The normalisation

is carried out as follows. Firstly the mean weighted di�erence between the stars in each overlap

region is calculated. Then additional transparency corrections are applied to each �eld so as to

minimise the RMS of the di�erences in the overlap regions,whilst keepingthe meanof corrections

zero. After this processit wasfound that the remaining RMS of the di�erences in the overlapswas

0.006mag in this case.This is a measureof the internal consistencyof the photometry. The mean

magnitudes and colours for the overlap stars are then carried forward, while their co-ordinatesare

taken from only one �eld.

The cataloguesfor each �eld were thus combined to produce an optical catalogue for the

entire region covered by our survey, listing positions, V magnitudes and V � I colours for 29 645

stars1. A sampleof the full catalogue is given in Table 2.3. It can be seenthat the uncertainties

for many stars' magnitudes are smaller than the 0.02 magnitude systematic uncertainty that was

addedduring data reduction. This is becausethe magnitudes,and uncertainties, listed in Table 2.3

have beenobtained by combining measurements from more than one image, whilst the systematic

uncertainty was intro duced to the data for individual images. The CMD for this catalogue is

shown in Figure 2.5. The densestregion of this diagram corresponds to the population of galactic

main-sequencebackground stars. Two `�ngers' branch out from this portion of the CMD toward

bluer and brighter magnitudesand redder and brighter magnitudes. The bluer `�nger' corresponds

to brighter main-sequencestars, whilst the redder `�nger' corresponds to the red giant branch. A

summary of the data quality 
ags applied during the data reduction is shown in Table 2.2. The

�nal column of this table indicates if a 
ag is strong or weak, i.e. if it will overwrite previous 
ags

or not. The 
ags are listed with the data for a star as two characters, the �rst corresponds to the

�rst waveband data (in this caseV ), the secondto the secondwaveband data (I ).

1The full catalogue is available from the cluster collaboration photometric catalogue page:
http://www.astro.ex.ac.uk/p eople/timn/Catalogues/description.h tml
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Figure 2.5: The CMD for the �elds observed near IX Vel. Only stars with S/N > 10 and good
data quality are displayed.
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Table 2.2: A summary of data quality 
ags and their meanings.

Flag Flag Name Algorithm Type
O O.K N/A N/A
S Saturated pixel Pixel 
agging Strong
L Counts above pixel linearit y limit Pixel 
agging Strong
F Bad pixel Pixel 
agging Strong
R Uncalibrated region Pixel 
agging Strong
E Too closeto CCD edge Position �tting Strong
N Non-stellar Star shape estimator Strong
B Background �t failed Sky determination Strong
I Ill-determined background Sky determination Weak
P Position �t failed Flux measurement Weak
E Too closeto edge Flux measurement Strong
M Negative (minus) counts Flux measurement Weak
A Absent input data Data input to calibration Strong
H Poor pro�le correction Pro�le correction Strong
V Variable Combining image catalogues Strong
C Large relative transparency correction (cloudy) Combining image catalogues Strong
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Table 2.3: A sampleof the full photometric cataloguefor the survey region near IX Vel. The full catalogueis available from the cluster
collaboration cataloguepage3. Qualit y 
ags: 1st character is the quality 
ag for the star in the V band, the 2nd is for the I band. The
meaningsof the 
ags are: (O) O.K, (N) Non-stellar, (E) star too closeto CCD Edge, (B) Background �t failed, (S) Saturated, (I) Ill
determined sky, (V) Variable, (F) bad (Flagged) pixel, (M) negative (Min us) counts, (C) large relative transparency correction (Cloudy).

Field No. Index No. � (J2000) � (J2000) X Y V � V Qualit y V-I � V � I Qualit y
1.00 178 08 19 23.935 -49 31 3.50 709.124 1718.122 17.893 0.040 NI 2.482 0.048 NI
1.00 179 08 19 38.548 -49 31 26.83 354.439 1776.469 16.175 0.007 OO 1.453 0.010 OO
1.00 180 08 18 44.920 -49 31 29.59 1656.132 1784.012 16.849 0.011 OO 1.382 0.016 OO
1.00 181 08 19 27.347 -49 32 7.92 626.387 1878.698 15.429 0.009 OO 1.275 0.013 OO
1.00 182 08 18 39.392 -49 32 10.55 1790.090 1886.393 16.600 0.008 OO 1.385 0.011 OO
1.00 183 08 19 38.625 -49 32 21.97 352.723 1913.912 15.228 0.006 OO 1.255 0.009 OO
1.00 184 08 18 48.474 -49 32 21.96 1569.646 1914.382 16.300 0.010 OO 1.317 0.015 OO
1.00 185 08 18 32.246 -49 32 39.45 1963.321 1958.848 16.913 0.012 OO 1.712 0.016 OO
1.00 186 08 18 49.863 -49 32 44.52 1535.854 1970.539 17.128 0.012 OO 2.311 0.016 OO
1.00 187 08 18 43.783 -49 32 52.72 1683.333 1991.264 16.532 0.011 OO 1.251 0.016 OO
1.00 188 08 18 51.011 -49 32 53.30 1507.979 1992.367 17.180 0.012 OO 2.314 0.016 OO
1.00 189 08 19 26.395 -49 33 10.28 649.540 2034.127 16.511 0.022 NN 1.407 0.032 NN
2.00 91 08 18 33.469 -49 19 36.07 257.355 73.092 17.015 0.012 OO 1.464 0.017 OO
2.00 245 08 18 30.150 -49 19 35.41 338.244 71.349 18.201 0.016 OO 1.433 0.024 OO
5.00 554 08 19 25.915 -49 19 39.01 1125.708 1699.977 18.195 0.050 OO 1.827 0.052 OO
5.00 555 08 19 9.944 -49 19 38.47 1515.005 1699.057 18.354 0.017 OO 1.422 0.025 OO
5.00 558 08 19 25.800 -49 19 44.90 1128.495 1714.635 18.493 0.044 OO 1.722 0.046 OO
5.00 559 08 18 47.700 -49 19 45.57 2057.147 1717.961 18.290 0.012 OO 1.680 0.017 OO
1.00 198 08 18 44.936 -49 19 46.39 1659.046 31.365 16.915 0.012 OO 1.262 0.017 OO
1.00 199 08 18 37.711 -49 19 46.35 1835.119 31.642 18.073 0.016 OO 1.272 0.025 OO
1.00 200 08 18 55.789 -49 19 47.78 1394.575 34.394 18.424 0.013 OO 1.483 0.019 OO
1.00 201 08 19 4.701 -49 19 50.41 1177.373 40.701 17.021 0.009 OO 1.332 0.012 OO
1.00 202 08 19 51.134 -49 19 50.10 45.861 40.372 22.206 0.254 OV 5.427 0.254 OV
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2.3 X-Ra y Data

The ROSAT data set wasretrieved from the public archivesvia the LEDAS website (http://ledas-

www.star.le.ac.uk/rosat/) hosted by Leicester University. The data were reduced using Asterix

Version 2.3-b1, a suite of X-ray reduction programs available from the University of Birmingham

(via URL http://www.sr.bham.ac.uk/asterix/). The data were cleaned(using the supplied house-

keeping �les) so that events recorded during periods of high background or poor aspect quality

were excluded from the data used to construct the �nal image. The data were then sorted into a

20 arcminute radius image cylinder (spectral data was retained at this stage), selectingcorrected

pulse height (PHA) channels 11 to 201. The resulting image cylinder, with an e�ectiv e exposure

time of 26.4ks, wasthen visually inspectedand obvious sourcesmasked in duplicate images,which

was then used to create a background image cylinder. This was then used, along with the other

calibration �les supplied with the data set, to createa background model. This, and the unmasked

imagecylinder, were then projected to createa 2-d imageand background model, which wereused

to search for sourcesusing Cash-statistic maximisation in the PSSalgorithm (Saxton et al., 2000).

The resulting source list was then used to further mask sourcesin the background spectrum to

produce a re�ned background model, and the image was searched for sourcesagain. This process

identi�ed 27 sourcesin the ROSAT PSPC FoV. Thesesourcesare listed in Table 2.4.
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Table 2.4: The ROSAT sourcelist. X and Y are positions in the PSPC FoV.

Index No. � (J2000) � (J2000) X Y Raw Flux (counts) Optical counterpart
�eld no. Star no.

1 08 18 14.80 -49 27 14.00 -0.190 -0.150 147.045 2.00 55
2 08 18 15.90 -49 13 22.00 -0.190 0.080 298.360 *.** ****
3 08 18 22.60 -49 08 19.00 -0.170 0.160 187.905 8.00 66
4 08 18 33.50 -49 24 13.00 -0.140 -0.100 300.960 1.00 27
5 08 18 46.90 -49 09 50.00 -0.110 0.140 38.912 8.00 231
6 08 18 50.30 -49 32 42.00 -0.100 -0.250 75.712 1.00 186
7 08 18 51.50 -49 02 33.00 -0.100 0.260 116.235 8.00 24
8 08 18 53.60 -49 12 22.00 -0.090 0.090 75.712 5.00 27
9 08 18 58.60 -49 21 16.00 -0.080 -0.050 67.744 1.00 92
10 08 18 59.30 -49 30 44.00 -0.070 -0.210 56.900 1.00 1243
11 08 19 7.90 -49 19 19.00 -0.050 -0.020 45.582 5.00 190
12 08 19 11.60 -49 07 9.00 -0.040 0.180 37.574 7.00 50
13 08 19 13.10 -49 35 1.00 -0.040 -0.280 241.856 *.** ****
14 08 19 15.90 -49 09 15.00 -0.030 0.150 34.794 8.00 70
15 08 19 27.00 -49 19 56.00 0.000 -0.030 45.351 5.00 4085
16 08 19 30.90 -49 09 1.00 0.010 0.150 288.562 7.00 59
17 08 19 31.20 -49 28 46.00 0.010 -0.180 77.948 1.00 417
18 08 19 46.10 -49 32 51.00 0.050 -0.250 246.063 1.00 71
19 08 19 58.30 -49 27 10.00 0.090 -0.150 101.015 3.00 55
20 08 20 18.80 -49 24 5.00 0.140 -0.100 40.602 3.00 2741
21 08 20 19.00 -49 35 12.00 0.140 -0.290 131.579 *.** ****
22 08 20 21.90 -49 33 0.00 0.150 -0.250 265.171 3.00 4470
23 08 20 31.60 -49 30 54.00 0.180 -0.220 90.579 3.00 609
24 08 20 52.00 -49 22 24.00 0.230 -0.070 1107.584 3.00 36
25 08 20 53.90 -49 27 38.00 0.240 -0.160 101.850 3.00 519
26 08 21 6.80 -49 16 24.00 0.270 0.030 308.753 4.00 47
27 08 21 7.70 -49 11 52.00 0.280 0.100 109.222 4.00 28
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2.4 Iden ti�cation of X-ra y sources

The optical catalogue was cross-correlatedwith the X-ray catalogue to produce a catalogue of

optical sourceswith counterparts on the X-ray catalogue. A bore-sight correction of +2 arcseconds

in right ascensionand +3 arcsecondsin declination was applied. Using a search radius of 10

arcseconds24 out of the 27 X-ray sourceswere correlated with the optical catalogue. This is

a similar proportion to that found by Pozzo et al. (2000), who found that 77 out of 83 sources

correlated. The optical counterparts for the matched X-ray sourcesare shown below in Figure 2.6.

Only those counterparts with good photometry and a signal-to-noiseratio above 10 are shown.

2.5 Discussion

Inspection of Figure 2.6 indicates that there appears to be a group of PMS stars at a similar age

and distance to that seenin Figure 2.7 for the 
 Vel �eld. However, they are far fewer in number

than those observed by Pozzo et al. (2000). The low number of X-ray detected PMS stars, in

addition to no visible PMS on the CMD makesit unfeasibleto �t isochronesin this case.However,

a 5 Myr D'An tona & Mazzitelli (1997) isochrone is overlaid on Figure 2.6 to demonstrate that the

location of the X-ray selectedobjects is consistent with ageand distance of Vela OB2.

There are 19 X-ray bright stars in the expected PMS region of the CMD for this survey

comparedwith 57 in the sameregion of the 
 Vel CMD. TheseX-ray detected stars are found to

be evenly distributed acrossthe �eld of view, with no indication of structure. Only 17 of the likely

PMS objects are displayed in Figure 2.6. This is becauseone (7.00-50) has a suspect data quality


ag (F), and the other (3.00-4470)has large uncertainties due to its faintness(V = 23.53� 0.58).

As can be seenin Table 2.4, the latter of thesehas a the 5th highest X-ray 
ux in the sample.

For the purposesthe following discussionI will assumethe distance to Vela OB2 is 410pc as

found by de Zeeuw et al. (1999). I will also assumethat it has the ageof the PMS stars identi�ed

by Pozzoet al. (2000), 4 Myrs. The de Zeeuw et al. (1999) study identi�ed 81 B star members of

Vela OB2 in a region with a 5� radius. If we assumea Salpeter (1955) IMF, we can usethe B star

count to estimate how many PMS stars in a given massrangewe would expect to �nd in our survey

region if stars were distributed uniformly acrossthe association. At the adopted distance and age
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Figure 2.6: CMD for the optical counterparts to the X-ray objects identi�ed in the ROSAT PSPC
data. A 5 Myr D'An tona & Mazzitelli (1997) isochrone, scaledto the Hipparcos distance to Vela
OB2 of 410 pc (de Zeeuw et al., 1999) is also shown.
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Figure 2.7: From Pozzoet al. (2000). The location on a V I CMD of X-ray sourcesmatched with
stars in the optical cataloguecentred on 
 Vel.
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the magnitude range15 < V < 18 correspondsto a massrangeof roughly 0.3M� < M < 0.75M � ,

using the isochrones of D'An tona & Mazzitelli (1997). We would expect to �nd 5 PMS stars in

this massrange in our survey region. In reality there are 6 X-ray bright stars in the appropriate

region of our CMD. The equivalent plot by Pozzoet al. (2000) shows 27 X-ray bright PMS stars in

the appropriate region of their CMD. This suggeststhat the objects identi�ed in this study form

part of the generalpopulation of PMS stars from the Vela OB 2 group. This is further supported

by their proximit y to the 5 Myr D'An tona & Mazzitelli (1997) isochrone scaledto the Hipparcos

distance to Vela OB2 (seeFigure 2.6. It would seemfair to suppose that the higher number of

PMS stars observedby Pozzoet al. (2000) represent a concentration of stars in the region of 
 2 Vel.

Concentrations of low-massmembersof OB associations in the vicinit y of high massmembershave

beenobserved elsewhere.For example, in the Orion OB1b association, a signi�can t concentration

of low-massPMS objects has been identi�ed in the vicinit y of the O-star � Orionis (e.g. Wolk,

1996). Similar concentrations have also been found in the vicinit y of � Persei (e.g. Lodieu et al.,

2005) and � Orionis (Dolan & Mathieu, 2001).

2.6 Conclusions

An optical V I imaging survey of a region coincident with a 25 ks ROSAT PSPC pointing within

the Vela OB2 association wascarried out with a view to searching for PMS objects, and comparing

the number found here with that found by Pozzoet al. (2000). Nineteen possiblePMS stars were

identi�ed by their X-ray emissionand their location on a CMD, comparedto 57 identi�ed by Pozzo

et al. (2000). Using a Salpeter IMF it wasconcludedthat the number of PMS stars identi�ed here

wasconsistent with expectedPMS population of Vela OB2. In contrast, by the samereasoningthe

number identi�ed in the vicinit y of 
 2 Vel by Pozzoet al. (2000) represents a high concentration

of PMS stars. This supports the proposal that there is a low-massPMS association surrounding


 2 Vel.
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3 On the nature of Collinder 121: insigh ts from
the low-mass pre-main sequence

3.1 In tro duction

In Chapter 2 the use of the V I CMD in conjunction with X-ray observations to identify PMS

objects was explored. In this chapter this theme will be extended. Here a VI CMD and X-ray

observations are used to identify low-massPMS objects. Their distribution in colour-magnitude

(C-M) spaceis then compared to theoretical isochrones for di�eren t agesto discern information

regarding age and distance. The following work has been published as a paper in the Monthly

Notices of the Royal Astronomical Society (MNRAS) (Burningham et al., 2003).

Collinder 121 (Cr 121) is listed in the New List of OB Associations (Melnik & Efremov,

1997) as an OB association at a distance of 540 pc. However, since its �rst identi�cation as an

open cluster of about 1� diameter by Collinder (1931), Cr 121 has had its membership re-assessed

a number of times. In this chapter we use the low-masspre-main sequence(PMS) to resolve the

long standing controversy over the nature of Cr 121, and demonstrate the power of the using

the low-massPMS to pick apart structure in OB associations. We also illustrate the di�culties

associated with using proper motion and parallax data of limited range in isolation.

The cluster was �rst discovered as a group of 18-20 main-sequenceB stars found within a

40x60 arcminute box. Collinder (1931) used the cluster diameter, along with mean separation of

stars within it, to derive a distance of 1260 pc. Feinstein (1967) studied the cluster using UBV

photometry and extended the membership to 40 stars brighter than V = 7 within a 10� x10� box.

This group wascharacterisedas an OB association and the position of the zeroagemain sequence

(ZAMS) indicated a distance of 630 pc. Already, two very di�eren t structures had beendescribed

by di�eren t authors. Eggen (1981) suggestedthat the original compact group and the larger OB

association may be distinct. Using intermediate band and H� photometry Eggen (1981) placed

the compact group, which he referred to asCr 121,at a distanceof 1.17kpc at an ageof 1.5 Myrs.

The more di�use group, which Eggen referred to as CMa OB2, was found to be at a distance of

740 pc.

More recently emphasishas been placed on the use of common motion criteria for de�ning
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cluster and association memberships. de Zeeuw et al. (1999) used Hipparcos proper motion and

parallax data to selecta moving group in the direction of Cr 121. They selected103stars in a region

13� x16� in extent, and �nd a meandistanceof 592� 28pc. The presenceof an O-star, a Wolf-Rayet

(WR) star and early type B stars in the membership list led to an estimated ageof � 5 Myr. Since

stars were selectedfrom a large region of sky compared to the original boundaries of the distant

interpretation of Cr 121, and the fact the Hipparcos parallaxesbecomeunreliable at about 1 kpc,

this selection method is biased to detecting a larger, more di�use foreground association rather

than the distant compact cluster of Collinder (1931). If both groups were present, as suggested

by Eggen (1981), only the foreground association would be detected as this would represent a

large number of stars with common motion at a similar distance, within the reliable domain of

Hipparcos parallaxes. Dias et al. (2001) useddata from the Tycho2 catalogueto re-determine the

mean proper motion of Cr 121, amongst other clusters. This study was restricted to open clusters

within 1 kpc, so again was biased to only detecting the foreground group, and would have been

insensitive to any more distant cluster along the sameline of sight. Apparently working within the

assumption of the de Zeeuw et al. (1999) view of Cr 121 and the Dias et al. (2001) membership

list, Dias et al. (2002) determine the distance to Cr 121 as 470 pc with and ageof 11 Myr.

Kaltc heva (2000) carried out Str•omgren and H� photometry of bright B stars within a 5�

radius of the classicalcentre (l,b) = (235.4� ,{10.4� ) of Cr 121. This revealed a group of stars at

660-730pc, with characteristics similar to an OB association, and a more compact group of stars

at a distance of 1085 pc, which she calls Cr 121. This would indicate that the original cluster

Cr 121 is situated at a distance of over 1 kpc, whilst the Cr 121selectedby de Zeeuw et al. (1999)

is a lessdistant OB association.

Inspection of the ROSAT Position SensitiveProportional Counter (PSPC) cataloguerevealed

a number of X-ray point sourcesin the vicinit y of WR 6, near the centre of the region studied

by Kaltc heva (2000) and the original centre of Collinder's cluster. WR 6 is listed as a member of

Cr 121 by de Zeeuw et al. (1999), but not by Kaltc heva (2000). The Hipparcos parallax for WR 6

of � = 1.74� 0.76mas, puts it at a distance of 575 pc.

As described in Chapter 1, sincelow-massPMS stars are expected to be X-ray bright due to

high levelsof coronal activit y, X-ray data can be usedasa diagnostic tool for identifying low-mass

PMS stars (e.g. Naylor & Fabian, 1999;Pozzoet al., 2000). The presenceof low-massPMS stars
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would allow us to �t isochrones to the PMS in a CMD, constraining the distance and ageof the

PMS. With this in mind we have obtained deepV I imaging photometry of a region 20' in radius,

covering the central region of the ROSAT PSPC �eld of view (FoV) for the pointings carried out

towards WR 6. Since the optical data were obtained, XMM-Newton data for this region of sky

becameavailable, allowing us to perform a more sensitive X-ray selectionof PMS stars.

The layout of our optical survey is shown in Figure 3.1, along with the location of the B stars

identi�ed as being members of the more distant group by Kaltc heva (2000) and WR 6. Although

our survey region coincideswith only two of the B stars identi�ed by Kaltc heva (2000) asmembers

of the more distant cluster, and lies towards the edgeof the region enclosedby them, we would

still expect to �nd a signi�can t number of low-massPMS stars from that group within our survey.

Studies of other young clusters and OB associations have always revealed O and B stars located

within a sea of low-mass PMS stars, not low-mass PMS stars just within a region enclosedby

higher massstars (e.g. Dolan & Mathieu, 2001;Pozzoet al., 2003).

3.2 Optical data

3.2.1 Observ ations

The V I CCD imaging of 8 13.5' FoVs centred on WR 6 was carried out using the 0.9m telescope

at CTIO in Chile on the night of 12/13 February 2002. These observations were carried out by

Dr. Rob Je�ries and Ms C. R. Devey.

The FoVs were selectedto cover the central region of the ROSAT PSPC pointings. Each

�eld wasobserved with short (10, 6 seconds)and long exposures(300, 180seconds)in the V and I

bands in photometric conditions. The short exposureswere aimed at capturing the brighter stars

in each �eld, which would be saturated in the long exposures. To reduce the number of cosmic

ray hits in any one image the long exposureswere split into three parts, of 100s in V and 60s

in I. The �elds were overlapped with each other to provide a check for the internal consistency

of the photometry (seesection 2.2). A number of Landolt (1992) standard star �elds, containing

standards with -0.6� V � I � 5.8, were also observed at several times during the night. This

ensuredadequatecalibration over the colour range of interest.
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Figure 3.1: The Layout of the �elds observed towards WR 6. The squareboxesoutline the 13.5'x
13.5' CTIO 0.9m �elds of view. The 11 B stars listed as members of the more distant association
described by Kaltc heva (2000) are marked as asterisks. WR 6 is marked with a circle. The PMS
objects discovered here are marked with dots.
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3.2.2 Data reduction and optimal photometry

The data were reduced, and photometry was performed using the optimal extraction algorithm

originally described by Naylor (1998) with its application for constructing CMDs described in

depth by Naylor et al. (2002). The software used to perform this task is described in Chapter 2.

The standard star �elds were reduced using the same algorithm. The instrumental magnitudes

and colours for 116 standard star observations were compared to those given by Landolt (1992)

to yield zero-points, colour terms and extinction coe�cien ts using equations 2.1 and 2.2. The

values for the coe�cien ts are listed below in Table 3.1. We found that an additional, magnitude

independent, uncertainty of 0.02 mag was required to give a � 2 of 116 for the V band calibration.

No such adjustment was required for V � I .

Table 3.1: Colour transformation coe�cien ts obtained for the V I survey towards Cr121.

	 Z K
V 0.0283 22.12 0.128

V � I 0.998 0.947 0.0834

The data reduction method used here is described in detail in Chapter 2. Each image was

bias subtracted and 
at�eld corrected,using �les constructed from twilight sky 
at�eld imagesand

bias frames taken at the beginning of the sameevening as the observations. The I-band images

were combined (after determining their o�sets) before using the deep co-addedimage for object

detection. Optimal photometry was then carried out on the list of stars producedby the detection

software to producean optical cataloguefor each FoV. Although the I-band imageswerecombined

for object detection, photometry wascarried out on the individual frames. This ensuredthat good

signal-to-noisein one frame was not swamped by poor signal-to-noisein another when the images

are combined. The individual measurements of each star were combined later, weighting each

measurement according to its signal-to-noise.

An astrometric solution was obtained through comparison of the optical catalogueswith

SuperCosmoscatalogues(Hambly et al., 2001) of the sameFoVs. The RMS of the 6-coe�cien t
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�t were approximately 0.2 arcsec. The resulting catalogueswere then combined to produce an

optical cataloguefor the entire region covered by our survey, listing a position, a V magnitude, a

V � I colour and a data quality 
ag (seeChapter 2) for 26104stars. The overlap regionsbetween

the �elds wereusedto assessthe internal consistencyof the optimal photometry, which was found

to be consistent at the 0.005mag level. A sample of the �nal catalogue given as Table 3.2, with

the full catalogue available via the CDS online databaseand the cluster collaboration catalogue

page1. The resulting CMD is shown below in Figure 3.2. As was seenin Figure 2.5, the galactic

background main-sequencepopulation is visible on this diagram, as is the red giant branch. The

main-sequencebackground is visible as the bluer of the two `�ngers' that emergefrom the densest

region of the diagram, whilst the red giant branch is the redder `�nger'. A population of PMS

stars is clearly visible on the CMD of the optical catalogue, lying redward of the background

contamination.

1http://www.astro.ex.ac.uk/p eople/timn/Catalogues/description.h tml



73

Table 3.2: A sampleof the full photometric catalogue,which is available on-line from the CDS and the cluster collaboration catalogue
page. Qualit y 
ags: 1st character is the quality 
ag for the star in the V band, the 2nd is for the I band. The meaningsof the 
ags are:
(O) O.K, (N) Non-stellar, (E) star too closeto CCD Edge, (B) Background �t failed, (S) Saturated, (I) Ill determined sky, (V) Variable,
(F) bad (Flagged) pixel, (M) negative (Min us) counts.

Field No. Index No. � (J2000) � (J2000) X Y V � V Qualit y V-I � V � I Qualit y

9.00 3061 06 52 59.493 -24 08 58.44 1940.396 1271.814 21.660 0.933 MO 0.987 0.986 MO
2.00 2224 06 52 59.504 -23 52 0.84 1886.245 434.454 21.023 0.511 OO 0.574 0.539 OO
2.00 1028 06 52 59.506 -23 53 15.15 1885.973 619.683 18.706 0.088 OO 0.790 0.095 OO
2.00 1201 06 52 59.506 -23 55 37.23 1885.625 973.810 19.854 0.040 OO 1.044 0.059 OO
9.00 988 06 52 59.515 -24 05 17.67 1940.311 721.652 19.131 0.018 OO 0.857 0.034 OO
9.00 1600 06 52 59.534 -24 00 56.51 1940.473 70.826 24.385 2.898 OO 4.619 2.892 OO
9.00 930 06 52 59.541 -24 04 12.70 1939.621 559.756 21.411 3.731 NN 0.670 3.882 NN
9.00 2814 06 52 59.545 -24 07 26.56 1938.916 1042.858 24.520 1.007 OV 4.934 1.007 OV
2.00 4088 06 52 59.548 -24 02 37.41 1883.104 2021.075 21.370 0.706 NN 1.462 0.911 NN
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3.3 X-Ra y data

3.3.1 ROSAT data

Nine pointings of the ROSAT PSPC were made towards WR 6 between1991and 1992, totalling

28 ks. The data set for each pointing was retrieved, sorted and a re�ned background model

constructed for each as described in Chapter 2. The re�ned background models were then co-

added. The imagesfor each pointing were also co-addedto produce an image for sourcedetection

with an e�ectiv e exposure time of 25.8 ks. This image and the background model were then used

to search for sourcesusing the PSSalgorithm, returning 39 X-ray sources.The archival releaseof

XMM-Newton observations of this region of sky meansthat much of the data in this sourcelist has

beensupersededin sensitivity and positional accuracy. As a result we retrieved the XMM-Newton

data and removed from the ROSAT PSPC sourcelist those objects that appeared in both setsof

data.

3.3.2 XMM-Newton data

Data from two XMM-Newton observations using the European Photon Imaging Camera (EPIC)

were used to make the X-ray source catalogue. One directed at WR 6 with 12864secondtotal

integration time during revolution 346(Skinner et al., 2002),and another of 52496secondsdirected

at the north-westquadrant of the ring nebulaS308carried out during revolution 343(unpublished).

Skinner et al. (2002) investigatedthe possibleexistenceof a closecompanionto WR 6. They make

note of one other source in their FoV, 57.4" south of WR 6, which they fail to correlate with a

SIMBAD counterpart. This sourcecorrelateswith a star in our photometric PMS selection(�eld

1, star 73, seeTable 3.6). Other than this they do not discuss the other sourcesin the FoV.

The �nal EPIC source lists were retrieved from the ESA XMM-Newton ScienceData Archive

(http://xmm.vilspa.esa.es/) and �ltered to remove sourceswith detection likelihood valuesof less

than 20. This wasto allow for an error in the calculation of detection likelihoods by the XMM-SAS

pipeline, in versions5.4.1 and earlier (seeXMM-Newton news #29). The two source lists were

then cross-correlatedwith oneanother to remove duplicates. In each caseof a duplicate sourcethe

observation with best signal to noisewasused. The sourcelist was then further restricted to cover
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just the region coveredby the optical survey. A sampleof the resulting sourcelist, which contained

138 sources,is given as Table 3.3. The complete version is available via the CDS online database.

Listed for each sourceare the XMM-Newton sourcenumber, right ascension,declination, error in

position, count-rate and error in count-rate. For thoseX-ray sourcesthat correlate with an optical

counterpart (seesection 4) the �eld number and star index are also listed.

It can be seenin Table 3.3 that occasionally the uncertainty in the Epic count rate is larger

than the measured count rate. This does not indicate a non-detection, as source detection is

not reliant on the count rate being larger than somemultiple of the uncertainty. Instead source

detection relies on the result of a likelihood determination, similar to that used for the ROSAT

data.

Of the 39 ROSAT PSPC sources,13 lay within the optical survey region and did not appear

in the XMM-Newton sourcelist. We will refer to this set of sourcesas the reducedROSAT PSPC

source list. This source list is given as Table 3.4. For each source we list and index number,

right ascension,declination and the 
ux. Again, for those sourcesthat correlate with an optical

counterpart we also list the �eld number and star index.
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Table 3.3: A sampleof the XMM-Newton sourcelist. The full version is available on-line from the CDS.

Index No. � (J2000) � (J2000) � pos (arcsec) Epic count rate(s� 1) � C R Optical counterpart
�eld no. Star no.

1 06 54 13.040 -23 55 41.64 5.000 0.616 0.008 1.00 16
2 06 54 24.750 -23 50 31.56 5.000 0.034 0.005 1.00 10
4 06 54 28.460 -24 00 27.36 5.000 0.019 0.004 1.00 283
5 06 54 42.730 -24 07 14.18 5.000 0.048 0.015 8.00 20
6 06 54 17.530 -24 09 1.63 5.000 0.025 0.012 5.00 75
7 06 54 11.710 -23 56 39.57 5.000 0.011 0.005 1.00 73
8 06 53 48.930 -24 04 18.21 5.000 0.012 0.019 9.00 2086
9 06 53 13.220 -24 04 39.28 5.000 0.013 0.021 *.** ****
10 06 54 55.290 -23 53 38.18 5.000 0.013 0.019 3.00 62
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Table 3.4: The reducedROSAT sourcelist. X and Y are positions in the PSPC FoV.

Index No. � (J2000) � (J2000) X Y Raw Flux (counts) Optical counterpart
�eld no. Star no.

1 06 53 1.200 -23 51 21.00 -0.270 0.070 73.169 2.00 2096
2 06 53 12.800 -23 53 53.00 -0.230 0.030 35.155 2.00 1070
3 06 53 13.200 -23 52 31.00 -0.220 0.050 36.431 2.00 143
5 06 53 19.600 -24 06 1.00 -0.200 -0.170 35.931 9.00 1029
8 06 53 28.800 -24 09 15.00 -0.160 -0.220 54.406 9.00 84
11 06 53 46.100 -24 07 17.00 -0.100 -0.190 39.062 9.00 23
15 06 53 52.900 -24 06 40.00 -0.070 -0.180 38.606 9.00 20
17 06 54 1.800 -24 11 42.00 -0.040 -0.270 48.397 5.00 3692
29 06 54 26.000 -23 43 49.00 0.050 0.200 28.123 4.00 216
33 06 54 38.300 -24 02 43.00 0.100 -0.120 19.837 8.00 343
35 06 54 43.200 -24 10 58.00 0.120 -0.250 34.905 8.00 26
36 06 54 49.100 -24 01 54.00 0.140 -0.100 23.722 8.00 116
39 06 55 12.400 -23 51 32.00 0.230 0.070 33.225 *.** ****
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3.4 Iden ti�cation of X-ra y sources

3.4.1 Cross-correlation of optical and X-ra y source lists

XMM-Newton sourcelist and the reducedROSAT PSPC sourcelist were cross-correlatedagainst

the optical catalogue. XMM-Newton sourceswere matched using a search radius of 5 arcseconds,

except in caseswhere the error in the position given in the EPIC sourcelist was greater than this.

In these casesthe radius of the position error circle given in the XMM-Newton data was used.

Since the accuracy of their positions was poorer, a search radius of 10 arcsecondswas used to

match the ROSAT sources.A bore-sight correction of +3 arcsecondsin declination wasapplied to

the ROSAT co-ordinates. This was basedon the o�set between the co-ordinates of the brightest

X-ray sourcein the original ROSAT PSPC sourcelist and the co-ordinatesof WR 6 in the optical

catalogue. Of the 151 X-ray sourcesin optical survey region (138 XMM-Newton sourcesand 13

ROSAT PSPC sources)103correlate with stars in the optical catalogue(91 XMM-Newton sources

and 12 ROSAT PSPC sources). The positions in C-M spaceof the stars in the optical catalogue

with X-ray correlations are shown in Figure 3.3. We have excluded stars with data quality 
ags

other than \OO", and those with signal-to-noiselessthan 10. It is clear from this plot that the

majorit y of the correlated stars lie the region of the diagram occupied by the PMS. In fact, of the

68 sourcesplotted in Figure 3.3, 43 lie in the PMS region of the diagram. It is interesting to note

that there is an apparent over-density of X-ray selectedcandidate PMS objects centered at the

coordinates (V � I , V ) 1.1, 15. This corresponds roughly to where the PMS is expected to meet

the galactic background main-sequence.This may indicate contamination of the sampleby X-ray

active main-sequencestars.

We estimated how many chancecorrelations we would expect to �nd in di�eren t regionsof

the CMD by performing the cross-correlationprocedure for 8 di�eren t o�sets of 30 arcsecondsin

each axis betweenthe catalogues.We �nd that we would expect up to 5 of the correlations in the

PMS region of the CMD to spurious, whilst essentially all of the correlations in the background

region would be spurious.
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Figure 3.2: The CMD for the optical survey region for all un
agged objects with signal-to-noise>
10 in V and V-I.

Figure 3.3: The CMD for X-ray correlated stars. Of the 103stars correlated, 35havebeenexcluded
from this plot due to low signal-to-noise(13) or for poor quality photometry (22).
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3.4.2 Inferred X-ra y Luminosities

It is important to verify that the observed count rates for the X-ray selectedPMS candidatesare

consistent with what is expectedfor PMS stars. As mentioned in Chapter 1, the X-ray luminosities

of low-massPMS stars are expected to range from < 1028 to 1031 erg s� 1 (Feigelson& Montmerle,

1999). Feigelsonet al. (1993) usedROSAT observations to identify PMS stars in the ChameleonI

dark cloud. They used a conversion factor of 1 count ks� 1 = 3 � 1028 erg s� 1 to obtain X-ray

luminosities from ROSAT count rates. This assumeda distance of 140 pc to their targets. Since

any low-massPMS stars identi�ed along this sight-line would be expected to be at a distance of

roughly 600pc or 1 kpc, this conversionfactor becomeseither: a) 1 count ks� 1 = 5:4� 1029 erg s� 1;

or b) 1 count ks� 1 = 1:5 � 1030 erg s� 1. Inspection of Table 3.4 indicates that the raw 
uxes for

all the ROSAT X-ray sourceslie approximately between20 and 80 counts. Sincethe total e�ectiv e

exposuretime was25.8ks, this correspondsto count rates ranging from 0.8 to 3.1 counts ks� 1. As

such, the inferred X-ray luminosities lie in the range 4:3 � 1029 erg s� 1 to 1:7 � 1030 erg s� 1 for

a distance of 600 pc, or the range 1:2 � 1030 erg s� 1 to 4:7 � 1030 erg s� 1 for a distance of 1 kpc.

In both casesinferred X-ray luminosities for theseobjects are consistent with their status as PMS

stars.

3.4.3 In vestigation of the prop er motions of the X-ra y selected PMS
candidates

To remove objects that were not members of the group of interest, we re�ned our selection to

remove objects that do not share common motion. We obtained SuperCosmosproper motions

for 52 stars in our X-ray selectedPMS (we did not exclude stars with poor photometry 
ags or

low signal-to-noise for this experiment). A mean proper motion was calculated from the data,

with each star being given a weight inversely proportional to the squareof its error. Stars which

contributed a � 2 > 4 were removed from the selectionand the weighted mean recalculated. This

was repeated until no stars in the sample contributed a � 2 above this value. In total 17 stars

were removed from the sample,and theseare marked on Figures 3.5 and 3.6 with faint circles. A

value of � 2 > 4 was chosenas the de-selectioncriterion since, for a sample of 52 stars, a 2� clip

would be expected to remove 2 or 3 bona-�de members of the group. It is thought that all of the
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stars removed from the samplewere non-members. The distribution of the proper motions for the

�nal selectionare shown in Figure 3.4. The width of the distribution is consistent with the mean

errors and an internal velocity dispersion which is closeto zero. Those objects that were classi�ed

as PMS members of an association along this sight-line by both photometric and proper motion

criteria are listed in Table 3.5. Thosethat weredeselectedbasedon their proper motions are listed

in Table 3.6.

An interesting experiment would be to comparethe proper motions of the con�rmed members

of this group of PMS stars with those measuredby other surveys for stars along this sight-line.

Unfortunately systematic error in the SuperCosmosproper motions is large at galactic latitudes

jbj � 30� (Hambly et al., 2001). As such, SuperCosmosproper motions for stars within our survey

region with b � � 10� will have a large systematic error. This is both magnitude and survey plate

dependant.

We have assessedthis issueby calculating the weighted mean of the SuperCosmosproper

motions for a broad selectionof background �eld stars in our survey. The proper motion we �nd is

(� �cos� , � � ) = (2.43 � 0.26, -2.07� 0.27) mas/yr. We calculate that the proper motion that would

be expected due to galactic rotation and solar re
ex for stars at 1 kpc distance in the direction of

our survey should be approximately (� �cos� , � � ) = (-2, 1) mas/yr. Since, for a random selection

of �eld stars, one would expect the mean proper motion to coincide with the proper motion of

the LSR and solar re
ex, it is clear that whilst the SuperCosmosproper motions are su�cien tly

internally consistent for crude membership selection,they are not suitable for drawing comparisons

with proper motions obtained from other surveys.
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Figure 3.4: The proper motions for our X-ray selectedPMS. Black dots show SuperCosmosproper
motions for individual stars (Hambly et al., 2001), whilst the black error diamond indicates their
weighted mean. The mean error in the SuperCosmosproper motions is 9.7 mas/yr in � �cos� and
8.3 mas/yr in � � .
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Table 3.5: The Catalogue of X-ray selectedPMS stars which were also proper motion members. Qualit y 
ags: 1st character is the
quality 
ag for the star in the V band, the 2nd is for the I band. The meaningsof the 
ags are: (O) O.K, (N) Non-stellar, (E) star too
closeto CCD Edge, (B) Background �t failed, (S) Saturated, (I) Ill determined sky, (V) Variable, (F) bad (Flagged) pixel, (M) negative
(Min us) counts.

Field No. Index No. � (J2000) � (J2000) X Y V � V Qualit y V-I � V � I Qualit y
1.00 283 06 54 28.382 -24 00 28.33 523.465 1702.193 17.519 0.040 OO 2.187 0.040 OO
8.00 20 06 54 42.700 -24 07 14.57 1690.619 1010.048 13.786 0.006 OO 0.951 0.008 OO
3.00 62 06 54 55.245 -23 53 38.92 1278.492 679.337 14.680 0.006 OO 0.914 0.008 OO
8.00 114 06 54 49.326 -24 01 45.58 1465.167 190.009 17.544 0.010 OO 2.315 0.012 OO
1.00 241 06 54 23.176 -23 58 27.34 701.341 1400.640 15.763 0.018 OO 1.222 0.019 OO
1.00 217 06 53 44.112 -23 56 33.98 2036.446 1119.018 17.868 0.038 OO 2.049 0.038 OO
1.00 103 06 53 53.358 -24 02 6.55 1719.630 1947.546 14.996 0.003 OO 1.022 0.005 OO
1.00 142 06 54 17.023 -23 51 19.34 911.908 333.942 17.132 0.009 OO 1.994 0.012 OO
5.00 146 06 54 30.847 -24 03 21.67 416.553 414.314 15.993 0.006 OO 1.417 0.009 OO
1.00 270 06 54 4.895 -24 00 1.90 1325.816 1636.559 16.527 0.024 OO 1.738 0.025 OO
5.00 155 06 54 24.476 -24 03 46.10 634.082 475.192 17.206 0.008 OO 1.928 0.011 OO
5.00 175 06 54 28.227 -24 05 50.53 506.052 785.303 15.538 0.006 OO 1.086 0.009 OO
5.00 377 06 54 11.396 -24 04 35.61 1080.652 598.685 18.591 0.013 OO 2.520 0.015 OO
9.00 65 06 53 49.227 -24 05 44.12 243.212 786.842 15.093 0.004 OO 1.169 0.006 OO
1.00 669 06 54 23.934 -24 00 56.84 675.375 1773.234 18.256 0.008 OO 2.151 0.010 OO
2.00 610 06 53 23.910 -23 58 34.80 1051.277 1415.663 18.623 0.080 OO 2.500 0.090 OO
2.00 128 06 53 26.487 -23 51 38.56 963.496 378.178 17.167 0.033 OO 2.122 0.033 OO
8.00 59 06 54 53.249 -24 06 16.99 1330.721 866.268 15.025 0.006 OO 1.090 0.008 OO
1.00 711 06 54 30.531 -24 02 11.12 450.042 1958.374 19.059 0.012 OO 2.512 0.014 OO
1.00 421 06 54 20.499 -23 52 31.25 792.979 513.154 19.931 0.031 OO 2.755 0.033 OO
2.00 28 06 53 45.803 -24 00 4.24 303.310 1638.443 13.306 0.012 FO 0.711 0.016 FO
2.00 310 06 53 39.902 -23 49 58.21 504.650 127.940 19.901 0.249 IO 2.729 0.264 IO
6.00 26 06 55 5.986 -23 48 6.44 886.951 1570.648 12.598 0.008 OO 0.632 0.009 OO
1.00 243 06 54 32.055 -23 58 39.95 397.960 1432.076 15.624 0.017 OO 1.085 0.018 OO
2.00 123 06 53 14.140 -23 51 12.99 1385.775 314.702 18.053 0.054 OO 2.057 0.055 OO
1.00 50 06 54 4.958 -23 51 58.68 1324.456 432.186 14.461 0.013 OO 0.939 0.014 OO
2.00 126 06 52 59.607 -23 51 31.79 1882.788 362.056 17.881 0.048 OO 2.726 0.048 OO
1.00 62 06 53 58.401 -23 53 50.12 1548.458 710.112 14.581 0.013 OO 1.222 0.015 OO
4.00 367 06 54 1.454 -23 38 28.39 1416.782 120.055 18.109 0.018 OO 2.028 0.020 OO
4.00 18 06 53 59.247 -23 42 24.56 1491.916 708.767 10.623 0.011 IN 0.015 0.015 IN
4.00 343 06 54 26.122 -23 37 49.12 571.728 21.888 19.264 0.142 OO 2.538 0.142 OO
4.00 380 06 54 14.114 -23 38 48.92 983.074 171.002 19.447 0.023 OO 2.901 0.025 OO
9.00 84 06 53 28.076 -24 09 18.79 965.046 1321.824 14.888 0.006 OO 1.032 0.008 OO
8.00 26 06 54 43.492 -24 11 0.44 1663.026 1572.877 11.588 0.011 NN 0.138 0.016 NN
8.00 116 06 54 49.690 -24 01 54.07 1452.693 211.155 16.031 0.007 OO 1.360 0.008 OO
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Table 3.6: The Catalogueof X-ray selectedPMS stars which werenot proper motion members. Qualit y 
ags: 1st character is the quality

ag for the star in the V band, the 2nd is for the I band. The meaningsof the 
ags are: (O) O.K, (N) Non-stellar, (E) star too closeto
CCD Edge, (B) Background �t failed, (S) Saturated, (I) Ill determined sky, (V) Variable, (F) bad (Flagged) pixel, (M) negative (Min us)
counts.

Field No. Index No. � (J2000) � (J2000) X Y V � V Qualit y V-I � V � I Qualit y
1.00 10 06 54 24.926 -23 50 32.22 641.610 216.465 12.291 0.011 NN 0.974 0.016 NN
5.00 75 06 54 17.359 -24 09 2.91 876.917 1264.800 13.457 0.006 OO 0.727 0.008 OO
1.00 73 06 54 11.668 -23 56 39.46 1094.679 1131.870 15.363 0.006 OO 1.150 0.009 OO
1.00 54 06 54 38.612 -23 52 46.11 173.600 550.238 14.697 0.005 OO 0.776 0.006 OO
4.00 32 06 54 25.237 -23 48 13.95 602.029 1579.247 10.399 0.011 I I 0.530 0.015 I I
9.00 10 06 53 47.900 -24 04 14.41 288.466 563.284 12.941 0.008 OO 0.720 0.011 OO
1.00 527 06 54 34.361 -23 56 31.49 319.100 1111.931 19.216 0.019 OO 2.822 0.021 OO
5.00 474 06 54 15.829 -24 07 41.69 929.199 1062.385 19.367 0.145 OO 2.456 0.158 OO
1.00 198 06 54 2.020 -23 55 24.62 1424.525 945.530 18.823 0.014 OO 3.458 0.016 OO
8.00 825 06 54 35.539 -24 01 26.02 1936.076 141.717 21.748 0.087 OO 3.199 0.089 OO
8.00 45 06 55 1.219 -24 03 24.50 1058.879 436.294 15.070 0.006 OO 0.859 0.009 OO
4.00 25 06 53 47.103 -23 44 23.71 1907.386 1006.131 12.502 0.011 OO 1.005 0.016 OO
2.00 51 06 53 1.832 -23 51 36.62 1806.706 373.990 15.391 0.016 OO 1.888 0.017 OO
4.00 28 06 54 1.644 -23 46 13.73 1409.453 1279.888 11.039 0.011 I I 1.214 0.015 I I
4.00 29 06 53 48.959 -23 46 15.28 1843.567 1284.157 12.570 0.011 OO 0.528 0.013 OO
9.00 23 06 53 46.731 -24 07 19.32 328.471 1024.081 12.231 0.005 OO 0.793 0.007 OO
5.00 3692 06 54 2.434 -24 11 47.66 1385.935 1675.635 20.010 0.275 NI 4.027 0.278 NI
4.00 216 06 54 26.372 -23 43 44.89 563.172 908.619 18.164 0.011 OO 2.097 0.014 OO
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3.5 Discussion: how far away and how old are the PMS
stars?

The �tting of theoretical isochrones to the observed PMS can yield distancesand agesfor stars

found there. However there is a degeneracybetweendistance and agefor low-massstars. As such

any estimatesof distanceand agemust be madewithin the context of the estimatesof the distances

to the higher massstars, as well as the constraints that higher massstars place on the ageof any

associations that may be present.

Isochrones in V=V � I were generated from the solar metallicit y models of D'An tona &

Mazzitelli (1997) in the samemanner as described by Je�ries et al. (2001). Empirical colour-Tef f

conversionswere obtained by �tting a 120 Myr isochrone to the Pleiadesat a distance modulus of

5.6, E(B � V )=0.04, E(V � I c)=0.05.

We scaled the resultant isochrones for a distance of 600 pc, in keeping with the distance

derivedfor Cr 121by deZeeuw et al. (1999)of 592� 28pc. In addition to shifting the isochronesfor

distance, they werealsoshifted for an extinction of AV = 0:17 (Kaltc heva, 2000). This corresponds

to a reddening of E(V � I ) = 0:07 (if we assumea galactic reddening law), though this has little

e�ect on the results as the reddening vector lies along the isochrones. If the low-massPMS stars

are located within the association at the distance found from the Hipparcos data, the best �tting

isochronesare thosecorresponding to agesbetween20 and 50 Myrs (seeFigure 3.5). Theseimply a

median ageof 30 Myrs, with an agespreadof about 30 Myrs. Such an agespreadis not considered

likely for an association of this age(Je�ries & Tolley, 1998,and referencestherein). Additionally ,

as was noted by de Zeeuw et al. (1999), the presenceof an O-star and early B-stars indicates that

this moving group is young, about 5 Myrs old. For such a large number of PMS stars to be found

within such a small survey region would also be surprising if they were associated with the group

described by de Zeeuw et al. (1999). Assuming a Salpeter initial massfunction (IMF), we calculate

that we would expect to �nd 39000.20-0.73M � (14 � V � 20 at 592 pc) stars for the 85 B stars

selectedas members by de Zeeuw et al. (1999). If we assumethat these would be distributed

evenly over a region at least as large as the 13� x16� region occupiedby the B stars, then we would

expect to �nd fewer than �v e 0.20-0.73M � stars within the region observed here. As such, the

PMS found here would represent quite a concentration of the low-massstars of the association. It
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should be noted that a more realistic IMF would predict even fewer stars in this massrange, since

several observational studies have found that the IMF in young clusters 
attens out at masses

below � 0.8 M � (e.g. Preibisch et al., 2002;Brice~no et al., 2002,and referencestherein).

The three lines of argument described above lead us to reject the scenario in which the

low-mass PMS stars are associated with the moving group detected using the Hipparcos data.

Instead, we usethe presenceof early-type main sequenceB-stars in the membership lists for both

interpretations of Cr 121 to constrain the ageto lessthan 15 Myrs. Such a young ageis also more

in keepingthe scatter of stars in the PMS region of the diagram. Scalingsetsof isochronesfor ages

of lessthan 15 Myrs for distance until they �tted as much of the data as possiblegave a distance

of 1050 pc, and a modal age of between 1 and 10 Myrs, applying the sameextinction as before.

This is consistent with the distance given by Kaltc heva (2000) for a compact group of stars at

1085 � 41 pc. Figure 3.6 shows that the agespread implied by �tting isochronesfor this distance

is lessthan 10 Myrs, much more in keepingwith agespreadsobserved in other young clusters and

associations (e.g. Pozzoet al., 2003), than the 30 Myr agespreadsuggestedby the �t for 600 pc.

Isochronesfor 1 and 20 Myr, scaledfor the samedistance as the 5 and 10 Myr ones,are included

in Figure 3.6 for comparison.

If we carry out a similar calculation to the one above, using a Salpeter IMF, we �nd that

we would expect there to be around 540 stars in the 0.29-0.98M � massrange (14 � V � 20 at

1050pc) for the 11 B-type members of the more distant cluster suggestedby Kaltc heva (2000). If

we assumean even distribution of stars over the � 1� radius surveyed there, then we would expect

to �nd, at most, 130 stars in this massrange in the region covered by our optical survey. This is

consistent with the population of the PMS observed here. This would indicate that the PMS we

have identi�ed consistsof stars in the � 1 kpc distant cluster identi�ed by Collinder (1931); Eggen

(1981) and Kaltc heva (2000). To avoid confusion we shall refer to this distant cluster as Cr 121,

and we shall refer to the association at approximately 600pc asCMa OB2, following Eggen(1981).

As can be seenin Figure 3.6, several of the candidate PMS objects that were rejected on the

basis of their proper motions lie about a magnitude above the isochrones �tted for Cr 121. It is

possiblethat theseobjects may in fact be foreground members of CMa OB2.
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Figure 3.5: The CMD for the �elds centred on WR 6 with 5, 20, and 50 Myr isochronesoverlaid for
(intrinsic) dM=8.9 and AV =0.17. Circled points indicate X-ray correlated stars. Points marked
with faint circles are those cut from the sample in section 4.2.
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Figure 3.6: The CMD for the �elds centred on WR 6 with 1, 5, 10 and 20 Myr isochrones�tted for
(intrinsic) dM=10.1 and AV =0.17. Circled points indicate X-ray correlated stars. Points marked
with faint circles are those cut from the sample in section 4.2.
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3.6 Conclusions

It seemsclear that the low-massPMS stars detected here are associated with the compact group

of stars found by Kaltc heva (2000); Eggen(1981) and Collinder (1931) at a distance of over 1 kpc,

originally designatedCr 121. If this cluster were of the extent and at the distance found by de

Zeeuw et al. (1999), the discovery of such a concentration of low-massPMS stars which are somuch

older than the rest of the association, and with an agespreadof 30 Myrs, seemsincredible. It is

alsoclear however, that there is a young moving group that wasdetectedusing the Hipparcos data

by de Zeeuw et al. (1999) at a distance of 592 � 28 pc, of which WR 6 is likely a member, in the

samedirection. The characteristics of the group described there, however, seemmore in keeping

with an OB association, than with the compact open cluster originally described as Cr 121. We

argue that the distant open cluster should retain its original designation as Collinder 121, whilst

the nearer OB association described by Feinstein (1967); de Zeeuw et al. (1999); Dias et al. (2002)

should be re-designatedas CMa OB2, following Eggen(1981).

Whilst the Hipparcos censusof OB associations within 1 kpc is an invaluable resourcefor

studying recent local star formation, this work demonstratesthe importance of interpreting proper-

motion and parallax data within the context of age and distance constraints imposed by main-

sequencehigh massand low-massPMS stars. This is particularly true when investigating structures

that extend beyond the range of the Hipparcos data.

This work has demonstrated how the consideration of the C-M distribution of a PMS pop-

ulation can provide insights into the structural nature of the group of which they are members.

Studies of the type described here are limited however, as the PMS selection is biased towards

only selecting X-ray bright objects. As such, some method of making an unbiased selection of

PMS objects on the CMD is required if other properties of the group such as its massfunction,

or apparent agespread,are to be studied. It is just this subject that will be explored in the next

chapter.
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4 Con tamination and exclusion in the � Orionis
young group.

4.1 In tro duction

In this chapter the issuesof contamination by non-members, and exclusion of bona-�de members

from photometric PMS selectionswill be explored. The selection of candidate members of OB

associations and young clusters by location on a CMD is an extremely cost e�ectiv e way of iden-

tifying PMS stars. Clearly it is not possibleto be con�dent of an individual object's PMS status

basedpurely on its location in colour-magnitude (C-M) space.However, wherestatistical studiesof

PMS populations are concernedphotometric selectionhas the potential to prove extremely useful.

Before such a selectiontechnique may be usedwith con�dence, an estimate of the level of contam-

ination by non-members must be obtained. It must also be determined if appreciablenumbers of

bona-�de members lie beyond the proposedselectionareaon the CMD. Such a selectiontechnique

would be of particular usefor studies of the low-massend of the initial massfunction (IMF). The

following work has beenpublished in a MNRAS paper (Burningham et al., 2005b).

Studies of the low-massand sub-stellar IMF provide the opportunit y to constrain theories

of star formation and investigate environmental in
uences on the �nal results of the formation

process. Whilst the high and intermediate massregions of the IMF have been well studied and

found to be essentially universal in the �eld and in clusters(e.g. Hillenbrand, 2003;Garmany et al.,

1982,and referencestherein), this is not the casefor low and sub-stellar masses.Although there

have been a number of studies of the low-massIMF in the �eld (e.g. Reid et al., 1999; Kroupa,

2001), due to their inherent faintnessonly the most nearby of �eld T dwarfs are detected, leading

to poor statistics at thesemasses.Searchesfor brown dwarfs in intermediate age(108 yrs) clusters

such as the Pleiades have proved fruitful (e.g. Moraux et al., 2003; Basri, 2000, and references

therein). Unfortunately , to derive an IMF from the massfunction of an intermediate age cluster

requires corrections for the e�ects of stellar and dynamical evolution over the ageof the cluster.

Young clusters and associations are the ideal placesto study this region of the IMF. This is

becausemany of the problems associated with measuringthe IMF at the lowest massesdisappear

in such young regions. Firstly no correction need be made for the e�ects of stellar or dynamical
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evolution, the regionsare su�cien tly young that the measuredmassfunction is the IMF. Also, the

objects at sub-stellar massesare much easierto observe at agesof lessthan 10 Myrs sincethey still

shine brightly as gravitational potential is released.In addition, a supposedadvantage of clusters

and associations with agesof less than 2 Myrs is the lack of contaminating sourcesdue to the

fact that such young clusters are often still associated with their natal molecular cloud, which will

tend to obscurethe background to high extinctions. The Orion Nebula Cluster (ONC) has been

extensively studied for just these reasons(e.g. Muench et al., 2002; Luhman et al., 2000; Lucas

& Roche, 2000). However, inspection of the methods which must be employed for such studies

revealsthat association with a molecular cloud brings with it its own, unavoidable, problems.

Since there is often a spread of agesin young star forming regions, it is preferable to use

photometric magnitudes and spectroscopically derived temperatures in conjunction with PMS

models to determine the age and mass for each object in the sample. Unfortunately due to the

high extinctions present along sight-lines toward young, partially embedded,clusters it is generally

not possibleto obtain spectroscopy for the lowest massobjects. Sincethere is alsonormally a large

range of reddening toward objects within such clusters it is not possibleto determine the ageand

massfor each object, and a distribution of agesand reddeningmust be assumedto obtain the IMF

from the luminosity function (LF) (Muench et al., 2002). Another e�ect of the high extinction

is that LFs must be constructed in the K- and L-band to avoid biasing the sample to the least

extincted objects and to ensurea good level of completeness.However, it has been observed in

the young clusters such as the ONC that up to 85% of the objects have circumstellar discs,which

are responsible for infra-red excesses(e.g. Lada et al., 2000), making massfunctions derived from

K- and L-band LFs unreliable. Theseproblems are avoided if star forming regionsbetween2 and

10 Myrs old are used for IMF studies. At these agesthe clusters have often emergedfully from

their natal cloud, presumably due to the UV 
ux from the massive stars evaporating the molecular

gas. The lower extinction allows the luminosity function to be constructed in the I-band, which is

lessa�ected by circumstellar discs than the K-band, in addition to making spectroscopy possible

down to very low masses.Sincewe needsuch regionsto be asnearby aspossible,to allow studiesof

the lowest massobjects, the number of prospective laboratories is very small. The most promising

candidate is the � Orionis (� Ori) younggroup, a constituent of the Orion OB1b association, which

has ageestimatesin the range 1.7 - 5 Myrs (Warren & Hesser,1978;Brown et al., 1994). The low
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extinction, E(B � V ) = 0:05 (Lee, 1968),and small distance, D � 350pc (Perryman et al., 1997),

make it ideal for studies of the low massIMF.

B�ejar et al. (2001) have carried out an investigation of the sub-stellar IMF in the � Ori

region. They used a sample of 9 spectroscopically con�rmed members to de�ne the locus of the

cluster sequencebetweenM6 and L4 spectral types. They then usedthe location of this sequence

in C-M spaceto identify cluster members, and construct an I-band LF. Using several di�eren t

models to construct their IMF, B�ejar et al. (2001) found a massspectrum (dN=dm) / m � � with

an exponent of � =0.8� 0.4 between 0.2 and 0.01M� , i.e. the number of objects per mass bin

continues to increasewith decreasingmassdown to below the deuterium burning limit and into

the realm of planetary massobjects. This corresponds to an IMF � (m) / M � 
 with an exponent


 = -0.2. The low extinction, however, meansthat background contamination cannot be ruled out,

even in the locusof the cluster sequence.Barrado y Navascu�eset al. (2001) obtained spectral types

for roughly onequarter of the photometrically selectedcandidates,con�rming a high proportion of

them as cool objects. Whilst such a method is e�ectiv e at removing reddenedbackground objects

from a sample, it is not robust against interloping �eld dwarfs.

When the number of objects in each mass bin is so small, however, a small number of

contaminants can have a signi�can t e�ect on the derived massfunction. Whilst B�ejar et al. (2001)

are careful with their photometric selection to avoid contamination, this could, in itself, lead

to poorly understood completeness.Without empirically determining how far into the expected

background region of the CMD bona �de membersare still found, any photometric selectionwhich

minimises contamination may well exclude a signi�can t fraction of member objects.

The likelihood of agespreadin such a young cluster makesthis considerationcrucial. Kenyon

et al. (2005) obtained �bre spectroscopy for a sampleof over 70 candidate members, drawn from

a RI catalogue, with massesbetween 0.055 and 0.3M� (they assumea cluster age of 5 Myrs).

They found that contamination from background objects waslimited for the reddestregion of each

magnitude bin in the I/R-I CMD, but the PMS objects were poorly correlated with isochronesin

this colour. They found better correlation in I/I-J, the colours used by B�ejar et al. (2001), but

the contamination was found to be considerably worse, becoming more prevalent at the faintest

magnitudes. Additionally , the CMDs of Kenyon et al. (2005) show that any strict cut along

isochronesin either set of colours would exclude a signi�can t number of members.
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It is clear that the only way to obtain a reliable IMF for this region is to usea spectroscopically

con�rmed sampleof members,drawn from a broad region of colour magnitude space.Kenyon et al.

(2005) used the presenceof Li i absorption at 6708 �A to con�rm youth and thus membership for

objects in their sample. This technique, however, is limited to objects with M � 0.06M� . Objects

below this massnever attain high enough temperatures in their coresto burn lithium (Chabrier

& Bara�e, 1997). Old foreground T-dwarfs, therefore, cannot be distinguished from bona �de

members basedon Li absorption alone.

If a reliable IMF is to be derived for the lowest masses,another method of distinguishing

members must be found. It is with this in mind that we have obtained �bre spectroscopy of the

Na i doublet at 8183, 8195 �A for a photometrically selectedsampleof objects in the direction of

the � Ori cluster. Using this doublet has several bene�ts. Cool objects such as low-massstars

and brown dwarfs are brightest in the NIR and IR regions,where night sky emissioncan severely

a�ect observations. The Na i doublet lies at a wavelength which is relatively una�ected by bright

sky emissionlines. Also the Na i doublet is a relatively strong spectral feature in cool stars, and

so should be easyto observe at moderate S/N.

In this chapter we have two aims. Firstly , to measurethe level of contamination from non-

members in the expectedPMS region of the CMD and to determine if many bona �de membersare

excluded by photometric selection techniques. Our secondaim is to investigate the use of radial

velocity, as measuredfrom the Na i doublet, as a membership diagnostic. Whilst Li absorption

would be an e�ectiv e diagnostic for much of our sample, this work is concernedwith developing a

spectroscopictechnique for useat magnitudes and colourswhere foreground contaminants may lie

below the Li burning limit.

The rest of the chapter will be laid out as follows. In Section4.2 we will discussthe rationale

behind our target selectionand our observations. In Section4.3 we will describe our data reduction

technique and our method for sky subtraction. In Section 4.4 we will describe our sample selec-

tion, the crosscorrelation of spectra to obtain radial velocities and the calculation of membership

probabilities. Section 4.5 will contain a discussionof the results. A summary of our conclusions

will be given in Section 4.6.
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4.2 Optical spectroscop y using AF2/WYFF OS

4.2.1 Target selection

We obtained spectra for 117 objects using the AF2/WYFF OS �bre spectrograph on the William

Herschel Telescope at the Observatorio del Roque de Los Muchachos, La Palma. The targets

were selected from the photometric RI catalogue described by Kenyon et al. (2005) and were

chosento compliment the samplefor which spectroscopicobservations have already beenobtained

(Kenyon et al., 2005). Sincemany of the reddest objects have already beenobserved, particularly

at the brighter magnitudes, we were able to cut deep into the region which is thought to be

background contamination, seeFigure 4.1. This method of target selection has served a dual

purpose: 1) it allows us to investigate the possibility of contamination in the PMS region of colour

magnitude space; 2) it allows us to investigate the number of member objects which might be

lost in more conservatively drawn samples. The distribution of the targets, in relation to � Ori,

and the WYFF OS/WHT FoV is shown in Figure 4.2. The �bre con�guration �les for use with

AF2/WYFF OS were compiled by Dr. Stuart Littlefair.

4.2.2 Observ ations

We observed our targets using the small �bre (1.6", 159 �bres) setup on the nights of the 3r d and

4th January 2003. Observations on the �rst of thesenights werecarried out by Dr. Stuart Littlefair

and Prof. Tim Naylor. The observations on the secondnight were carried out by the author and

Prof. Tim Naylor. Conditions were dark, and cloud was only present during the �rst half of the

secondnight. We observed in 3rd order echelle mode, with a central wavelength of 8300 �A. This

givesa dispersionof 0.57 �A/pixel and we achieved a resolution of approximately 1.4 �A. We elected

to observe the Na i doublet at high resolution so as to avoid broadening the bright sky emission

lines and obscuring the doublet.

We achieved a total exposure time of 9.5 hours for the faintest targets. This time was split

between4 con�gurations to maximise the number of objects we could observe (seeTable 4.1). The

brightest targets wereonly observed in the shortest set-ups,with fainter onesobservedusinga com-

bination of set-upsto achieve appropriate integration times. Each set of exposureswassubdivided
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Figure 4.1: The CMD for the optical RI cataloguefrom which targets wereselected(Kenyon et al.,
2005). Targets for this survey are shown as circles. The dotted line follows a NextGen 5 Myr
isochrone (Chabrier & Bara�e, 1997; Bara�e et al., 2002). We de�ne the expected background
region to be blueward of the solid line, and the PMS region to be redward of it (seesection 5).
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Figure 4.2: The locations of our targets and WHT FoVs. � Ori is shown as an asterisk, whilst our
targets are shown as dots. The WHT FoVs are shown as large circles.
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into Sectionsof 900sor 1800s,depending on the total exposure required for the set-up. Between

exposuresof the target objects, the telescope was moved such that � Ori lay over a �bre, and a

spectrum of � Ori was obtained for the purposesof telluric correction. Copper-Neon arc frames

were also obtained for both positions of the telescope at these times. To maximise our exposure

times we did not observed o�set sky �elds, as is advisedby Wyse & Gilmore (1992), for estimating

the relative throughput of the �bres prior to sky subtraction. However, the relative throughput

of the �bres in the small �bre bundle is considerably more homogeneousthan it had been for the

older large �bre bundle (seehttp://www.ing.iac.es/Astronom y/instrumen ts/af2/index.h tml), and

we have an alternativ e method for achieving sky subtraction, which will be described later. We

also observed several stars for use as radial velocity standards, these observations are detailed in

Table 4.2, along with the identi�er of the telluric referenceobserved.

Unfortunately , many of the spectra weobtained su�ered from poor signal-to-noise,and others

had no detectable signal at all. We have correlated the RI photometric catalogue used to select

our targets with a 2MASS cataloguefor the sameregion and �nd the RMS in the residualsof the

coordinates to be approximately 0.2" in both axes. As such, we rule out errors in the astrometry

of the RI catalogue as an explanation for our missed targets. We also rule out proper motion

as a factor. At the target selection stage the 2MASS catalogue for our potential targets was

correlated against the SuperCosmossky survey catalogue for the same region and objects with

large coordinate residuals were excluded. Whilst sourcevariabilit y, well known in T Tauri stars,

may have had an in
uence on the signal detected from someof the targets, we believe the failure

to achieve the desired signal-to-noise in so many spectra is the result of two problems with the

AF2/WYFF OS �eld of view (FoV). Firstly , the point spread function (PSF) is highly variable

acrossthe FoV, becoming very smearedout beyond a radius of 25 arcminutes. As such, when

using the small �bre bundle a large proportion of the signal from a target star in the outer area

of the FoV will be lost. This e�ect explains the poor signal-to-noisefound in the spectra of some

objects. The secondproblem is that the astrometric distortion in the AF2/WYFF OS FoV is poorly

constrained, meaning that many objects were simply missedby their assigned�bre. The method

employed for selectingour samplefrom the available spectra is discussedin Section 4.4.1.
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Table 4.1: Summary of the exposure times and sky �bre allocations for the 4 con�gurations used.

Con�guration Integration Time (s) No. of Sky Fibres

Long1 12600 58
Long2 12600 49

Medium 5400 35
Short 3600 29

4.3 Data reduction

4.3.1 Extraction of spectra

The spectra were extracted and dispersion corrected using the WYFF OS data reduction routines

within the RGO packagein the IRAF environment (Lewis, 1996). The spectra werebias subtracted

using the mean bias level in the overscanregion of the Tek6 detector. Flat�elding was achieved

using tungsten 
at�elds, which were also used for aperture detection. Although 
at�elding is

best achieved by dividing the whole CCD for a target frame by a normalised 
at�eld frame prior

to extraction, this was not possible. Due to the nature of the instrument, there was no way of

evenly illuminating the chip to obtain a suitable 
at�eld. Instead, 
at�elding wascarried out after

extraction by dividing each target spectrum by the same spectrum extracted from the 
at�eld

frame. Such a method is acceptableso long as the form of the spectrum's pro�le in the spatial

direction is roughly the samein both frames.

The tungsten 
at�elds werealsousedto identify the location of the spectrum from each �bre

on the chip. The aperture detection algorithm determined over how many pixels each spectrum

was spread, and traced the shape of the spectrum on the chip, since this was not generally a

straight line. The 
at�eld spectra were traced using stepsof 5 pixels and �tted using a 2r d order

spline function. The reduction software would then assignan aperture number to each spectrum.

This could then be used by the software to identify which �bre a spectrum had come from by

comparison to a referencetable of aperture numbers, and thus obtain information regarding the

target. Unfortunately , such a table wasnot available for the small �bre set-up. As such, information
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regarding the target of a �bre was not reunited with its spectrum until later in the process.The

aperture detection processwas interactive and allowed the user to reject falsedetectionsand mark

spectra that had beenmissed.

Spectra were then optimally extracted from target, � Ori and arc frames. The optimal

extraction of spectra is analogousto the optical extraction of photometry. Pixels in the spatial

direction are summedaccording to weights that re
ect their S/N. Thus, pixels on the edgeof the

spectrum in the spatial direction, where the signal is of the sameorder as the readout noise of

the chip have lower weights. This reducesthe contribution of readout noiseto the �nal extracted

spectrum signi�can tly . Sincethe spacesbetweenthe spectra on the chip are small in the small �bre

set-up it was not possible to construct a good model of scattered light incident on the detector.

For this reasonscattered light correction was neglectedin this reduction.

Dispersion correction was achieved by �rst �tting a 4th order Chebyshev function to the

wavelength vs. pixel relationship obtained by manually identifying spectral lines in the middle

aperture of the appropriate arc frame. An automated procedurethen obtained solutions using the

samelines in the remaining apertures. The RMS deviation about the dispersion solution across

the apertures in the arc frames was typically 0.01-0.02�A. These solutions were then applied to

spectra from the sameapertures in the target frame.

The �nal stage of the initial reduction and extraction procedurewas to reunite the spectra

with the information regarding their target. As mentioned previously, the standard method pro-

vided by the reduction software was not available since no aperture referencetable had yet been

constructed for the small �bre set-up. Instead a table was constructed, using the 
at�eld frames

as a reference,which related the central pixel number of a spectrum to its �bre number. This was

made possibleby the fact that parked �bres resulted in distinct dark columns on the chip, and

thus provided referencepoints to prevent mix ups. By inspecting 
at�elds associated with several

di�eren t set-ups,where there weredi�eren t parked �bres, a reliable referencetable wasarrived at.

The output format of the reduction software associated each spectrum with the range of pixels it

covered at a point halfway along its length, and this allowed the spectra to be �nally associated

with their �bres.
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4.3.2 Telluric correction and sky subtraction

Absorption features due the Earth's atmosphere can in
uence the results of cross-correlation,

by biasing the result towards zero velocity. As such the e�ects of the atmospheric, or telluric,

absorption must be corrected for. It is normal for an O-star, whosespectrum should be nearly

featureless,to be usedto asa referencespectrum for telluric correction. This can lead to di�cult y

when the referencestar is well separatedfrom the targets, as one is required to assumethat the

telluric absorption is uniform in both time and position. Fortunately, � Ori itself provides us with

an appropriate referencespectrum, and is located within our FoVs. As such, we needonly assume

that the telluric absorption is uniform over short periods of time.

Telluric correction was carried out on spectra from each sub-exposureusing the temporally

closest� Ori spectrum. Radial velocity standard spectra were corrected using a telluric reference

observed immediately before or after each exposure, and chosen to be close-by on the sky, and

these are listed in Table 4.2. In each casethe object spectrum was divided by a recti�ed version

of the telluric referencespectrum, thus removing absorption features originating in the Earth's

atmosphere.

The object spectra from the sub-exposuresof each con�guration were combined by median

stacking prior to sky subtraction. We calculated the uncertainties in 
ux at this point as the

standard error about the median. Two master sky spectra wereconstructed for each con�guration

by calculating (i) the weighted meanand (ii) the median of median stacked spectra from each sub-

exposure. The sky spectra usedfor constructing the mediansky for each sub-exposurewereselected

on the basis of being free of cosmic rays in the region of interest (8100 �A � � � 8300 �A). Since

our target region is well separatedfrom the nebular emissionnear the Horsehead,the background

is 
at. As such, useof a master sky spectrum for each set-up is appropriate (seebelow also).

Sinceno o�set sky frameswereobtained, it wasnot possibleto estimate the relative through-

put of each �bre and usethis to scalethe master sky spectrum to each �bre for subtraction. Instead

we have iterativ ely scaledthe master sky frame until the subtraction is optimised for the removal

of sky lines. The method we use is identical to that usedby Beekman et al. (2000) for removing

the, relatively sharp-spiked, secondarystar spectrum from that of a cataclysmic variable (CV).

In this casethe master sky frame is treated as a template secondarystar spectrum, and the tar-
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get+sky as the CV spectrum. First we subtract the master sky frame with no scaling and smooth

the residual with a smoothing length of 50 pixels. The smoothed residual is then subtracted from

the unsmoothed residual and the � 2 per pixel calculated. This procedure is then repeated with a

seriesof di�eren t scalefactors. The scalefactor that results in the lowest value of � 2 is the one

which is then applied to master sky spectrum prior to subtraction from the data. An example of

the successof this method of sky subtraction is shown in Figure 4.3. This method was carried out

using both versionsof the master sky frames. As can be seenin Figure 4.3, sky emissionlines lie

at similar wavelengthsto the Na i doublet of interest. As such it is crucial that the sky lines are

not over-subtracted, giving rise to spurious absorption features. To assessthe e�ectiv enessof each

sky subtraction we usedthe two emissionlines just blueward of 8150 �A as diagnostic lines. Since

theselines werefound to be more intensethan thosesituated over Na i doublet in the spectra from

all sky �bres, they are good indicators of over-subtraction. A problem would arise if the relative

strengths of theselines varied signi�can tly acrossthe �eld of view, or over the period of time that

a set-up was observed for. To assessthis potential problem we have tested the sky subtraction on

a number of sky �bres from acrossthe �eld of view and from di�eren t exposuresin a set-up. No

caseswere found where over-subtraction had taken place but was not evidencedby absorption in

the diagnostic lines. Figure 4.4 shows a selectionof thesetest subtractions to illustrate this point.

The visual inspection of the residual spectra resulted in a preferred versionof the sky frames

to be used for each object in a con�guration, and this was forced to be the same across all

con�gurations for a given object to ensure a consistent method. In the vast majorit y of cases

the median stacked sky frames performed better. It should be noted that since the spectra have

not been corrected for the relative throughput of the �bres, it is not possible to 
ux calibrate

spectra that have beensky subtracted in this manner. At this stagespectra for objects obtained

in di�eren t con�gurations wereco-addedto arrive at the �nal spectra. Thesespectra are available

on-line via the CDS serviceor from the Cluster collaboration homepage1.

1http://www.astro.ex.ac.uk/p eople/timn/Catalogues/description.h tml



102

Figure 4.3: An example of the e�ectiv enessof our method for sky subtraction. In this case,the
median stacked exposuresfrom 3.5 hours of the 7 hour total exposuretime for our target 1.03-342
are sky subtracted using the method described above.

Figure 4.4: Examples of sky subtracted sky spectra usedto check validit y of using the diagnostic
lines near 8150�A
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4.4 Selecting members by radial velocit y

4.4.1 Sample selection

As discussedin Section 4.2.1, we did not obtain good data for every object in the sample. To

avoid biasing our sampleat this stagewe opted to apply a signal-to-noisecut to selectour sample.

We measuredthe equivalent width of the Na i doublet, hereafter EW(Na i), in all the spectra

obtained. We used two continuum bands: 1) 8151-8173�A; 2) 8233-8255�A. The wavelength

range for continuum band 2 was selectedto avoid the TiO band which lies redward of 8200 �A.

We integrated EW(Na i) over the range 8180-8202�A. Those objects which had a su�cien tly

small uncertainty to allow a 2� detection of the doublet at an equivalent width (EW) of 3 �A,

i.e. � � 1.5 �A, were included in the sample. This EW was chosenas most brown dwarfs detected

by Mart��n et al. (2004) in the Upper Scorpius OB association displayed an EW(Na i) above this

value. The selectedobjects and their values for EW(Na i) are listed in Table 4.3. Our objective

measurefor the presenceof Na i absorption was an EW(Na i) measuredat a signi�cance of 2�

or greater. Our objective measurefailed to detect Na i in 11 of the selectedsample objects. We

rule out the presenceof Na i in a further 5 objects, despite the objective measure suggesting

its presence. Using a 2� detection threshold, rather than a 3� detection threshold, made our

selectionmore prone to false detections. However, sincemany objects in this study su�ered from

poor signal-to-noise, we decided that such a selection criterion was necessaryif Na i were to be

detected in a su�cien t number of objects. Falsedetections were then identi�ed and removed on a

subjective basis. Thesefalsedetections were causedin two cases(1.03-460,1.03-612)by the small

sky line residualsa�ecting the continuum estimate. One false detection (8.03-396)was causedby

over-subtracted sky lines within the EW integration band. The other two falsedetections(8.04-50,

8.04-77)werecausedby unidenti�ed absorption featuresencroaching on the EW integration band.

Sinceno radial velocity can be obtained when Na i is not detected,we do not include such objects

in our crosscorrelation nor do we calculate membership probabilities.

All of the objects with a failed Na i detection are fainter than I=17. The strength of the Na i

doublet is gravit y dependant, getting stronger with increasingsurfacegravit y. As such it has been

usedasa discriminator between�eld dwarfs and giants (e.g. Schiavon et al., 1997)and �eld dwarfs
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and young brown dwarfs (Mart ��n et al., 2004). Failure to detect Na i in the spectrum of an object

could indicate that it is a giant with a su�cien tly low surfacegravit y to weaken Na i beyond our

detection threshold. However, since very young brown dwarfs also have low surface gravit y the

samemight be expected from members of the � Ori group. Surfacegravities are typically higher

in young (age � 5 Myrs) brown dwarfs, log(g) � 3:5, than in M-giants, log(g) � 0 (Gorlova et al.,

2003), so we might expect to be able to distinguish betweenextremely low surfacegravit y giants

and young brown dwarfs. This will be discussedfurther in Section 4.5.

4.4.2 Cross correlation of spectra to obtain radial velocities

We obtained radial velocities for objects in our sample which displayed Na i absorption by cross

correlating their spectra against those of stars with known velocities and similar spectral types

to our targets. The stars observed as radial velocity standards are detailed in Table 4.2. The

wavelength range used for the crosscorrelation was restricted to 8175 - 8205 �A to minimise the

e�ects of noisein the spectra. We restricted the rangeof acceptablecorrelations to be � 100km s� 1,

and asa result velocities werenot found for someobjects on somecrosscorrelations. Uncertainties

for each velocity measurement were estimated by perturbing the value of the 
ux at each data

point in the target spectrum by somevalue drawn from a Gaussianbasedon the uncertainty in

the 
ux. This was repeated 100 times and the resulting spectra were crosscorrelated against the

standards in the samemanner as the original data. The uncertainty in velocity was taken to be

the standard deviation in the distribution of velocities from the perturb ed spectra. The quality of

all crosscorrelation functions were assessedby visual inspection and none were found to have any

evidenceof the multiple peaksthat might be expected if the sky subtraction intro duced spurious

features.

Although the 4 di�eren t velocity standards gave similar results, the useof GJ3517gave the

most successfulcorrelations. As such, this is the one we chosento use for further analysis. The

velocities and uncertainties resulting from crosscorrelations against GJ 3517are given in Table 4.3.
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Table 4.2: Details of stars observed as radial velocity standardsand details of their observations. Radial velocities listed are barycentric.
Equivalent widths for Na i are measuredwith continuum bands at (8151-8173�A) and (8233-8255�A), and integrated over the range
(8180-8202�A).

Star � (J2000) � (J2000) Sp. Type I Integration time (s) Vr ad / kms� 1 EW(Na i) / �A � E W Telluric reference
WX UMa 11 05 30.31 +43 31 16.6 M6 200 681 8.28 0.10 SAO 43460
GJ412A 11 05 28.58 +43 31 36.4 M0.5 10 681 2.18 0.09 SAO 43460
GJ3517 08 53 36.11 -03 29 32.4 M9 14.44 400 92 5.04 0.38 SAO 136434

LP213-67 10 47 12.65 +40 26 43.7 M6.5 13.17 600 53 6.55 0.21 SAO 62257

Referencesfor radial velocities: 1) Delfosseet al. (1998); 2) Tinney & Reid (1998); 3)Reid et al. (2002).
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Table 4.3: Equivalent widths and radial velocities measuredusing the Na i doublet. The �eld number and object number refer to
designationsfound in Kenyon et al. (2005). Qualit y 
ags for I and R-I are asdescribed in Burningham et al. (2003). The continuum was
measuredfrom bands at 8151-8173�A and 8233-8255�A. The EWs were integrated over the range 8180-8202�A. Radial velocities were
measuredby crosscorrelating against GJ3517,and corrected to give barycentric radial velocities.

Field Object � (J2000) � (J2000) I � I Flag R � I � R � I Flag EW � E W Vbar � V Pvel
�A �A kms� 1 kms� 1 %

1.01 319 05 39 48.911 -02 29 11.05 15.012 0.007 VV 1.595 0.011 VV 3.23 0.11 24.25 0.86 77.3
8.02 179 05 39 47.696 -02 36 22.96 15.064 0.005 OO 1.508 0.008 OO 3.04 0.10 26.37 1.13 99.9
4.03 229 05 38 23.536 -02 41 31.66 15.149 0.008 OO 1.686 0.013 OO 2.31 0.25 27.61 2.38 98.8
1.01 253 05 40 51.369 -02 31 49.93 15.232 0.007 OO 1.337 0.011 OO 3.21 0.30 10.48 4.91 0.0
8.02 143 05 39 56.445 -02 38 3.43 15.258 0.005 OO 1.725 0.007 OO 2.17 0.11 31.18 1.00 100.0
3.01 67 05 38 46.835 -02 36 43.38 15.278 0.016 OO 1.878 0.038 OO 0.64 0.10 32.11 1.32 100.0
2.03 260 05 39 30.561 -02 38 26.89 15.304 0.007 OO 1.320 0.011 OO 3.84 0.12 18.98 1.12 0.00
4.03 237 05 37 54.857 -02 41 9.15 15.400 0.006 VV 1.690 0.010 VV 1.32 0.39 33.86 3.56 89.5
1.03 60 05 40 30.179 -02 12 6.13 15.520 0.007 VV 1.594 0.011 VV 4.13 0.76 31.87 6.26 84.3
1.03 108 05 39 57.370 -02 10 41.98 15.545 0.007 OO 1.675 0.011 OO 3.59 0.18 29.15 1.93 100.0
8.04 188 05 40 42.887 -02 23 47.43 15.577 0.005 OO 1.413 0.007 OO 3.39 0.35 -32.22 2.00 0.00
3.01 51 05 38 23.070 -02 36 49.32 15.716 0.014 OO 1.423 0.022 OO 1.57 0.27 34.50 2.51 92.1
2.03 63 05 40 34.389 -02 44 9.52 15.770 0.007 OO 1.850 0.011 OO 3.28 0.17 33.15 1.24 100.0
4.03 29 05 38 22.824 -02 45 30.43 15.876 0.006 OO 1.314 0.010 OO 3.34 0.35 -10.71 7.19 0.00
4.03 368 05 38 26.833 -02 38 46.04 16.123 0.006 OO 1.911 0.011 OO 2.22 0.30 30.38 3.21 99.6
2.03 191 05 40 29.437 -02 40 55.91 16.229 0.005 OO 1.368 0.007 OO 3.48 0.25 XC failed - -
8.01 333 05 40 52.870 -02 38 23.49 16.246 0.005 OO 1.558 0.008 OO 2.46 0.47 29.98 3.38 99.4
4.04 481 05 38 36.374 -02 47 8.22 16.260 0.006 OO 1.527 0.011 OO 5.35 0.45 11.41 8.52 2.0
1.02 237 05 38 58.168 -02 21 11.70 16.283 0.007 VV 1.443 0.012 VV 2.32 0.24 -10.48 2.10 0.00
4.03 215 05 38 38.589 -02 41 55.86 16.472 0.006 OO 1.804 0.011 OO 2.65 0.39 31.11 4.10 97.3
1.01 343 05 40 23.389 -02 28 27.51 16.527 0.005 OO 1.551 0.008 OO 5.02 0.41 2.29 3.06 0.00
1.01 348 05 39 36.324 -02 28 8.18 16.808 0.008 OO 1.363 0.013 OO 3.37 0.84 -9.63 17.60 0.4
1.02 87 05 39 8.076 -02 31 32.22 16.811 0.008 OO 1.567 0.013 OO 3.05 0.24 -42.90 5.12 0.0
1.02 157 05 39 25.246 -02 27 48.15 16.856 0.008 OO 1.550 0.013 OO 3.64 0.28 28.86 2.47 99.8
3.01 480 05 38 38.888 -02 28 1.63 16.989 0.008 OO 1.777 0.013 OO 3.42 0.43 35.94 5.78 60.1
8.04 77 05 41 25.629 -02 30 38.53 17.050 0.007 OO 2.028 0.012 OO 6.83 0.85 - - -
1.03 110 05 39 56.919 -02 10 38.35 17.102 0.009 OO 1.674 0.015 OO 6.13 1.29 18.32 9.70 20.9
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Table 4.3 (continued).

Field Object � (J2000) � (J2000) I � I Flag R � I � R � I Flag EW � E W Vbar � V Pvel
�A �A kms� 1 kms� 1 %

8.04 185 05 41 45.472 -02 24 16.24 17.102 0.007 OO 1.937 0.012 OO 0.56 1.47 - - -
1.01 237 05 39 36.726 -02 31 58.88 17.249 0.009 OO 1.485 0.015 OO 5.11 0.65 -9.78 3.46 0.0
8.04 128 05 41 12.228 -02 27 34.40 17.285 0.007 OO 1.787 0.013 OO 1.54 1.25 - - -
2.03 233 05 39 40.571 -02 39 12.32 17.293 0.009 OO 1.597 0.015 OO 2.80 0.67 39.84 6.23 25.9
4.03 285 05 38 44.487 -02 40 37.65 17.297 0.008 OO 2.127 0.017 OO 1.90 0.99 - - -
1.01 581 05 39 30.077 -02 33 16.14 17.337 0.009 OO 1.516 0.015 OO 4.25 0.85 -18.90 3.52 0.00
2.03 336 05 40 18.589 -02 36 14.57 17.392 0.006 OO 1.519 0.009 OO 4.69 0.70 -12.86 1.91 0.00
8.02 412 05 39 49.737 -02 23 51.80 17.484 0.007 OO 1.716 0.011 OO 6.49 0.50 15.06 5.34 1.0
8.04 50 05 41 10.419 -02 31 34.50 17.541 0.008 OO 1.908 0.019 OO 4.32 1.31 - - -
1.03 460 05 40 48.927 -02 08 12.06 17.555 0.013 OO 2.517 0.033 OO 1.70 0.65 - - -
1.03 557 05 40 7.241 -02 04 4.41 17.603 0.011 OO 1.723 0.019 OO 2.76 0.60 -23.74 6.44 0.00
1.03 493 05 40 1.742 -02 06 28.83 17.814 0.012 OO 1.620 0.020 OO 3.99 0.74 13.57 15.79 16.2
1.02 366 05 39 2.030 -02 35 30.30 18.062 0.023 OV 1.925 0.077 OV 4.52 1.13 -0.73 7.41 0.00
8.04 225 05 41 4.584 -02 32 25.98 18.079 0.010 OO 2.069 0.023 OO 2.55 0.68 27.42 2.07 99.4
1.03 342 05 40 3.305 -02 12 20.57 18.114 0.014 OO 1.750 0.026 OO 3.70 0.38 1.61 2.51 0.00
8.03 147 05 41 1.913 -02 19 3.99 18.203 0.011 OO 1.958 0.024 OO 1.11 0.88 - - -
2.03 617 05 40 24.775 -02 38 10.88 18.336 0.009 OO 1.989 0.019 OO 1.39 0.53 32.26 6.36 82.4
1.03 1094 05 40 36.238 -02 04 49.07 18.452 0.022 OO 2.052 0.047 OO 1.70 0.96 - - -
1.02 672 05 39 7.958 -02 15 43.04 18.540 0.019 OO 1.709 0.036 OO 1.00 0.59 - - -
1.01 800 05 40 12.537 -02 26 16.49 18.821 0.013 OO 1.838 0.027 OO 1.31 1.35 - - -
1.03 1029 05 39 51.156 -02 06 5.43 18.919 0.027 OO 1.894 0.056 OO 1.06 0.63 - - -
1.04 1100 05 40 19.740 -02 16 54.11 18.976 0.027 OO 2.182 0.066 OO 7.93 1.00 31.09 11.66 57.5
1.03 612 05 40 33.842 -02 13 42.97 19.295 0.038 OO 2.097 0.088 OO 2.52 0.77 - - -
8.03 457 05 40 58.366 -02 11 34.65 19.333 0.029 OO 2.407 0.079 OO -1.82 0.69 - - -
8.03 396 05 41 4.416 -02 14 47.07 19.411 0.028 OO 2.146 0.070 OO 2.03 0.88 - - -
1.03 933 05 40 30.717 -02 08 6.78 19.573 0.053 OO 2.263 0.132 OO 2.22 1.19 - - -
8.02 2051 05 39 54.188 -02 26 25.25 19.709 0.031 OO 2.010 0.070 OO -1.93 1.17 - - -
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4.4.3 Mem bership probabilities

A histogram of the velocities obtained in the previous Section (Figure 4.5) shows that there is no

simple velocity cut that will separatemembers of the � Ori group from non-members. Also the

velocities derived in the previous Section have a range of uncertainties, due the range of signal-

to-noise in the di�eren t spectra, so a simple n� -cut from a mean cluster velocity will tend to

preferentially selectpoor signal-to-noiseobjects as members. Instead we can assigna probabilit y

of membership, Pmem , to each object for which we have a velocity. This probabilit y is the product

of the probabilit y that the object is at an appropriate velocity to be considereda member, Pvel ,

and the probabilit y that an object at that velocity is not a radial velocity contaminant, (1 - Pcont ).

The �rst question that must be answered, then, is what constitutes an appropriate velocity for

membership of the cluster? We have plotted the cumulativ e probabilit y distribution of the sample

by summing Gaussiansconstructed from the velocities and uncertainties for all objects with a

radial velocity. As can be seenin Figure 4.6, there is a strong peak in this distribution centred

at 29.5 kms� 1. Sincewe do not resolve the velocity dispersion of the cluster, we can take the full

width at the level of the background asthe rangeof velocities occupiedby cluster members. Pvel is

then simply found as the fraction of the Gaussianderived from an object's velocity and error that

lies within the cluster range. We take the cluster range to be 24-37 kms� 1, basedon the peak's

full width at the level of the background.

The value we �nd for the group velocity, 29.5 kms� 1 (and the range of 24-37 kms� 1), is

consistent with that measuredby Kenyon et al. (2005) of 31.2kms� 1, and with the meanof values

for members of this group measuredby Muzerolle et al. (2003) of 30.9kms� 1. It is also consistent

with the mean radial velocity of � Orionis itself of 29.2 � 2.0 kms� 1 (Wilson, 1953). This is at

odds with the value measuredby Zapatero Osorio et al. (2002) of 37.3 kms� 1, but it is not clear

why they have measuredsuch a high velocity for this young group.

As can be seenin Table 4.3 our velocity uncertainties are typically much lower than the

inherent velocity resolution of the spectrograph set-up of approximately 50 kms� 1. The sizeof our

velocity range is dominated by the uncertainties in our measuredvelocities, and is not representa-

tiv e of the velocity dispersion of the � Ori young group. OB associations typically have velocity

dispersionsof a few kms� 1. As such, we would require much higher resolution observations, and/or
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considerably better signal-to-noiseto resolve the velocity dispersion of this young group.

The probabilit y that an object at the velocity of the cluster is a radial velocity contaminant

can be taken as the ratio of the probabilit y in Figure 4.6 integrated over a velocity interval equal

in sizeto the cluster range (but lying in the non-cluster region) to the probabilit y integrated over

the cluster peak in Figure 4.6. We �nd Pcont = 0.2 for this sample. We emphasisethat this

probabilit y applies to the entire sample, i.e. over the entire C-M spaceexamined. The value of

Pcont will changeif, for example, one limits onesattention to the \PMS" region of the CMD (see

below). As such we only list values of Pvel in Table 4.3 so as to avoid misinterpretation of the

results.

4.5 Discussion

In the following discussionwe refer to the region redward of the solid line in Figure 4.7 as the

expected PMS region. The region that lies blueward of this line is referred to as the background

region. This locuswasselectedas the dividing line as it correspondsto a liberal photometric selec-

tion, and soprovides an interesting casefor investigating exclusionof members and contamination

by non-members.

4.5.1 Are there members outside the \PMS" region?

The simplest way to answer this question is to examine the cumulativ e probabilit y distribution

of the velocities for the objects in the \background" region of the CMD. We have plotted this

distribution with a dotted line in Figure 4.6. It is clear from this plot that there is no over-density

in the probabilit y distribution at the cluster velocity. Inspection of Figure 4.7 reveals that three

objects with Pvel > 80%lie in the expectedbackground region of the CMD. This is consistent with

the number of radial velocity contaminants that would be expected from inspection of Figure 4.6.

This implies that there are not a signi�can t number of members in the background region of the

CMD, and hencephotometric selectiontechniques are not excluding members of the � Ori young

group. This is the principal conclusionof this work.
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Figure 4.5: A histogram of the velocities measuredfrom our sample.

Figure 4.6: A plot of the cumulativ e probabilit y distribution of our sample. The strongest peak
is centred at 29.5 kms� 1. The dotted line traces the cumulativ e probabilit y distribution of the
objects in the \background" region of the CMD (seeFigure 4.7).
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Figure 4.7: The CMD as in Figure 4.1. Objects with detected Na i are shown as open circles.
Objects with Pvel > 80% are circles �lled with asterisks, whilst circles �lled with crossesare
objects with Pvel > 60%. Objects for which no Na i was detected are shown with open triangles.
The dotted line follows a NextGen 5 Myr isochrone (Chabrier & Bara�e, 1997;Bara�e et al., 2002).
Our expected PMS region is de�ned as redward of the solid line.
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4.5.2 Con tamination within the \PMS" region

As can be seenin Figure 4.7, at magnitudes brighter than about I = 17 we �nd that all of the

objects in the expected PMS region have Pvel > 80% except one, which has Pvel = 77.3%. This is

consistent with the result of Kenyon et al. (2005) that essentially all objects in the PMS region of

the CMD are members of the � Ori young group.

Fainter than I = 17 the situation is somewhatdi�eren t. We only detect Na i in 13 out of 29

objects in this part of our sample. The failure to detect Na i in so many objects in this part of

the CMD makes a discussionof the contamination problems in this region impossible. However,

this failure is itself worthy of somediscussion.As already mentioned, the signal-to-noisethreshold

usedto selectour samplewaschosenby comparisonto Mart ��n et al. (2004), who �nd EW(Na i) �

3 �A for all but 2 of their members of the 5 Myr old Upper Scorpius association. As such we

expected that the majorit y of members of the similar aged� Ori group might sharethis property.

By comparing the EWs of members in both associations we can assessany di�erences between

them. It would be simplest to compare the EWs of likely members in the two associations using

J � I colours, sincethis is a fair proxy to spectral type, however 2MASS colours are only available

for the 10 brightest of our likely members. Instead we comparethe EWs in the two samplesusing

the I-band magnitudes, corrected for the di�ering distancesto the two associations.

Figure 4.8 shows that the likely members from our sampledisplay weaker Na i EWs than the

Mart��n et al. (2004) members of Upper Scorpius. This is not surprising in the caseof the objects

brighter than I = 17 as they will be of earlier spectral type than any of the Mart��n et al. (2004)

objects, and the Na i doublet gets weaker with increasing temperature at a given value of log(g)

(Schiavon et al., 1997). By this token, we might expect the fainter objects, presumably with later

spectral types,to display stronger Na i absorption, however this doesnot seemto be the case.Both

of the likely memberswith I > 17 have EW(Na i) < 2.5 �A. Inspection of the measuredEWs for the

failed detections (seeTable 4.3) indicates that the majorit y of them are consistent with valuesof

EW(Na i) < 2 �A. This is somewhat lower than the typical valuesseenin the Mart��n et al. (2004)

sample. Thus we are presented with two options: 1) the failed detectionsare interloping giants and

sub-giants with low surfacegravities; 2) many of the failed detections are member brown dwarfs

which display weak Na i absorption. Option 1 requires many giant stars to be located at great
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distance and along our line of sight, yet with colours that coincide with the expected PMS region

of C-M space.Sincethe line of sight towards � Ori is elevated -17.3� from the galactic plane, it is

hard to seethat option 1 is feasible. Option 2, however, requires the low-massobjects in � Ori to

display consistently weaker Na i absorption in the 8183, 8195 �A doublet than has been observed

in Upper Scorpiusby Mart��n et al. (2004).

Upper Scorpius is thought to be marginally older than � Ori, 5-10 Myrs versus1-5 Myrs, so

we might expect to seeweaker Na i absorption in � Ori, as log(g) will be lower in the younger

group. Mohanty et al. (2004) derive surfacegravities for a number of low-massobjects in Upper

Scorpius, and comparethem to model predictions. They �nd that log(g) changesfrom about 3.7

to 4.2 between1 and 10 Myrs for a 0.04 M � brown dwarf (I = 18 at the distance of � Ori), and

even lessof a changeat lower masses.Given that giants have log(g) � 0, and display EW(Na i)

� 1 �A(Schiavon et al., 1997), it is di�cult to seehow such a small change in log(g) could give

rise to the factor 2 discrepancy between the EW(Na i) measuredhere for objects in � Ori and

those measuredfor objects in Upper Scorpius by Mart��n et al. (2004). The discrepancybetween

the two sets of EWs can likely be explained without resorting to a physical interpretation. The

spectra used by Mart��n et al. (2004) are signi�can tly lower resolution (R=900) than those used

here, and this could lead to placing the pseudo-continuum over blended absorption features such

as the TiO band just redward of the Na i doublet. Thus we suggestthat option 2 is the most likely

explanation for theseresults. We can not determine if this is due to a physical di�erence between

the two regionsor if it has resulted from a di�erence in measurement techniques.

This result implies that it will be very hard to distinguish between background giants and

member brown dwarfs basedon the strength of Na i absorption.

The low values of EW(Na i) implied for faint objects in our sample suggestthat to avoid

biasing such samplesagainst �nding members, observations should be made to a su�cien t signal-

to-noise to detect the Na i doublet in giant stars. Unfortunately , this destroys one of the main

bene�ts of using the Na i doublet for radial velocity determination in main sequencestars, the

abilit y to measureit at low signal-to-noisedue to its strength. This is o�set, however, by the fact

the gravit y sensitive nature of this doublet can provide a seconddiagnostic for contaminants

A possibleweaknessin use of radial velocities to de�ne membership of young groups is the

fact that bona �de members can be ruled out when they are members of binary systems. Dolan
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Figure 4.8: A plot of EW(Na i) versusI-band magnitude for our objects with Pvel > 80%(crosses),
Pvel < 60% (open circles) and Mart��n et al. (2004) members of Upper Scorpius (triangles). The
magnitudesfor the Upper Scorpiusobjects have beenscaledfor the distanceto � Ori. Also plotted
are EW(Na i) upper limits for the 11 objects for which our objective measurefailed to detect Na i.
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& Mathieu (2001) use the radial velocities in concert with the presenceof lithium absorption at

6708 �A to identify 266 likely members of the � Ori young group. They �nd that 9 objects with

EW(Li) consistent with youth are double lined binaries, while 3 appearedto be single line binaries.

Whilst double lined binaries can be recognisedas such, and not ruled out of membership lists, the

single lined binaries would be ruled out in the absenceof additional evidenceof their membership.

If we assumea similar binary fraction and distribution of properties as that seenby Dolan &

Mathieu (2001) in � Ori, we can estimate that for our sampleof 18 likely members, we would not

expect to identify any double lined binaries, or to miss any single lined ones. Since we cannot

use EW(Na i) to identify members, we cannot assesswhether we have ruled out any single lined

binaries from our membership lists. However, a signi�can t departure from behaviour elsewherein

the Orion OB1 association would be required for a signi�can t number of members to be ruled out

due to binarit y.

We have cross-correlatedour sample against the candidate membership lists of B�ejar et al.

(1999, 2001). We �nd that only one object, 3.01 480, correlates in position with an object, SORI

68, from their sample. However, we do not believe that they are the sameobject since there is a

nearly 6 magnitude discrepancy in their I-band brightness (I=16.99 vs. I=23.78). The fact that

we do not share objects with the B�ejar et al. (1999, 2001) sample is explained by a number of

factors. Firstly , our RI catalogueexcludesthe regionsimmediately adjacent to the � Ori multiple

system, whereasthe B�ejar et al sampledoesnot. In addition, our cataloguecovers a much larger

Sectionof sky (Kenyon et al., 2005), so there are many objects that B�ejar et al weresimply unable

to selectas candidates. Finally, we draw our samplefrom a wider region of C-M spacethan B�ejar

et al, and so we simply miss someof their candidatesdue to a lower density of selectedobjects.

4.6 Conclusions

We have carried out high resolution spectroscopy of the Na i doublet at 8183,8195�A of a sampleof

candidate low-massstellar and sub-stellar members of the � Ori young group drawn from a broad

region of C-M space.We have selecteda sampleof 54 objects which displayed su�cien t signal-to-

noiseto detect Na i with EW(Na i) = 3 �A at a signi�cance of 2� , a criterion basedon observations

of brown dwarfs in Upper Scorpius by Mart��n et al. (2004). Signi�cant (EW(Na i) > 2� E W )
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Na i was detected in 38 of the 54 sampleobjects, and thesewere cross-correlatedagainst an M9V

standard to obtain radial velocities, which were then used to calculate membership probabilities.

We �nd that 13 objects are likely radial velocity members (Pvel � 80%) of the � Ori young

group in the approximate massrange 0:04M� < M < 0:3M� , assumingan ageof 5 Myrs. Based

on theseprobabilities, and the valuesmeasuredfor EW(Na i) wearriveat the following conclusions.

1) Photometric selection techniques do not exclude signi�can t numbers of bona �de members

of the � Orionis young group

2) At I brighter than 17 (M >� 0:05M� for an age of 3 Myrs) the expected PMS region of the

CMD doesnot contain a signi�can t number of contaminating non-membersof the � Orionis young

group.

3) Very low-massobjects in the � Ori young group appear to have weaker EW(Na i) than found

by Mart��n et al. (2004) for low-massmembers of the Upper ScorpiusOB association. We have no

explanation for why this is so, although we suggestmeasurement e�ects could account for this.

4) High resolution observations of the Na i doublet at 8183,8195�A o�er the possibility of 2 mem-

bership diagnosticsfor very low-massobjects from a single observation. Ensuring observations are

made to su�cien t signal-to-noiseto detect the doublet in the spectrum of a (log g � 0) giant star

will avoid biasing a sampleagainst bona �de members with lower than expected EW(Na i).
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5 Can variabilit y account for apparen t age spreads
in OB association colour-magnitude diagrams?

5.1 In tro duction

In this chapter the theme of studying the statistical properties of PMS stars on a CMD will be

continued. Having explored the reliabilit y of photometric selectiontechniquesin Chapter 4, such a

selectionwill be usedto study the origin of the spreadof PMS stars on the CMD. As is discussed

below, identifying the origin of this spread is of great interest in the context of determining the

timescale for star formation. The following work has been published as a paper in the Monthly

Notices of the Royal Astronomical Society (MNRAS) (Burningham et al., 2005a).

How long star formation takes is a signi�can t unresolved question. Whether we are consid-

ering the entire processfrom the state of neutral interstellar hydrogen to the ZAMS, or just the

portion of the processfrom the fragmentation of a giant molecular cloud (GMC) onwards, there

is no consensusas to how long star formation takes. There are two competing paradigms of star

formation currently proposedin the literature, which each give rise to very di�eren t timescalesfor

star formation.

5.1.1 Slow star formation

Shu (1977) put forward the model of star formation which we will refer to as slow star formation

(SSF), which was reviewed by Shu et al. (1987). In this model, molecular cloud complexesare

in dynamical equilibrium, with lifetimes of several tens of megayears and are supported against

free fall collapseby magnetic �elds. However, in clumps where the density is n >� 105 cm� 3, the

ionisation fraction can be su�cien tly low that the neutral molecular material may di�use through

the magnetic �eld, removing 
ux from the core (ambipolar di�usion), leading to higher degreesof

central condensation. Eventually the �eld can no longer support the, now prestellar, core against

gravitational collapseto form a hydrostatic protostar.

Typically, predicted ambipolar di�usion timescaleslie in the range 5-10 Myrs. This is con-

sistent with the observed lifetimes of pre-stellar coreswith 105 < n < 106 cm� 3 found by Ward-
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Thompson et al. (1994) to be � 106 yrs, through comparisonof the number of starlesscoresversus

protostellar cores. However, Jijina et al. (1999) performed a more comprehensive study of pre-

stellar coresusing ammonia emission. They found the ratio of starless to stellar cores to be too

small to be consistent with that expected if the ambipolar di�usion timescale governed core life-

times. This suggeststhat the timescaleof the starlesscore phaseis much lessthan the ambipolar

di�usion timescale.

5.1.2 Rapid star formation

More recently , an alternativ e paradigm for pre-stellar core formation and collapsehas been dis-

cussedin the literature (e.g. Ballesteros-Paredeset al., 1999; Hartmann et al., 2001; Hartmann,

2001; Elmegreen,2000). In this model the star formation rate is regulated by supersonic turbu-

lence, not magnetic �elds. Since supersonic turbulence in self-gravitating clouds is expected to

decay rapidly, the cloud support mechanism in this picture leads to a short cloud lifetime com-

pared to that in SSF (Pringle et al., 2001). So, rather than being long-lived structures, GMCs

are treated as transient objects that form through interactions between supersonic 
o ws in the

interstellar medium. The whole processfrom formation of the GMCs through to the arrival of the

pre-main-sequence(PMS) stars on the birthline is expectedto take around 3 Myrs, with collapseof

coresto form protostars occurring almost immediately. As such we will refer to this model asrapid

star formation (RSF). RSF has a number of distinct advantages over SSF, both observationally

and theoretically which are reviewed by Mac Low & Klessen(2004).

5.1.3 Age spreads

The presenceof apparent agespreadshasbeenobserved in a number of young clusters(e.g. Herbst

& Miller, 1982; Sung et al., 1998) and associations (e.g. Pozzo et al., 2003; Dolan & Mathieu,

2001) and their sizeshave been presented as evidencein favour of both SSF and RSF. Palla &

Stahler (2000) investigated apparent age spreadsin a number of young star forming regions and

found evidenceof acceleratingstar formation, which they useto argue in favour of SSF.A further

study by the sameauthors into the agespreadin the Taurus-Auriga region also found evidenceof

accelerating star formation (Palla & Stahler, 2002). The evidenceof accelerating star formation
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in the regionsstudied by theseauthors camein the form of distributions of stellar agesthat were,

generally, strongly peaked at 1 - 2 Myrs, with few PMS stars older than this. As Hartmann (2003)

pointed out, this surely implies there is something special about the last 1-2 Myrs, if such widely

separatedregions have formed the majorit y of their stars at the sametime, whilst their overall

lifetimes are � 10 Myrs. Such an uncomfortable, special, state of a�airs is not required if the one

accepts the RSF paradigm. This is becausethe strong peaking of age distributions at 1-2 Myrs

follows naturally if this is the timescalefor cloud and star formation (Hartmann, 2003).

Elmegreen (2000) found that the agesspreadsseen in a number of OB associations and

clusters are comparable to the inferred crossing time for the parent cloud. The conclusion that

is drawn from this is that the age spread is indicativ e of the timescale for star formation, and

that this is comparable to the crossingtime, as expected for RSF. However, his data reveal that

the age spreadsalso scalewith the mean agesfor the groups he uses. This scaling of apparent

age spreadswith mean age for clusters and associations suggeststhat the age spreadsoriginate

from a photometric scatter of given magnitude. The size of this spread is much larger than any

photometric uncertainties. SincePMS objects move more slowly through colour-magnitude space

at older ages,a given photometric scatter will naturally imply larger agespreadas the mean age

rises. The correlation of spread with inferred crossingtime may also arise as a result of the fact

that older open clusters and associations are larger and thus a longer crossingtime is inferred for

the parent cloud.

Hartmann (2001,2003)disputed the results and conclusionsof Palla & Stahler (2000,2002),

arguing that the actual age spreads are much smaller than those observed, but accepted that

the presenceof such large age spreads (107 yrs) would be a problem for the RSF paradigm.

Additionally , it is not clear that the interpretation of the agespreadsbeing indicativ e of timescale

is correct. Tassis& Mouschovias (2004) pointed out that interpretation of age spreads in this

manner already assumesa core formation timescale that is essentially instantaneouswith respect

to the lifetime of the molecular cloud, � mc . In reality, an agespreadcould only tell us the di�erence

between� mc and the timescalefor forming a body that will survive the destruction of the molecular

cloud, the core formation timescale, � cf . So: � spr ead = � mc � � cf . As such, interpretation of any

spreadin agesis dependent on knowledgeof either � cf or � mc .

Incidentally , this point is also relevant to the argument put forward by Hartmann et al.
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(2001) that, since very few young clusters or associations older than 3 Myrs are associated with

their parent cloud, star formation must occur on a timescaleof about 3 Myrs. This also implicitly

assumesthat � cf is short. The same observational evidencecould indicate that star formation

is slow, but that the cloud is disrupted quickly after the �rst PMS stars arrive at the birthline.

However, as pointed out by Hartmann et al. (2001), the vast majorit y of local molecular cloud

complexesshow evidenceof star formation. This must imply that � cf should be short, or the

question must surely be asked as to the whereabouts of the clouds which are still mostly in the

pre-stellar phaseof star formation. This is re
ected in the results of Jijina et al. (1999), described

earlier, that the ratios of pre-stellar to stellar coresfound in molecular clouds are far below the 3

to 30:1 range required by SSF.

It is important to recognise,however, that the reality of apparent agespreadshas not been

well established. The principal evidence for spreads of ages actually comes from an observed

spread of PMS stars in colour-magnitude (C-M) space. A single age would be expected to give

rise to a much more narrow distribution of stars about an isochrone. There are a number of

plausible alternativ esthat could explain such C-M spreadsfor a population that in reality arrived

at the birthline simultaneously. For exampleaccretion-driven agespread(Tout et al., 1999) could

give rise to an apparent spreadof agesfor an ensemble of objects with di�ering accretion histories.

Hartmann (2001) exploreda number of other factors that might be expectedto in
uence the degree

of observed age spread. These included variable extinction, photometric variabilit y, di�erences

in accretion luminosities and the presenceof unresolved binaries. Establishing the in
uence of

variabilit y and binarit y on the width of the PMS in OB association-lik e environments is the aim of

this work. We have obtained 2 epoch, 2 colour photometry for 2 regionswith di�ering photometric

spreadsto investigatethis e�ect. The 2 regionsstudied hereare within well known OB associations:

CepOB3b and the � Orionis younggroup (part of the Orion OB1b association). We havesimulated

the degreeof spreadintro ducedby variabilit y on timescalesof lessthan 1 year in CepOB3b and less

than 4 yearsin � Ori. By comparing 2 colour cataloguesof PMS objects within theseassociations

we have estimated their variabilit y, and usedthis to simulate the PMS in C-M space,assuminga

single isochronal agefor the objects.
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5.1.4 PMS variabilit y

Photometric variabilit y in PMS stars occurs acrossa wide range of timescalesand amplitudes.

Typically smallest in amplitude is the periodic variabilit y thought to be associated with rotation

of cool regionsin the photosphere. Such variabilit y hasbeenusedby a number of authors to derive

rotation periods for PMS stars (e.g. Littlefair et al., 2005;Makidon et al., 2004). Periods are found

to rangefrom a few hours to several weeks,with I-band amplitudes typically smaller than 0.5mags.

Where multicolour observations have beenused,amplitudes are found to decreasewith increasing

wavelength, as expected if the variations are causedby the rotation of cool, dark, photospheric

spots (Herbst et al., 1994). Variabilit y attributable to cool spots is most easilyobserved in WTTSs,

however, analogousvariations causedby the rotation of hot spots areobservedin CTTSs. Thesehot

spots are understood as the footprin ts of magnetically channelled accretion columns. Amplitudes

for these variations are larger, though typically they remain smaller than 1 magnitude in the

V-band (Herbst et al., 1994).

Non-periodic variabilit y in PMS stars takesseveral forms. Irregular `
ic kering' on timescales

of several days has beenobserved frequently for CTTSs, with amplitudes of up to approximately

1.5 mags in the I-band (e.g. Littlefair et al., 2005;Herbst et al., 1994). This has commonly been

attributed to variations in the accretion rate. Occultation of the photosphereby disk material has

beensuggestedasa mechanism for longer timescaleirregular variabilit y, as in the caseof the PMS

star UX Ori (Herbst et al., 1994) or, more recently , KH15D (Hamilton et al., 2001). This type

of variation has been observed on timescalesof days, weeksand years. It is typi�ed by a dips in

brightness, typically of lessthan 1 magnitude from the mean, though someobjects vary by more

than 3 magnitudes (Herbst & Shevchenko, 1999).

The most spectacularvariations that areobserved in PMS stars areFU Ori outbursts. During

one of theseevents the brightnessof a PMS star may increaseby several magnitudes. In the case

of the protot ypical outburst of 1936-37,the brightness FU Ori increasedby 6 magnitudes in B

over the course of a few months, but declined by less than a magnitude during the subsequent

four decades(Herbig, 1977). Several examplesof objects that have undergonesuch events are now

known, with timescalesfor reaching maximum ranging from a few months to decades(e.g. Herbig,

1977; Ibragimov, 1997; Hartmann & Kenyon, 1996). The FU Ori phenomenonis attributed to



122

episodes during which the mass accretion rate through the circumstellar disk of a T Tauri star

rises as high as 10� 4M � yr � 1, from the low state of typically 10� 7M � yr � 1 (e.g. Hartmann &

Kenyon, 1985,1987;Kenyon et al., 1988).

5.1.5 PMS binaries

The presenceof unresolved binary systemsis expectedto broadenthe PMS in C-M spaceasbinary

systemswill be brighter, and, in the caseswhere the massratio (q) is lessthan 1, redder than the

expected colour and magnitude for the primary. Determining properties such as binary fraction,

massratio and period distribution in PMS populations has been attempted for the last 20 years

or so. The Taurus-Auriga (Tau-Aur) T-association has been intensively studied by a number of

authors. Leinert et al. (1993) found 42� 6% of systemsto be multiple systems. In a review of work

on PMS binaries, Mathieu (1994) drew several studies together to arrive at lower limit of 51% for

multiple systemsin the sameregion. The results of several studies into the period distribution of

PMS binaries are also drawn together in the samereview. The distribution of orbital periods is

found to peakat between4 and 6 days, which is similar to what is found for main-sequencebinaries.

Ghezet al. (1993) found a somewhatsmallerproportion of binary systemsin the Scorpius-Ophiucus

region of 34� 7%.

Reipurth & Zinnecker (1993) investigated binary systemswith separationsof between 150

and 1800AU, and found that 16� 3% of systemsin the southern hemispherewithin 150 pc are of

that type. The samestudy alsofound that the frequencyof such binaries decreasedwith increasing

separation. Mathieu (1992), on the other hand, found that short period binaries were lesscommon

than intermediate period binaries in Tau-Aur. More recently , Kraus et al. (2005) found binary

fraction of 33� 17%in the Upper ScorpiusOB association, considerably lower than the lower limit

of 51% found by Mathieu (1994) for Tau-Aur. Siesset al. (1997) simulated the H-R diagram for

the Pleiades,and found that a binary fraction of 40� 5% was required for a good match the real

H-R diagram.

The distribution of mass ratios for low-mass PMS binaries is not well constrained at this

time, due to the small number of PMS spectroscopicbinaries that have beenidenti�ed in any one

star forming region. For low-massmain-sequencestars, however, the massratio distribution has
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beenfound to be bimodal, with peakslocated at q � 0:8 and q � 0:2 (Goldberg et al., 2003). Most

recently , Burgasseret al. (2006) have characterised the massratio distribution for very low-mass

objects as being strongly peaked at equal masses(with q > 0:8), with most binaries being found

with small separations.

The rest of this chapter is laid out as follows. In Section 5.2 we describe our observations

and data reduction. In Section 5.3 we describe how we have simulated the spreadsin each of our

associations in turn, and give the basic results. Theseresults are discussedin Section 5.4, and our

conclusionsare summarisedin Section 5.5.

5.2 Observ ations and data reduction

All observations were carried out using the Wide Field Camera (WF C) mounted on the Isaac

Newton Telescope (INT) at the Roque de los Muchachos Observatory, La Palma. Our �rst epoch

data set for � Ori is the same as that presented by Kenyon et al. (2005). It was made up of

observations taken on the nights of 27-30September 1999of 5 �elds of view (FoV) in the Harris R

and Sloan i 0 �lters. We carried out observations of 4 FoVs coincident with Kenyon et al's survey

on the night of 7 September 2003, using the same �lters. The new observations are detailed in

Table 5.1. We haveobtained new data for both epochs for our Cep OB3b survey. We haveobserved

a singleWFC FoV in this region, chosento cover the areawith the highest density of PMS objects

identi�ed by Pozzo et al. (2003). Observations were taken on the nights of 12 September 2003

and 28 September 2004using Harris V and Sloan i 0 �lters. Again the observations are detailed in

Table 5.1. The observations of 28 September 2004 were carried out by Dr. Stuart Littlefair and

Mr. Eric Saunders.

Data obtained in 2003 and 2004 were reduced in an identical manner. Flat�elds and data

frameswerelinearisedusing the 2003August coe�cien ts1, and then bias subtracted using a median

bias frame speci�c to each night. We 
at �elded the data using frames constructed from twilight

sky 
at�elds taken during the sameobservingruns asthe data being corrected. The i 0-band frames

weresuccessfullydefringedusing a fringe frame from 2001September, obtained from the web pages

1Seehttp://www.ast.cam.ac.uk/ � wfcsur/tec hnical/foibles/index.php for details
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of the Cambridge Astronomy Survey Unit (CASU).

Optimal photometry was performed using the method laid out by Naylor (1998) and Naylor

et al. (2002), and described in detail in Chapter 2. We have allowed the pro�le correction to vary

with position on each chip, and �tted it with a 3rd order polynomial in the x-axis and a 5th order

polynomial in the y-axis. We do not apply the `ill-determined sky' 
ag for the Cep OB3b data, and

we allow the thresholds for its application to vary from �eld to �eld for the � Ori data. For obvious

reasonswe did not apply the `variable' data quality 
ag to reject objects that showed evidenceof

variabilit y. An astrometric solution wasobtained through comparisonwith a 2MASS cataloguefor

each FoV. The RMS of the residuals to the 6-coe�cien t �ts were all lessthan 0.1 arcsec.

As described in Chapter 2, overlap regions between pointings were used to normalise the

cataloguesfor each pointing onto a single system. We have used the samemethod to bring ob-

servations from 2 epochs for each of our target regions to the same system. In the caseof the

� Ori data, the way in which 
at�elds were normalised had changed between the two epochs, so

the data from each epoch were treated slightly di�eren tly . When the 1999data were reduced, the


at�eld for each chip on the WFC was normalised separately. By the time the 2003 data were

reduced, the reduction software had been changed such that the 
at�elds for all 4 chips in each

pointing were normalised together. As such, prior to cataloguenormalisation, the 1999exposures

were combined to produce 1 cataloguefor each chip, whilst the 2003exposureswere combined to

produce1 cataloguefor each pointing. The overlap regionsbetweenthe interlocking pointings were

then usedto normalise the cataloguesonto a single system.

To verify that there were no major sourcesof error intro duced at the image processingstage

we checked that the distribution of positive and negative di�erences between observations were

uniform with position on the sky for the � Ori data. We found that the trends in the di�erences

betweenobservations were correlated with the pixel coordinates on each chip from the 1st epoch

catalogue. Kenyon et al. (2005) found the RMS of di�erences betweenoverlap stars seenin their

data to be 0.05 mags and speculated that it was due to problems with the 
at�eld, which is

consistent with what hasbeenseenhere. They state that the camerawassu�ering from light leaks

during their observing run, and it is likely that this is the origin of the problem. We �tted the

trends in the di�erences in x and y for each chip with 1st and 2nd order polynomial functions,

and corrected the magnitudes of the objects in the 1st epoch catalogue accordingly, prior to re-
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normalising the 2 epochs. The RMS of the di�erences in the magnitudesin the interlocking overlap

regions after normalisation suggestedthat an additional magnitude independent uncertainty of

about 0.01 magswas also present. As in Naylor et al. (2002), this uncertainty was included in the

uncertainty estimate for all objects. Following this we found that positive and negative di�erences

for the � Ori data were spatially uncorrelated.

Sinceno overlap regionswerepresent in the Cep OB3b data sets,we could not usethe results

of the normalisation to determine the size of any additional uncertainty, so we applied the same

value as found for the � Ori data set. The distribution of positive and negative di�erences were

found to be spatially uncorrelated in the Cep OB3b data set.

We have not applied a measuredphotometric calibration to our �nal cataloguesasthis would

have involved transforming our Harris and Sloanmagnitudes and colours into the Cousinssystem.

Such a transformation would risk intro ducing spurious correlations betweenvariabilit y and colour,

whilst not improving our experiment in any way. As such we have simply applied meanzeropoints

to our magnitudes and colour coe�cien ts to our colours to construct our CMDs.

5.3 Simulation of photometric spreads

5.3.1 The � Ori subgroup

The � Ori young group has been the subject of a number of spectroscopicstudies aimed at iden-

tifying bona �de members. In particular two campaigns(Kenyon et al., 2005;Burningham et al.,

2005b)weresuccessfulin identifying a large number of members present in the catalogueobtained

from the 1st epoch observations. The latter of these is described in Chapter 4 of this thesis. Im-

portantly , these spectroscopicsurveys also demonstrated that photometric selection of the PMS

objects in this region is not subject to seriouscontamination, and doesnot misssigni�can t numbers

of bona �de members. As such we have used the membership lists from thesestudies to de�ne a

PMS region in the CMD, with minimal contamination, from which we have drawn our sample(see

Figure 5.1). Only objects with little doubt as to their membership have been used to guide the

photometric selection. In the caseof the Burningham et al. (2005b) cataloguethis meant objects

with greater than 90% membership velocity probabilit y. In the caseof the Kenyon et al. (2005)



126

cataloguethis meant objects which displayed strong Li absorption, evidenceof low surfacegravit y

and the appropriate radial velocity.

To test if the observed C-M spread is a�ected by variabilit y we have assumeda single age

for the young group and then simulated the PMS using an estimate of each object's variabilit y,

derived from our 2 epoch observations. This method implicitly includes the e�ect of photometric

uncertainty.

To verify that our PMS selection is indeed more variable than the background we have

compared the RMSs of the di�erences between the two sets of observations for the background

objects and for the PMS selection. To make such a comparison meaningful we have restricted

our sample to those i 0 magnitudes where the uncertainties are small. In Figure 5.2 we plot the

uncertainty in the R � i 0 di�erences (thus incorporating uncertainties from both epochs) against i 0

(2nd epoch). As can be seen,the uncertainties rise sharply fainter than i 0 = 18, as the uncertainty

in the photon counting statistics of the sky begins to dominate. Brighter than i 0 = 16, some

objects also display higher uncertainties. This is becausefor thesepoints the 1st epoch data were

drawn mainly from a short exposure. In the range15 < i 0 < 18 the uncertainties are dominated by

the small magnitude independent uncertainty measuredduring the normalisation of the catalogues

(seeNaylor et al., 2002, and Section 5.2). Based on this plot we restrict our comparison of the

RMSs to the range 15 < i 0 < 18. The RMS of the di�erences betweenthe two setsof observations

indicate that the objects in the photometric PMS selection are signi�can tly more variable than

those in the background. The RMS for the di�erences in i 0 are 0.05 for the background and 0.09

for the PMS region. In R � i 0 the RMSs are smaller: 0.02 for the background; 0.04 for the PMS

region.

We placedthe objects on a singleempirical isochrone by �tting a 3rd order polynomial to the

photometrically selectedPMS in the CMD. Each point usedfor �tting the polynomial is weighted

according to its uncertainty in R � i 0, with the points carrying the greatest uncertainty having the

smallest in
uence on the �t. A point wasthen placedon this empirical isochroneat the appropriate

magnitude for each PMS object. One can view this as moving each point in colour until it falls on

the isochrone.

Having placed each point on the isochrone, we simulated the e�ect of binaries by splitting

this empirical isochrone into a single star and an equal massbinary sequence.We did not assume
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Table 5.1: Summary of Observations
Field Name � Ori 1 � Ori 2 � Ori 3 � Ori 4 Cep OB3b
RA(J2000) 05 40 14.2 05 40 13.1 05 38 07.7 05 38 07.4 22 55 43.3
Dec(J2000) -02 20 18.1 -02 51 48.0 -02 20 18.0 -02 51 51.0 +62 40 13.7

Filter R i' R i' R i' R i' V i'
2003-09-07 600s 300s 600s 300s 600s 300s 600s 300s - -
2003-09-12 - - - - - - - - 30s,2s 13s,2s
2004-09-28 - - - - - - - - 30s,5s 300s,30s,5s

Figure 5.1: The CMD for the 2nd epoch Ri 0 catalogue. Spectroscopicmembers of Kenyon et al.
(2005) and Burningham et al. (2005b) are shown as asterisks. Objects identi�ed as non-members
in the samestudies are shown as open circles. The solid line indicates the location of the cut for
our PMS selection.
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Figure 5.2: A plot of the uncertainty in �( R � i 0) against i 0 for the FoV centred on the � Ori
subgroup.
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a binary fraction, but rather simulated spreadswith a range of fractions. For each binary fraction

we randomly selectedthat proportion of objects to be o�set in magnitude by an amount equal to

0:75(1 � f bin ), and the rest by 0:75 � 0:75(1 � f bin ). This gave rise to a di�erence of 0.75 mag

between the two sequences,as would be expected from equal massbinaries. We do not attempt

to simulate q < 1 binaries as thesewould fall within the envelope bounded by our two sequences,

and thus would not have a signi�can t impact the results of this investigation.

To simulate the e�ect of variabilit y we next moved each point by an amount in both magni-

tude and colour equal to (� =
p

2), where � is the observed di�erence betweenthe two observations

for that point. Characterising the variabilit y in this manner for each object in turn has distinct

advantages over parameterising the scatter of the whole sample, as any correlations between � i 0

and �( R � i 0) have beenincluded without any assumptionsas to the sourceof the variabilit y. Fur-

thermore, any correlation of variabilit y with magnitude hasalsobeenincluded, ashasthe in
uence

of photometric uncertainty.

A further sourceof scatter that might in
uence the observed spreadis di�eren tial reddening.

Wehaveneglectedthe e�ects of di�eren tial reddeningin this simulation sincethe extinction towards

� Ori is low, with a colour excessof just E(B � V ) = 0:05 (Lee, 1968). To select which binary

fraction gavethe best match to the data, and thus which onewould be usedfor subsequent analysis,

weconstructeda � 2
� estimate for each simulation by comparinga histogram of the residualsin R� i 0

from the polynomial �t to the data, with a histogram of the residualsfrom a polynomial �t to the

simulation. The histograms were all constructed in an identical manner: we placed the residuals

in bins of width 0.05magsstarting at -0.5 and ending at +0.5. Becausewe useda random number

generator to select the objects that make up the binary sequence,we ran each simulation 1000

times to obtain a mean value for � 2
� , thus reducing the noise for the determination of the most

likely binary fraction. Figure 5.3 shows a plot of mean � 2
� against binary fraction. Clearly there is

no sharp minimum in the value of � 2
� , but a broad minimum is centred on 50%. We present one

realisation of the simulation for a binary fraction of 50% in Figure 5.4.

Comparison of panels(a) and (c) in Figure 5.4 indicates that the combination of variabilit y

and binarit y are not able to account for the spreadin the PMS. In Figure 5.5 we show histograms

of the residualsabout 3r d order polynomial �ts to the observed PMS and the simulated PMS (solid

and dotted line) for the 15 < i 0 < 18 region of the CMD. Again, it is clear that the combination
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Figure 5.3: The mean � 2
� for the simulated PMS compared to the observed PMS plotted against

binary fraction, shown as a percentage for the PMS objects near � Ori.
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of binarit y and variabilit y on timescalesof � 4 years, are not su�cien t to explain the spread in

C-M spacefor this PMS. With such a poor match to the observed spreadit is clear why Figure 5.3

displays no sharp minimum in � 2
� , but rather a broad minimum centred on 50%. A binary fraction

of 50% maximises the size of the spread, for a given estimate of variabilit y. The assumption of

a q = 1 binary population also increasesthe value of � 2
� as it intro duces a double peak to the

spreadwhich is not present in the data. The FWHM of the spread in residuals in (R � i 0) about

the polynomial �t to the observed PMS, shown in Figure 5.5 is approximately 0.3 mags. This is

consistent with the width of the PMS observed by Sherry et al. (2004) in V � I for more massive

members of the samegroup.
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Figure 5.4: CMDs for the � Ori young group showing: (a) the PMS selectedobjects as asterisks; (b) the �tted single star and binary
sequencesfor a binary fraction of 50%; (c) the simulated PMS for the samebinary fraction.
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Figure 5.5: Histograms of the residualsin R � i 0 about polynomial �ts to the observed PMS (solid
line) and the simulated PMS (dotted line) for the � Ori PMS sample(binary fraction 50%).

5.3.2 Cep OB3b

In this casewe do not have the bene�t of such a large spectroscopicsampleas in the � Ori group.

As a result, we have no estimate of the likely contamination from �eld stars, or the true extent of

the PMS region in C-M space.There have, however, beena number of studies that have identi�ed

likely low-massmembers using a variety of techniques. Ogura et al. (2002) usedH� spectroscopy

to identify classicalT-T auri stars (CTTSs) in the vicinit y of bright rimmed clouds, and found 33

likely members of Cep OB3b, of which 16 are identi�ed in our catalogue. Naylor & Fabian (1999)

used ROSAT observations to identify 56 X-ray sourcestoward Cep OB3b using both HRI and

PSPC observations. We have crosscorrelated their X-ray catalogue with our optical catalogue,

matching the brightest star within a radius of 14" for the PSPC positions and 7" for those from
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HRI. We �nd 21 PSPC objects correlate with objects in our catalogue,and 14 HRI objects. We

reject all objects that lie in the Galactic background region on the left of the CMD from further

usein this study as they are likely non-members (Burningham et al., 2005b), identi�ed by chance

correlations with our catalogue. All of theseobjects were identi�ed by the X-ray study carried out

by Naylor & Fabian (1999), which did not correlate optical data with X-ray sources. We accept

as likely members those X-ray sourcesthat correlate with objects in the expected PMS region of

the V i 0 CMD shown in Figure 5.6. Pozzoet al. (2003) usedradial velocities and Li i absorption to

identify both CTTSs and WeakT-T auri stars (WTTSs) in Cep OB3b, and found 5 CTTS members

and 5 WTTS members. Of these,all of the CTTSs and all-bar-one of the WTTS are found in our

catalogue. Pozzoet al. (2003) were also able to rule out membership for a number of objects and

these are also indicated on the CMD. Figure 5.6 shows the CMD for the �rst epoch data, with

members from each survey overlaid, along with non-members from Pozzoet al. (2003). Since we

are unable to make a reliable PMS selectionbeyond those members selectedby previous authors,

we simulate the photometric spreadfor these49 likely members. Sincemore than half our sample

has been selectedon the basis of X-ray activit y, it might be argued that our sample is biased in

favour of objects with the greatest rotational variabilit y: WTTSs. On the other hand, WTTS

variabilit y is smaller in magnitude than non-periodic CTTS variabilit y. As such, our simulation

should still provide an indication of the contribution from variabilit y to the observed spreads.

We have veri�ed the variabilit y of our member samplefor Cep OB3b in the samemanner as

for the � Ori sample. Figure 5.7 shows the uncertainty in the (V � i 0) di�erences as a function

of V (1st epoch). It is clear that the uncertainties start to increasedramatically fainter than

about V = 18, and step up slightly at brighter than V = 13 for reasonssimilar to those described

in Section 5.3.1. As such we have calculated the RMSs for objects in the range of magnitudes

14 < V < 17.5. The RMS of the di�erences between the two sets of observations indicates that

the likely members are signi�can tly more variable than the rest of the sample. The RMS of the

di�erences in V are 0.07 for the total sample, compared with 0.11 for the likely members. In

(V � i 0) the RMSs are smaller: 0.03 for the total sample; 0.07 for the likely members. A similar

result is obtained if we attempt to make a photometric PMS selection. This indicates that a high

proportion of objects in this region of the CMD may also be PMS members of Cep OB3b.

The member sequencewassimulated in the samemanner as the PMS samplein the previous
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Figure 5.6: The CMD for the 1st epoch Cep OB3b data. Members identi�ed by Ogura et al. (2002)
are shown as open triangles, those from Naylor & Fabian (1999) are shown as asterisks, WTTSs
from Pozzo et al. (2003) are shown as open circles. Con�rmed non-members from Pozzo et al.
(2003) are shown as crosses.Those WTTS that were identi�ed in both Naylor & Fabian (1999)
and Pozzoet al. (2003) are shown as �lled circles. Note the X-ray sourcesfrom Naylor & Fabian
(1999) that lie in the background region to the left of the CMD. As described in the text, these
objects have beenexcluded from our simulation sample.
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Figure 5.7: A plot of the uncertainty in �( V � i 0) against V for the FoV in Cep OB3b.
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Figure 5.8: The mean � 2
� for the simulated member sequencecompared to the observed member

sequenceplotted against binary fraction, shown as a percentage for likely members of Cep OB3b.

section. As before, we were able to neglect the e�ect of di�eren tial reddening in our simulation,

but for a di�eren t reason. Pozzo et al. (2003) found that the reddening vector in a V=V � i 0

CMD lies nearly parallel to the PMS for sight-lines toward Cep OB3b. As such the di�eren tial

reddening is unlikely to add any spreadto the observed sequence.The only di�erence betweenthe

two methods is that we have useda di�eren t bin sizeand range when constructing the histograms

usedfor determining � 2
� . Becausethe samplesizeis smaller we useda larger bin width (0.1), whilst

extending the range of the bins (-2.0 - +2.0) to include somelarger residuals. As can be seenin

Figure 5.8, a binary fraction of 25% givesthe closestmatch to the data.

The �tted member sequencefor this binary fraction is shown overlaid on CMD (b) in Fig-

ure 5.9, whilst the simulated member sequenceis shown on CMD (c) of the same �gure. In

Figure 5.10 we have plotted a histogram of the residuals about the �t to the data and the simu-
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lation for the 14 < V < 17:5 region of the member sequencefor one realisation of the simulation,

using a binary fraction of 25%. Inspection of Figures 5.9 and 5.10 indicates that, as was seenin

the previous section for the � Ori young group, the combination of binarit y and variabilit y on a

timescaleof � 1 year is not able to explain the spreadof members in C-M space.
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Figure 5.9: A CMD showing the �tted single star and binary member sequencesas lines of red asterisksfor a binary fraction of 0.25 for
the Cep OB3b.
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Figure 5.10: Histograms of the residuals in V � i 0 about polynomial �ts to the observed member
sequence(solid line) and the simulated member sequencewith a binary fraction of 25% (dotted
line) for Cep OB3b.

5.4 Discussion

We have shown that photometric variabilit y on timescalesof 1-4 years is not able to account for

the spread in C-M spaceoccupied by either of our sequences.If we assumethat the in
uence of

variabilit y and binarit y are addedto the underlying distribution in quadrature, we can estimate the

proportion of the observed spreadthat is accounted for here and that which remains unaccounted

for. In the caseof the � Ori young group it appears that short term variabilit y can account for

about half of the observedspreadin Ri 0 C-M space.The RMS of the residualsabout the polynomial

�t is 0.084mags for the observed PMS, and 0.057mags for the simulated sequence,which leaves

0.062magsunaccounted for. Short term variabilit y can only account for about 1/20 of the spread
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in Cep OB3b, where the RMSs of the residuals about the polynomial �ts are 0.20 mags for the

observed member sequence,and 0.075for the simulated sequence,leaving 0.185magsunaccounted

for.

5.4.1 The nature of the variabilit y

Figures 5.11and 5.12show the measureddi�erences in colour and magnitude for the objects in our

�nal samplefor each of our regionsof interest. The distribution of C-M shifts is clearly di�eren t for

the two regions, which is not surprising considering the di�eren t colours used for each case. The

diagonal distribution of the Cep OB3b di�erences demonstratesthat the variabilit y seenhere will

only tend to move objects up and down an isochrone, and will have little impact on the apparent

agespread. Thesedi�erences, which indicate that objects get bluer when brighter, are consistent

with variabilit y arising from hot or cool spots on the surfacesof PMS stars rotating in and out of

view. The di�erences shown in the plot for the � Ori subgroupdisplay an uncorrelateddistribution,

which will tend to displace objects acrossisochrones more. As a result, the simulations carried

out for this region display a greater apparent agespread. Sincethe � Ori observations are in Ri 0,

they are lesssensitive to colour changesassociated with rotational variabilit y than V i 0 observations

(Herbst et al., 1994), and so the di�eren t distributions of di�erences do not necessarilyimply a

di�eren t origin.

Our observations rule out variabilit y on timescalesof 1-4 years as the entire causefor the

observed C-M spreads. The mechanisms this therefore excludesare rotation of hot or cool spots,

and short timescale non-periodic T-T auri variabilit y, such as that causedby accretion noise or

chromospheric 
aring. We can also rule out variabilit y associated with rotation of structures in

the disc out to a radius of 1 A.U as a source for the C-M spread, since the rotation of such

structures should occur within a year. It is also unlikely that rotation of bright structures beyond

1 A.U would be responsible for the C-M spread as the temperature in a thin disc drops rapidly

with distance, such that at a radius of 1 A.U the temperature is � 100 K. As such the outer disc

is only likely to contribute appreciable 
ux in the far-IR.

The RMS of residuals about the polynomial �t to the simulated PMS is larger in Cep OB3

than the � Ori young group. Since accreting objects are known to be more variable that non-
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Figure 5.11: A plot of � i 0 against �( R � i 0) for the 15 < i 0 < 18 region of the PMS in � Ori. The
points are plotted with error bars.

Figure 5.12: A plot of � V against �( V � i 0) for the 14 < V < 17:5 region of the member sequence
of Cep OB3b. The points are plotted with error bars.
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accreting objects, this is consistent with the observed incidence of accretors in the two regions.

Kenyon et al. (2005) found the fraction of low-massaccretors to be 10 � 5% in the � Ori young

group, whilst the small number of members identi�ed by Pozzoet al. (2003) in Cep OB3b suggest

about 50% of objects there are accretors.

Since longer timescalevariabilit y may be the origin of the remaining unexplained spreadwe

cannot con�rm the reality of the apparent agespreads. However, what is clear is that the actual

sizeof either agespreadis smaller than that observed, and possibly zero. Returning to the RMSs

of the residualsabout the polynomial �ts, we recall that the unaccounted for spreadhas an RMS

of residuals about the �t of 0.062mags in the caseof the � Ori subgroup, and 0.185mags in the

caseof Cep OB3b.

It is tempting read much into the observation that the larger remaining spreadis seenin the

association whosenatal molecular would have had the larger crossingtime. However, it should be

noted that in the caseof the � Ori subgroup the apparent spread, and thus the underlying one

also, may be larger sincewe were conservative in our PMS selection. As can be seenin Figure 5.1

we have actually excluded somemembers in order to avoid risking signi�can t contamination by

non-members in our photometric selection. The excludedmembers have the samemeanvariabilit y

as the members that were selected,so the simulated spread has not been altered signi�can tly by

their exclusion.

Although we are con�dent that our selectionis not subject to signi�can t contamination (see

Burningham et al., 2005b; Kenyon et al., 2005), there will, none-the-less,be somenon-members

included in the sample. These objects will not increasethe size of the observed spread since our

con�rmed members span the entire selectedregion of the CMD (seeFigure 5.1). However, it is

likely that they will reducethe RMS of residualsabout the polynomial �t to the simulated spread,

asany non-memberscan be expectedto be lessvariable than the members. If this is the case,then

it may still be that the remaining unexplained spreadin the � Ori is very small.

It is still possiblethat the C-M spreadsarise as a result of someother kind of photometric

variabilit y. Such variabilit y could arise from variations in accretion 
o w causedby stellar magnetic

cycles(e.g. Armitage, 1995),with time-scalesof a few yearsto decades.Alternativ ely, much longer

time-scale variabilit y such as that resulting from accretion-driven age spreads(AD AS) could be

to blame. Fundamentally , the in
uence of such long term accretion processeson the presenceof
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apparent agespreadswould be best determined through a study of accretion rates acrossa large

number of objects in associations that display a range of apparent spreads,rather than a longer

baselinevariabilit y study.

5.4.2 Apparen t age spread and absolute age

As was brie
y discussedin Section 5.1.3, the sizeof agespread inferred from a given photometric

spreaddependson the median ageof the star forming region in question. This should be borne in

mind when interpreting any unexplained spread in terms of an agespread. For example,consider

the � Ori young group. If we accept an age of 5 Myrs and a distance of 350 pc, as we did in

Chapter 4, then the remaining R � i 0 spread of 0.062 mags represents a spread of approximately

4 Myrs (3.5 - 7 Myrs), basedon the separation of NextGen isochrones(Chabrier & Bara�e, 1997;

Bara�e et al., 2002) at i 0 = 16:5. If on the other hand we adopt the age found by Sherry et al.

(2004) of 2.5 Myrs and the distance they used for that estimate, 440 pc, we �nd the remaining

(R � i 0) spread corresponds to an age spread of approximately 2 Myrs (2 - 4 Myrs). Since the

degreeof agespreadpermitted in the RSF paradigm is similar to the timescalefor star formation,

this remaining spread is compatible with that scenario.

In the caseof the Cep OB3b association, Pozzoet al. (2003) found the agesof PMS objects

to range from < 1 Myr to nearly 10 Myrs using isochroneslaid onto a V=V � I CMD. As has been

shown here, variabilit y and binarit y can only account for a small fraction of this spread. Such a

large remaining spreadis hard to reconcilewith the RSF paradigm.

5.5 Conclusions

We have used2 epoch, 2 colour photometry to investigate the in
uence of photometric variabilit y

on the apparent age spreads in CMDs. We have found that the combination of binarit y and

variabilit y on timescalesof � years cannot account for the observed spread in C-M space. We

arguethat the remaining unexplainedspreadmust either re
ect a genuine spreadof ages,or longer

timescalevariabilit y associated with the changesin the accretion 
o w onto the PMS objects.
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6 Conclusions

6.1 Discussion and conclusions

Nearly one hundred years ago the �rst CMDs and H-R diagrams were plotted. They had an

immediate impact on how the evolution of stars wasunderstood. As tools for comparing theory to

observation in astrophysicssuch diagrams are no lessimportant today than they were then. Over

the last four chapters the use of CMDs in the study of PMS stellar evolution and star formation

has beenexplored. It has beendemonstrated that usetheir is central to thesestudies.

In Chapters 2 and 3, X-ray data wasusedin conjunction with V I CMDs to identify low-mass

PMS stars in an OB association and a young cluster. In the latter of thesecasesthe location and

number of PMS stars was used to help resolve a long standing controversy over the nature of

Cr 121,con�rming its status asa young cluster at a distanceof just over 1 kpc, as found by Eggen

(1981) and Kaltc heva (2000).

Whilst X-ray selectionon CMDs has beenshown to be an e�ectiv e way of identifying PMS

stars, it is biased toward selecting X-ray bright objects. As such it cannot be the method of

choice when selectingsamplesfor studying fundamental observablesof star formation such as the

IMF or the existence of age spreads. The investigation detailed in Chapter 4 concluded that

selecting samples of PMS objects in OB associations based on their location on a CMD does

not exclude signi�can t numbers of bona-�de members. It also con�rmed that for I < 17 such

selectionsare not subject to signi�can t contamination by non-members. The work presented in

that chapter also highlighted the potential for the use of the 8183, 8195 �A Na i doublet as an

unbiased,two pronged, membership diagnostic (radial velocity and surfacegravit y) for identifying

very low-mass objects beyond the lithium burning limit (i.e. for M < 0:06M� ). The use of

lithium absorption in combination with radial velocities remains the most e�cien t and robust

method for selectingmembers within the lithium burning massrange. However, below this range

I conclude that observations of the 8183, 8195 �A Na i doublet at su�cien t signal-to-noise to

measureEW(Na i) < 1 �A provide the most robust and e�cien t diagnostic for young members

of OB associations below 0.06 M � . Such observations would ideally be carried out using �bre

spectroscopy of large numbers of candidate objects, selectedfrom V=V � I and I =R� I CMDs, on
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an 8 m classtelescope. An instrument such as FLAMES on the VLT would be ideal for this kind

of work.

In Chapter 5 the work continued to focus on the statistical properties of PMS stars on

the CMD: the role of photometric variabilit y in giving rise to apparent age spreadson CMDs

for OB associations was investigated. Two epoch optical photometry was used to simulate the

spread on CMDs that could be attributed to the combined e�ects of variabilit y, binaries and

photometric uncertainty. Two OB association-lik e environments were used for this study: the

� Orionis subgroup and a FoV within the Cep OB3b association. It was concluded that the

combination of factors accounted for in this experiment could not account for the entire C-M

spreadin either case.In the caseof the � Orionis subgroup the simulation wasable to account for

about half the observedspread. The remaining spreadin this caseis compatible with the rapid star

formation paradigm. In the caseof Cep OB3b the simulation was only able to account for about

one twentieth of the observed spread. The large remaining apparent age spread in Cep OB3b is

not consistent with the rapid star formation paradigm.

The projects described in this document have explored the di�eren t roles that CMDs can

play in the study of star formation and PMS evolution. It has beendemonstrated that:

- CMDs provide the ideal observational plane in which to identify PMS objects with the aid

of ancillary data;

- the location of PMS objects on CMDs in conjunction with models of PMS evolution can

be usedto resolve the structural nature of groups along a sight-line;

- photometric sampleselection of PMS objects using the RI CMD for the � Orionis young

group doesnot exclude signi�can t numbers of bona-�de members;

- at I < 17 ((M >� 0:05M� for an ageof 5 Myrs) photometric sampleselectionusing the RI

CMD for the � Orionis young group is not subject to severe contamination;

- radial velocities measuredusing the 8183, 8195 �A Na i doublet can provide an unbiased
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estimator of both contamination and exclusion in photometric samples;

- apparent agespreadson CMDs for OB associations cannot beaccounted for by the combined

e�ects of photometric variabilit y on timescalesof 1-4 years,binaries and photometric uncertainty;

6.2 Future work

The techniques developed in Chapter 4 for assessingmembership of OB associations using the

8183,8195 �A Na i doublet should be applied to a range of OB associations at a range of galactic

longitudes and latitudes to get a broader understanding of how contamination of photometric

samplesmight changewith sight-line, and at fainter magnitudes. The samplesof low-massPMS

stars obtained as part of such a study would also allow for a study of how luminosity functions

(LFs) change with the age of OB associations. This comparison of LFs with age would be a

valuable tool for re�ning PMS models, and would pave the way for more preciseestimatesof the

IMF over a rangeof environments. I havealready obtained a B V I imaging survey of over 130FoVs

centred on early-type B-stars, O-stars and WR stars with a view to this task being performed.

Approximately 70 FoVs have had a preliminary data reduction carried out, and apparent PMSs

are visible on approximately 20 of the CMDs. Recently Tim Naylor and Nathan Mayne obtained

�bre spectroscopy of candidate PMS targets in several of these FoVs with a view to con�rming

their PMS status through lithium absorption and H� emission.

In the near future early releasesof the UK infrared deepsky survey (UKIDSS) will become

available. This survey will facilitate the identi�cation of candidate low-massPMS stars and brown

dwarfs irrespective of OB association membership. As such it will provide useful incite to the

distribution of low-massobjects beyond the usual borders of OB associations, as de�ned by their

higher massmembers. Onedraw back of this kind of survey, however, is the fact that contamination

from background giants in the PMS region can be expected to be higher on IR CMDs. Since the

portion of UKIDSS which would be of use for this task is restricted to within about a degree

of the Galactic plane, it will complement the O-star survey described above excellently . This is

becausethe O-star survey described above avoided precisely this region due to the high level of



148

extinction frequently found along sight-lines with jbj <� 1� . It will also allow the identi�cation of

more embeddedclusters.

Identifying di�erences in the very low-massregion of the IMF in di�eren t environment would

be of great importance for constraining theories of star formation. Whilst the O-star survey

described above would make a good starting point for searching for such di�erences, it excludes

the lowest massregions: T associations. The INT/WF C Photometric H-alpha Survey (IPHAS) of

the northern Galactic plane will �ll this gap. This survey will be particularly sensitive to CTTSs,

and can be expected to identify new T-associations. Currently only a handful of T associations

are known, so this survey can be expected to greatly increasethe sample size for studies of this

kind of region.

The conclusion that the apparent age spreadson CMDs of OB associations could not be

accounted for by the combined e�ects of photometric variabilit y, binaries and photometric uncer-

tainty left a number of alternativ e explanations for the C-M spreadsavailable. One of these was

the possibility that the apparent agespreadcould arise as a result of longer term variabilit y asso-

ciated with accretion processes,or from a range of accretion rates (and thus luminosities) across

the sampleof PMS objects. A seriesof observations to test this possibility has beenobtained by

Tim Naylor and Nathan Mayne. Measuring the veiling of spectral lines can provide an estimate of

the contribution due to accretion 
ux to an object's magnitude. By assessingif there is a correla-

tion between apparent age spread and scatter of accretion 
uxes it will be possibleascertain the

importance of this mechanism in producing photometric spreads.
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